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ABSTRACT

Understanding the formation channels of binary black holes (BBHs) is one of the

most urgent astrophysical questions raised by the results of the LIGO-Virgo collab-

oration (LVC). Two of the most likely proposed scenarios are isolated binary evolu-

tion and dynamical formation in star clusters (SCs). Lots of work has been done on

the effects of dynamics on gravitational wave (GW) sources. Most previous stud-

ies focus on globular clusters and nuclear SCs, neglecting young SCs. Young SCs

host fewer stars than globular and nuclear SCs, but they make up the vast ma-

jority of the SCs in the Universe (Kroupa and Boily, 2002), and their cumulative

contribution to black hole (BH) demography may thus be significant. The aim of

this Thesis is to understand what is the global effect of dynamics of young SCs

on BHs, focusing on GW sources. To investigate this topic, I make use of numer-

ical simulations of SCs. During my PhD, I have interfaced the direct Nbody code

Nbody6++GPU (Wang et al., 2015) with the population synthesis code MOBSE (Gia-

cobbo et al., 2018), to perform accurate N-body simulations with up-to-date stellar

evolution. I have run a suite of 104 simulations of young SCs with different initial

mass (103 M¯ ≤ MSC ≤ 3 × 104 M¯), metallicity and radius. I have integrated my

SCs with a 40% initial binary fraction and fractal initial conditions, to mimic the

clumpiness of star forming regions.

I find that dynamics significantly affects the properties of merging BBHs in young

SCs: dynamical exchanges favour the formation and the merger of massive BBHs

with total mass up to mtot ∼ 140 M¯ and with mass ratio ranging from q ∼ 1 to

q ∼ 0.1 (although large mass ratios are more likely). For comparison, merging

BBHs evolved in isolation have maximum total mass mtot . 80 M¯ and a signif-

icantly stronger preference for large mass ratios. Metallicity strongly affects the

mass spectrum of BHs, BBHs and merging BBHs, which tend to be more massive

in metal-poor SCs. We find ∼ 6%, ∼ 2%, and < 1% of BHs with mass mBH > 60M¯
at Z = 0.0002, 0.002 and 0.02, respectively. Based on our simulations, the most

massive LIGO–Virgo events (GW170729 and GW190521) and the first unequal-mass

merger (GW190412) can only be explained by exchanged BBHs in metal-poor SCs.

Another important difference between the isolated and the dynamical channel is

the merger efficiency, i.e. the ratio between the number of mergers and the total

simulated mass. In our simulations, we find that while at low metallicity isolated

and dynamical binaries have comparable merger efficiencies, at solar metallicity

the merger efficiency of SCs is about two orders of magnitude larger. The main

ii



reason is that dynamical encounters trigger the merger of BBHs even at high metal-

licity, where binary evolution is unlikely to produce mergers.

Our simulations (Di Carlo et al., 2019) predicted that BHs in the pair instability

(PI) gap can form via (multiple) stellar mergers: ∼ 5.6%, ∼ 1.5% and ∼ 0.1% of all

the simulated BHs have mass in the PI gap for metallicity Z = 0.0002, 0.002 and

0.02, respectively. Several BHs with masses in the gap form a BBH through dynam-

ical exchanges: ∼ 2.2 %, ∼ 2.1 % and ∼ 0% of all BBHs merging within a Hubble

time have at least one component in the mass gap for metallicity Z = 0.0002, 0.002

and 0.02, respectively. Mass-gap BBHs form preferentially in the most massive SCs

(MSC ≥ 6000 M¯). We predicted that ∼ 5% of all BBH mergers detected by LIGO and

Virgo at design sensitivity have at least one component in the PI mass gap, under

the assumption that all stars form in young SCs. These results strongly favour a

dynamical formation of GW190521 via stellar mergers in SCs.

Intermediate black holes (IMBHs) with masses up to ∼ 440M¯ form in our simula-

tions via the runaway collision mechanism. The fraction of IMBHs with respect to

the total number of BHs is ∼ 0.4 %, ∼ 0.2 % and ∼ 0.02 % for metallicity Z = 0.0002,

0.002 and 0.02, respectively. IMBHs are extremely efficient in finding a companion

BH: ∼ 70% of all IMBHs reside in a BBH at the end of the simulations. SCs with

IMBHs tend to expand more than SCs without IMBHs. The expansion happens in

the first ∼ 20 Myr. Higher Lagrangian radii expand more, meaning that the expan-

sion is stronger in the outer region of the SCs.

Our results show that young SCs play a key role in the dynamical formation of mas-

sive BBHs and IMBHs. Our simulations have a legacy value: our unique catalogues

of BBH mergers in young SCs can give an essential contribution to understanding

the formation channels of BBHs, in light of future observations by LIGO and Virgo

and by the next-generation ground-based GW detectors.
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INTRODUCTION

1.1 The Gravitational Waves Era

September 14, 2015 marks an important date in physics history. The very first

gravitational wave (GW) signal, GW150914, emitted by the merger between two

black holes (BHs) with masses m1 = 35.6M¯and m2 = 30.6M¯, was detected by

the ground-based LIGO interferometers (Abbott et al., 2016f), confirming the pre-

diction by Albert Einstein (Einstein, 1916; Einstein, 1918). We now know that the

Universe is speaking to us also through GWs, and we can use the detections to sort

out many unresolved astrophysical questions. Thus, the detection of GW150914

was heralded as inaugurating a revolutionary era in multi-messenger astronomy.

So far, the Ligo-Virgo collaboration (LVC) has completed three observing runs and

detected the merger of several tens of compact object binaries (Abbott et al., 2016a;

Abbott et al., 2016c; Abbott et al., 2016e; Abbott et al., 2017a; Abbott et al., 2017d;

Abbott et al., 2017; Abbott et al., 2020a; Abbott et al., 2020b; Abbott et al., 2020). The

detection of these GW signals challenged many well supported theories and taught

us several new concepts about the Universe. First, GW detections provide one of

the most concrete evidences for the existence of black holes to date. For instance,

GW150914 suggests that the separation of the two objects prior to the merger was

just 350 km (roughly four times the Schwarzschild radius corresponding to the in-

ferred masses). The objects must therefore have been extremely compact, leaving

black holes as the most plausible interpretation. The first detection also confirmed

that binary black holes (BBHs) exist and can merge in less than an Hubble time.

Moreover, before GW detections, the scientific community was skeptical about the

existence of BHs with masses larger than 30M¯, which was predicted by only few

stellar evolution models (Mapelli et al., 2009; Mapelli et al., 2010; Belczynski et al.,
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2010; Fryer et al., 2012; Mapelli et al., 2013; Ziosi et al., 2014; Spera et al., 2015). Last

but not least, all the detections serve as a test of general relativity.

It is thus a great time to study BBHs, as they represent one of the main sources of

detectable GWs so far. In my Thesis, I have investigated the formation channels

of BBHs in young star clusters (YSCs) by means of state of the art direct N-body

simulations coupled with up to date stellar evolution.

1.2 Gravitational waves

Gravitational waves (GW) are perturbations in the curvature of spacetime, gener-

ated by accelerated masses, that propagate as waves outward from their source at

the speed of light. When a GW passes through space it deforms it proportionally to

its amplitude. Figure 1.1 shows a schematic deformation for both the + (plus) and

× (cross) wave polarization modes.

The existence of GWs was predicted in 1916 by Albert Einstein in his general theory

of relativity. The derivation starts from the Einstein equation:

Rαβ−
1

2
gαβR = 8πG

c4
Tαβ, (1.1)

where Rαβ is the Ricci curvature tensor, gαβ is the metric tensor, R is the scalar

curvature, G is the gravitational constant, c is the speed of light and Tαβ is the stress-

energy tensor. Now, we consider that the waves emitted by the source are so weak

that the metric can be expressed as a small perturbation hαβ (with |hαβ| ¿ 1∀α,β)

of the metric of flat spacetime ηαβ:

gαβ = ηαβ+hαβ. (1.2)

We now define the "trace-reversed" amplitude

h̄αβ = h − 1

2
ηαβh, (1.3)

where h = hγ
γ. Using the Lorentz gauge conditions, we can now write the linearized

Einstein equation:

2h̄αβ =
(
− ∂2

∂t 2
+∇2

)
h̄αβ =−16πG

c4
Tαβ. (1.4)

If we assume vacuum, equation 1.4 becomes:

2h̄αβ = 0, (1.5)
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Figure 1.1: From Bishop and Rezzolla, 2016. Schematic deformations produced on a ring of
freely-falling particles by GWs that are linear polarized in the “+” (“plus”) and “×” (“cross”)
modes. The continuous lines and the dark filled dots show the positions of the particles at
different times, while the dashed lines and the open dots show the unperturbed positions.

which has the form of a three-dimensional wave equation.

By integrating equation 1.4, Einstein derived the so called quadrupole formula for

gravitational radiation:

h̄i j = 2G

c4r
Ï i j (t − r /c), (1.6)

where r is the source-observer distance and I i j is the quadrupole moment of the

mass distribution. The monopole and dipole terms disappear in the calculation.

This means that the wave amplitude is proportional to the second time derivative

of the quadrupole moment of the source; not all accelerating masses emit GWs,

the only capable of such a job are the mass distributions with no spherical and

rotational symmetry. It is important to point out that in the course of the derivation

of equation 1.6, Einstein assumed that r must be much larger than the wavelength

λ and that Tαβ must not change very quickly. The result is quite accurate for all

the sources, as long as the reduced wavelength λ̃ = λ/2π is much longer than the

source size R.

Due to the nature of gravitational interaction, the strain of GWs in the vicinity of

Earth is very small and has an order of magnitude . 10−21. Such small perturba-

tions are incredibly difficult to detect; this why so far, with the current detectors

and data analysis techniques, we have only been able to detect one of the most

powerful astrophysical GW sources: merging compact object binaries.
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1.2.1 Gravitational Waves from Binary Black Holes

Among all the proposed sources of GWs, only compact binary mergers have been

observed to date. This thesis focuses on binary black holes (BBHs). The life-cycle

of such objects consists of three different phases: the inspiral, the merger and the

ringdown. The first stage of the life of a BBH is the inspiral, during which the orbital

separation gradually shrinks due to GW emission.

The formulae for the time evolution of the semi-major axis a and the eccentricity e

were derived by Peters, 1964:

d a

d t
=−64

5

G3m1m2(m1 +m2

c5a3(1−e2)
7
2

(
1+ 73

24
e2 + 37

96
e4

)
; (1.7)

de

d t
=−304

15
e

G3m1m2(m1 +m2

c5a4(1−e2)
5
2

(
1+ 121

304
e2

)
; (1.8)

where t is time, m1 and m2 are the masses of the primary and of the secondary BHs

(with m1 > m2).

By integrating equations 1.7 and 1.8 we can estimate the merger timescale tGW , i.e.

the time in which the two objects reach coalescence:

tGW = 5

264

c5a4(1−e)
7
2

G3m1m2(m1 +m2
. (1.9)

tGW strongly depends on the orbital separation, on the eccentricity an on the

masses of the BHs. It can be shown that for a Keplerian binary, the strain of emitted

GWs is h ∝ 1
a and the frequency of emitted GWsωGW is twice the orbital frequency

of the binaryωorb. As the BBH orbit shrinks, the strain and the frequency of emitted

GWs increase. As the BHs get closer, GWs cause the orbit to shrink faster. When the

orbital separation reaches the last stable orbit (defined as rLSO = 3RS in the case of

a non-spinning BH) of the primary BH, the merger phase starts. During this phase,

GW emission peaks as the two BHs merge into one. The now single black hole will

oscillate to find its final equilibrium. This oscillation is damped in the ringdown

stage by the emission of gravitational waves.

The only GW signals detected so far come from the merger of compact object bi-

naries: BBHs, binary neutron stars (BNS) and BH-neutron star (BHNS) binaries.

So far, the LIGO-Virgo collaboration has detected a total of 50 low false alarm rate

events; some of the most interesting ones are listed in table 1.1. Among all, some of

them present intriguing features: GW170817 is the first BNS merger, and its electro-

magnetic counterpart was observed; GW190412 is the first unequal mass merger;

GW190521 has the largest progenitor masses to date, and the primary mass lies

4



Table 1.1: List of some of the most impactful events observed by the LIGO-Virgo collaboration

Event Binary type m1 [M¯] m2 [M¯] M [M¯]
GW150914 BBH 35.6+4.8

−3.0 30.6+3.0
−4.4 63.1+3.3

−3.0
GW170817 BNS 1.46+0.12

−0.1 1.27+0.09
−0.09 2.74+0.04

−0.01
GW190412 BBH 30.0+4.7

−5.1 8.3+1.6
−0.9 37.3+3.9

−3.9
GW190521 BBH 91.4+29.3

−17.5 66.8+20.7
−20.7 150.3+35.8

−20.0
GW190814 ? 23.2+1.1

−1.0 2.59+0.08
−0.09 25.6+1.0

−0.9

Column 1: event name; column 2: binary type; column 3: Mass of the primary BH (m1); column 4:
mass of the secondary BH (m2); column 5: final remnant mass (M);

in the PISN mass gap; GW190814’s secondary mass lies in the mass gap between

neutron stars and black holes (2.5−5M¯). A detailed plot which shows all the char-

acteristics of the detections of the observing run O3a is represented in Figure 1.3. A

nice picture which shows the masses of all the mergers detected so far is shown in

figure 1.4.

Sources different from compact object binaries are either too weak or emit GWs

outside the LIGO-Virgo frequency range. The scientific community is working on

next generation detectors which will help us to detect many more types of GW

sources.

1.3 Formation Channels of Binary Black Holes

Understanding the formation channels of merging BBHs is one of the most urgent

astrophysical questions raised by the results of the LIGO-Virgo collaboration (LVC).

In order to better understand how BBHs can form, I will briefly summarize the main

stellar evolution processes which lead to the formation of BHs.

1.3.1 Formation of Black Holes

BHs are the remnants of massive stars (m & 20M¯). The final mass of a BH strongly

depends upon the evolutionary history of the progenitor star; mass loss through

stellar winds and supernova explosion are thought to be the two main stellar evo-

lution processes which affect the formation of the remnant.

A stellar wind is a flow of gas ejected from the upper atmosphere of a star. The dif-

ferent mechanisms through which the gas is ejected primarily depend on the mass,

the stellar type and the metallicity of the star. Stellar winds of cold and low mass

stars are powered by radiation pressure on dust particles, while winds of hot and

5



Figure 1.2: From Abbott et al., 2016a. Top: Estimated gravitational-wave strain amplitude
from GW150914. Bottom: The Keplerian effective BH separation in units of Schwarzschild radii
(Rs = 2GM/c2) and the effective relative velocity.
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Figure 1.3: From Abbott et al., 2020. Marginal posterior distributions on primary mass m1,
secondary mass m2, mass ratio q , effective spin χeff, and the luminosity distance DL for all
candidate events in the observing run O3a. The vertical extent of each colored region is pro-
portional to one-dimensional marginal posterior distribution at a given parameter value for
the corresponding event.
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Figure 1.4: Masses of all the detected and observed NSs and BHs so far. Credits: LIGO-Virgo, F.
Elavski, A. Geller

massive stars (O and B-type stars, Wolf-Rayet stars, luminous blue variable stars)

are driven by radiation pressure on the resonance absorption lines of heavy ele-

ments. Mass loss through stellar winds of hot massive stars depends on the metal-

licity Z according to the relationship Ṁ ∝ Zβ, where β depends on the model. In

this thesis we adopt the wind models used in PARSEC (Bressan et al., 2012; Chen

et al., 2015):

β=


0.85 if Γe < 2/3

2.45−2.4Γe if 2/3 ≤ Γe < 1

0.05 if Γe ≥ 1,

(1.10)

where Γe is the Eddington factor (see e.g. Gräfener and Hamann, 2008,Chen et al.,

2015). Stellar winds are the most important mass loss mechanism in single stel-

lar evolution and they strongly affect the pre-supernova mass, which is an impor-

tant parameter in the determination of the mass of the compact remnant. Another

important parameter to take into account is the pre-supernova Helium core mass

mHe. If mHe . 32 M¯, an iron core collapse supernova or a direct collapse take

place. If 32 . mHe . 64 a pulsational pair instability (PPI) takes place (Barkat et al.,

1967; Woosley et al., 2007); pair production (the production of free electrons and
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positrons in the collision between atomic nuclei and energetic gamma rays) tem-

porarily reduces the internal radiation pressure of the star and the core undergoes a

series of pulsations which make the star lose mass until it finds a new equilibrium.

After this, the star ends its life by core-collapse supernova or by direct collapse.

If 64 . mHe . 135 M¯we have a pair instability supernova (PISN); pair produc-

tion becomes very efficient and the huge pressure drop leads to a partial collapse,

which causes greatly accelerated burning in a runaway thermonuclear explosion,

resulting in the star being blown completely apart without leaving a stellar rem-

nant behind. If mHe & 135 M¯, the collapse cannot be stopped, and the result is the

formation of a BH via direct collapse, with no mass loss.

It is important to mention that the PISN and PPI mechanisms prevent the formation

of BHs with mass between ∼ 60 and ∼ 120 M¯ from single stellar evolution. Hence,

the recent detection of a BBH merger with the mass of the primary BH in the pair

instability gap (GW190521, Abbott et al., 2020) challenges current models of BH

formation.

1.3.2 Formation of Binary Black Holes

A BBH is a system consisting of two black holes in close orbit around each other.

Such systems may form through many pathways. Two of the most studied channels

are the isolated and the dynamical scenarios.

9



1.3.2.1 Isolated

Isolated binaries are binary systems of stars which are bound since their birth (Tu-

tukov et al., 1973; Portegies Zwart and McMillan, 2000a; Belczynski et al., 2002; Bel-

czynski et al., 2016b; Giacobbo and Mapelli, 2018). Binaries evolve unperturbed,

going through many binary stellar evolution processes which crucially affect the

evolution of the stars. If the binary survives and both the stars turn into a BH, we

end up with a BBH. The most important processes for the formation of BBHs are

common envelope (CE) and natal kicks.

A CE is formed in a binary star system when the orbital separation decreases rapidly

or one of the stars expands rapidly. When a star overfills its Roche lobe, it starts to

transfer its mass to the other member of the binary. As a consequence, the orbit

will shrink further causing a runaway process of dynamically unstable mass trans-

fer, which leads to the formation of a common envelope engulfing the compan-

ion star and thus shrinking the orbital separation of the binary (Paczynski, 1976).

Orbital energy is converted into kinetic energy, which tends to unbound the enve-

lope. If such energy is sufficient to completely eject the envelope, the binary sys-

tem survives and continues its evolution, eventually turning into a BBH. The orbital

shrinking operated by the CE enhances GW emission speeding up the merger of

the binary. If the converted energy is not sufficient, the stars merge neglecting the

formation of a BBH. A schematic representation of the CE evolution with both the

possible outcomes is shown in Figure 1.5.

A natal kick is a phenomenon that causes a compact object to obtain a spatial ve-

locity at its birth as a result of asymmetric SN explosions (Janka and Mueller, 1996)

or anisotropic neutrinos emission (Woosley, 1987; Bisnovatyi-Kogan, 1993). If the

SN happens in a binary, even if mass loss is completely symmetric, the orbital prop-

erties of the binary system are also affected by the so called Blaauw-kick (Blaauw,

1961). The scarcity of observations and the complexity of the phenomenon make

natal kicks far from being understood. Most observational estimates of the entity of

natal kicks are based on observations of Galactic neutron stars. Hobbs et al., 2005

suggest that the distribution of the kicks is fitted by a Maxwellian distribution with

σ= 265kms−1. Other studies (Fryer et al., 1998; Arzoumanian et al., 2002; Verbunt

et al., 2017) suggest that the observed distribution is better fitted by bi-modal dis-

tributions. The situation for BHs is even more uncertain due to the scarcity of data

and to the difficulty of interpreting them Repetto et al., 2012; Repetto et al., 2017.
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Figure 1.5: Key stages in the common envelope phase. Left: A star fills its Roche lobe. Middle:
The companion is engulfed; the core of the primary and the companion spiral towards one
another inside a common envelope. Top right: the two stars merge; bottom right: the envelope
is ejected.

1.3.2.2 Dynamical

The isolated channel assumes that the binary systems evolve completely unper-

turbed, but we know that the vast majority of massive stars (i.e. the progenitors

of compact objects) are born in clustered environments called star clusters (SCs,

Lada and Lada, 2003). Such environments can reach very high densities (up to

106 M¯/pc3 in the core of globular clusters), where a plethora of dynamical inter-

actions and collisions take place. A binary system which evolves in a SC will likely

be affected by such processes. More details on the characteristics of SCs and on

dynamical processes are given in the next section. Searching for distinctive finger-

prints of dynamical evolution in the properties of BBHs may help us to understand

the formation channels of the mergers detected by LIGO-Virgo.

1.4 Star Clusters

Star clusters (SCs) are self-gravitating collisional systems made up of stars. It is

generally assumed that all the stars of a SC form from the same molecular cloud

in a single star-formation event, so that they have approximately the same age and

chemical composition. They are excellent laboratories to study stellar dynamics,

stellar evolution, GW sources and the formation of massive BHs. In order to better

11



describe the properties of such systems, some typical size-scales and time-scales

need to be defined.

1.4.1 Size-scales

Star clusters tend to be approximately spherical in space or circular on the sky, so it

is useful to define some different quantities to measure their size. Lagrangian radii

are the distances from the center containing specific fractions of the total mass of

the cluster. The most frequently used Lagrangian radius is called half-mass radius

rhm and it is the one containing 50% of the mass of the cluster. A similar definition

for observers can be made using fractions of projected luminosity. The analog of the

half-mass radius is the half-light radius rhl, sometimes also called effective radius.

The virial radius is defined as:

rvir = G M 2

2 |W | (1.11)

where M is the total mass of the cluster and W is the total potential energy. It is a

theoretical definition used to determine sizes of systems without a sharp boundary.

The tidal radius rt is the radius where the gravitational acceleration of the cluster

equals the tidal acceleration of the parent galaxy; it roughly correspond to the dis-

tance where the density of stars drops to a value comparable to the background.

Finally, the core radius rc has several definitions. Observers define it as the radius

at which the surface brightness equals half of its central value. Theorists define it in

two different ways. The first is:

rc =
√

3〈v2〉0

4πGρ0
(1.12)

where ρ0 and 〈v2〉0 are the central density and velocity dispersion. This is roughly

the distance at which the projected density drops by a factor of two. The second is

generally used in N-body simulations and it’s a density-weighted radius:

rd =
√√√√∑

i ρ
2
i r 2

i∑
i ρ

2
i

(1.13)

1.4.2 Time-scales

There are two fundamental time scales concerning star clusters: the dynamical

time scale tdyn and the relaxation time scale trel.
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The dynamical time-scale is the time required for a typical particle to cross the sys-

tem, over which the system establishes the dynamical equilibrium. It may be de-

fined as:

tdyn = G M 5/2

(−4E)3/2
, (1.14)

where E is the total energy of the cluster. Another definition for systems in virial

equilibrium is:

tdyn,vir =
(

G M

r 3
vir

)−1/2

∼ 2×104 yr

(
M

106 M¯

)−1/2 (
rvir

1pc

)3/2

. (1.15)

The relaxation time is the time over which stars reach equilibrium through mutual

interactions and lose memory of their initial velocities. An expression for the local

relaxation time is:

trl =
〈v2〉3/2

15.4G2mρ lnΛ
, (1.16)

where m is the local mean mass, ρ is the local density and lnΛ is the Coulomb

logarithm. This process will be described in Section 1.4.4.

1.4.3 Properties of cluster systems

We observe at least four different kinds of SCs.

Globular clusters (GCs) are nearly spherical systems made up of 104 − 106 popula-

tion II low mass stars (m . 1M¯). They do not contain gas and dust and their age

is comparable to the age of the Universe. GCs are extremely dense: their core can

reach densities up to ∼ 106 M¯ pc−3. They mainly reside in the halos of galaxies,

orbiting the galactic core. GCs also show the feature of multi-population: they con-

tain several distinct and discrete populations of stars distinguished by their chemi-

cal composition. Many aspects about GCs are still unconstrained: their formation,

the onset of multiple populations and their role in galactic evolution are unclear

and matter of debate (see e.g. Gratton et al., 2019).

Open Clusters (OCs) are loosely bound systems made up of 10 − 104 stars. They

may still contain gas and are younger and less dense than GCs (ρ . 103 M¯ pc−3).

OCs reside in the disk of galaxies. In the Milky Way, some of them are visible to the

naked eye (e.g. Hyades in figure 1.6 or the Pleyades).

Young Massive Clusters (YMCs) are very young (t . 100Myr) systems composed

of 103 − 105 young stars which may still contain gas. They have smaller size than

GCs but their densities are comparable. This makes them have a faster dynamical

evolution due to two-body relaxation, a process which will be better explained in
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Table 1.2: Comparison of fundamental parameters for star cluster families: open clusters
(OCs), globular clusters (GCs), young massive clusters (YMCs) and nuclear star clusters (NSCs).
The numbers in the columns are intended to be indicative.

Cluster Age mto M rvir ρc Location tdyn trh

[Gyr] [M¯] [M¯] [pc] [M¯/pc3] [Myr] [Myr]

OC . 0.3 . 4 . 103 ∼ 1 . 103 disk ∼ 1 . 100
GC & 10 ∼ 0.8 & 105 ∼ 10 & 103 halo & 1 & 1000

YMC . 0.1 & 5 & 104 ∼ 1 & 103 disk . 1 . 100
NSC & 10 - 106 −108 2−5 pc 106 −107 center & 1 & 1000

Column 1: SC type; column 2: SC age; column 3: turn-off mass; column 4: total SC mass;

column 5: virial radius; column 6: core density; column 7: location where these clusters

are found; column 8: dynamical timescale; column 9: relaxation time scale.

section 1.4.4. They reside in the disk of galaxies and since they are so young they

have a much larger fraction of massive stars than other kinds of SCs; we know that

some YMCs like R136 (figure 1.6) host some stars with masses larger than 150M¯.

Nuclear Star Clusters (NSCs) are star clusters with high density and high luminos-

ity which reside near the center of mass of most galaxies. NSCs are amongst the

most dense stellar structures ever observed and they are made of both young and

old stars. We observe a NSC in the center of the Milky Way, surrounding the super

massive black hole (Schödel et al., 2014). The formation of NSCs is a controverted

topic; two of the main proposed theories are in situ formation of stars and the for-

mation by accretion of other smaller clusters which inspiral and merge (Antonini

et al., 2012).

Finally, it is important to mention OB stellar associations. A stellar association is de-

fined as a gravitationally unbound SC, which is usually a very loose system which

contains ∼ 10−100 stars. OB associations contain mostly massive stars of spectral

class O and B. OB associations are thought to be the result of the expansion of ini-

tially gravitationally-bound SCs. However, recent results (see e.g. Ward et al. 2020)

show that they may form in the low density regions of molecular clouds, never be-

ing part of a larger bound SC.

Some fundamental parameters of these kinds of SCs and their location in the Milky

Way are reported in table 1.2 and in figure 1.7 for comparison.

14



Figure 1.6: Left: HST image of the open cluster NGC265 in the Small Magellanic Cloud. The
image is ∼ 25pc per edge. Center: M4, a globular cluster in the Milky Way. It is one of the
closest GCs to the Solar System, with an estimated age of 12.2Gyr. Image from the MPG/ESO
2.2-metre telescope at ESO’s La Silla Observatory. The image is ∼ 20pc per edge. Right: an HST
image of R136, a YMC near the center of the 30 doradus region in the LMC. The image is ∼ 50pc
per edge.

Figure 1.7: Distribution of star clusters in the Milky Way. The Galaxy is seen edge-on (face-
on) in the top (bottom) panels. The black dashed circle is the Sun’s orbit around the Milky
Way, the small black circle represents the Sun. Left: distribution of open clusters and young
massive clusters (from the Dias 2012 catalogue). Right: distribution of GCs (from the Harris
1996 Catalogue). It’s clear that GCs are spherically distributed around the center of the Galaxy
while the other clusters are in the disk. The majority of known OCs is near the Sun because
of the extinction of dust which does not allow us to observe them over certain distances (from
Lada and Lada, 2003).
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1.4.4 Dynamics of SCs

The dynamical evolution of SCs is driven by many different processes acting to-

gether. We can distinguish two main stages in the evolution of a SC:

• The first Myr in which star formation is still in action and the cluster still con-

tains gas from its parent molecular cloud.

• The phase subsequent to gas evaporation in which purely stellar dynamical

processes dominate.

The first phase is shorter, but is the most complex and less understood since it is

a complex mix of gas dynamics, stellar dynamics, stellar evolution, and radiative

transfer. After few Myr, the most massive stars explode as supernovae and inject

energy into the embedded gas which eventually becomes gravitationally unbound

from the cluster and dissolves. Gas loss removes potential energy from the clus-

ter, which loses some stars or may completely dissolve (infant mortality). After the

gas is radiated away, the SC can be seen as a system of point masses (stars) which

interact between each other by means of gravitational force.

It is important to state that simulating gas evolution along with accurate dynam-

ical evolution of stars is extremely computationally expensive, and thus the vast

majority of dynamical simulations of SCs so far (and the ones performed in this

thesis) do not include gas evolution. However, the most dense regions of molecular

clouds where YSCs form have a very large star formation efficiency, meaning that

the amount of gas in such regions after the SC has formed is much lower than that

of stars (see e.g. Krause et al. 2016; Ballone et al. 2020).

SCs are collisional systems, which means that interactions between particles are

efficient with respect to the lifetime of the system. On the contrary, collisionless

systems are systems where interactions are negligible, so that particles move un-

der the influence of the gravitational field generated by a smooth mass distribution

rather than a collection of point masses. To distinguish between these two kinds of

systems we use the relaxation timescale trl, defined in equation 1.16. In particular,

we say that a system is collisional/collisionless if its lifetime is shorter/longer than

trl. The process which relaxes the system is called two-body relaxation, which is the

main process that drives the dynamical evolution of SCs.
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1.4.4.1 Two-Body Relaxation

Two-body relaxation is the result of many long range two-body gravitational in-

teractions. On timescales longer than trl these interactions slowly redistribute en-

ergy between particles and make them lose memory of their initial velocity. The

two-body relaxation timescale can be derived following the motion of an individ-

ual particle across the SC, and seeking an estimate of the difference between the

initial velocity of this particle and the velocity that it has after one system crossing.

We consider an idealized system of N particles with mass m, size R and uniform

density. The test star passes close to a field star with relative velocity v and im-

pact parameter b as schematized in figure 1.8. Each time this happens, its velocity

changes by a small amount, so we assume that δv/v ¿ 1 and that the field star is

stationary. After many of these interactions, the velocity changes completely, or in

other words the variation of velocity becomes of the same order of magnitude as

the initial velocity:
∆v

v
∼ 1. (1.17)

The perpendicular gravitational force between the two particles is:

F⊥ = G m2

r 2
cosθ = Gm2b(

b2 +x2
)3/2

= G m2

b2

[
1+

(
v t

b

)2]−3/2

. (1.18)

The quantities are defined in figure 1.8. We can infer the change in velocity by inte-

grating the second Newton’s law:

δv = 1

m

∫ + inf

− inf
F⊥d t = 2Gm

bv
(1.19)

The surface density of stars in our system is N /πr 2 so, after crossing the whole sys-

tem once, the subject star has suffered δn = N
πr 2 2πb db encounters with impact pa-

rameter between b and b +db. The resulting average velocity change is zero be-

cause each encounter produces a randomly oriented perturbation. The quadratic

mean velocity change is not zero:

∑
δv2 = δv2δn = 8 N

(
G m

v R

)2 db

b
. (1.20)

Integrating this quantity over all the possible impact parameters1 we obtain:

∆v2 = 8 N

(
G m

v R

)2

lnΛ (1.21)

1i.e. between bmin and bmax, where the former is the minimum distance at which our approxi-
mation of small velocity changes holds (bmin = 2G m/v2), and the latter is the size R of the system.

17



where lnΛ = ln 2G m
v2 R

is called Coulomb logarithm, and its value for typical SCs is

∼ 10. If we assume that the system is in virial equilibrium, the typical velocity of a

particle can be expressed as:

v2 = G N m

R
. (1.22)

We can now infer the change in velocity after one system crossing:

∆v2

v2
= 8 ln N

N
. (1.23)

Requiring the condition of equation 1.17 we get the needed number of crossings to

relax the system:

ncross = N

8 ln N
. (1.24)

The needed number of crossings can also be expressed as ncross = trl/tcross, so we

can finally derive the two-body relaxation timescale:

trl =
N

8 ln N

R

v
. (1.25)

After one relaxation timescale, the orbit of the particles is considerably different

from the one they would have if the mass was smoothly distributed. A better formu-

lation with less approximations and based on local parameters rather than global

ones was derived by Spitzer, 1987:

trl =
〈v2〉3/2

15.4G2 mm ρ lnΛ
, (1.26)

where 〈v2〉 is the local velocity dispersion, mm is the local mean mass and ρ is the

local density. When applied to SCs, the local relaxation timescale is usually eval-

uated at the core (core relaxation timescale trc) and at the half-mass radius (half-

mass relaxation timescale trh). An expression of trh with handy units is:

trh = 190Myr

(
rvir

1pc

)3/2 (
M

106 M¯

)1/2 ( 〈m〉
1M¯

)−1 (
lnΛ

10

)−1

. (1.27)

Values of trh for some observed SCs of the Milky Way are shown in figure 1.9.
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Figure 1.8: Schematic representation of one of the many two-body encounters by which the
test particle is affected. The particles experience a change in velocity due to gravitational forces.

Figure 1.9: From Portegies Zwart et al., 2010. Radius-mass diagram of Milky Way SCs. The
dotted lines represent constant relaxation timescale. Open clusters and young massive clusters
have shorter relaxation timescales with respect to globular clusters.
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1.4.4.2 Core Collapse

There are phenomena which happen even faster than two-body relaxation in SCs.

One of these is the core collapse or gravothermal catastrophe, which for a realistic

young SC happens on a time scale of Portegies Zwart et al., 2010:

tcc ∼ 0.2 trl. (1.28)

If a SC survives infant mortality, two-body relaxation makes the core contract. The

contraction of the core is a runaway process which leads to a collapse. The physical

process behind this is called gravothermal instability, which I describe below. We

assume that the SC is in virial equilibrium, hence:

2K +W = 0, (1.29)

where K and W are the total kinetic energy of the SC and the total gravitational

potential, respectively. Two-body relaxation redistributes energy between the stars

in the core and some of them gain enough kinetic energy to escape from the core to

the halo. By escaping, they take away from the core both their potential and kinetic

energy. Since the escaping stars are the fastest, they take away more kinetic energy

than potential energy. The most energetic stars escape the SC, thus the lost kinetic

energy cannot be restored by stars flowing from the halo to the core. The core of

the cluster becomes sub-virial (2K +W < 0) and contracts, increasing the velocity

dispersion of its stars and thus the number of escapers, becoming more and more

sub-virial. This leads to a catastrophic collapse. This process occurs even if all the

stars have equal mass.

If we consider a multi-mass system the collapse is even faster due to dynamical

friction, a process which makes massive stars lose energy and fall towards the

center of the cluster. Dynamical friction is the loss of orbital energy of a body

through gravitational interactions with surrounding bodies (Chandrasekhar, 1943).

An intuition for this effect can be obtained by thinking that as a large object moves

through a sea of smaller objects, the gravitational effect of the larger object pulls

the smaller objects towards it. This produces a concentration of smaller objects

behind the larger body, as it has already moved past its previous position. This con-

centration of small objects behind the larger body exerts a collective gravitational

force on the large object, slowing it down.

The collapse should proceed indefinitely, but since we do observe SCs older than

the collapse timescale, there should be something that reverts the collapse. In par-

ticular, there has to be something that injects energy inside the core and helps it
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to expand. The energy we are seeking for is stored in binary stars and mass loss

by stellar winds and SNe explosion. The majority of the energy needed to reverse

the core collapse is usually provided by the hardening of binaries in the core. Since

the core contracts during core collapse, the core density increases and three-body

encounters become more frequent, helping the reversal. After the core collapse is

reverted the core starts to expand and the half-mass radius of the cluster evolves

through the relation (Elson et al., 1987):

rhm ∝ t 2/3. (1.30)
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1.4.4.3 Dynamics and GW Sources

Binaries which evolve in SCs are subject to many dynamical interactions with other

stars due to their large cross sections (Heggie, 1975). Especially the most massive

ones (which are more likely to become BBHs) tend to undergo more encounters due

to their stronger gravitational potential. During a three-body encounter between a

binary and a single star, there is an exchange between the internal energy of the bi-

nary and the kinetic energy of the stars. If the binary becomes less bound, the single

star transfers part of its kinetic energy to soften the binary. If the binary becomes

more bound, the kinetic energy of the system increases and the binary hardens. In

some cases, there can also be an exchange between the single star and a member

of the binary, or the binary may break ending up with three single stars. A scheme

showing how a hardening and an exchange may take place is shown in figure 1.10.

Binaries can form even with the interaction between three single objects, where

one component is ejected and the other two are paired together. This is the main

mechanism for the initial assembly of BH binaries in massive star clusters such as

globular and nuclear clusters.

Moreover, stars which create as a product of the collision/merger of other stars may

be retained by the host SC and continue interacting with other stars. Such interac-

tions are crucial mechanisms for the formation of GW sources. Exchanges may pro-

duce systems which would never form accounting for binary stellar evolution only.

Hardening may lead to the merger of binaries which would not have merged in iso-

lation. Systems which would have merged may break or loosen. In addition, we

know that stellar mergers may lead to the formation of BHs with mass in the PISN

mass gap (Spera et al., 2019a; Di Carlo et al., 2019) or intermediate mass black holes

(IMBHs) via the runaway collision mechanism (e.g. Portegies Zwart and McMillan

2002). If such BHs form from the merger of an isolated binary, they will remain sin-

gle BHs. In contrast, if they form in a SC, they might acquire another companion by

dynamical exchange and merge by gravitational wave emission.

Lots of work has been done on the effect of dynamics on GW sources (Sigurdsson

and Hernquist, 1993; Sigurdsson and Phinney, 1995; O’Leary et al., 2006; Sadowski

et al., 2008; Miller and Lauburg, 2009; O’Leary et al., 2009; Downing et al., 2010;

Downing et al., 2011; Mapelli et al., 2013; Mapelli and Zampieri, 2014; Ziosi et al.,

2014; Rodriguez et al., 2015; Kimpson et al., 2016; Mapelli, 2016; Antonini and Ra-

sio, 2016; Hurley et al., 2016; VanLandingham et al., 2016; O’Leary et al., 2016; Ro-

driguez et al., 2016; Askar et al., 2017; Chatterjee et al., 2017; Zevin et al., 2017;

Antonini et al., 2019; Askar et al., 2018; Arca-Sedda and Gualandris, 2018; Hoang
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Figure 1.10: Schematic representation of 3 body encounters between a binary and a single
object. Top panels: a BBH hardens after an encounter with a star; bottom panels: a BH replaces
a star in a binary, forming a BBH.

et al., 2018; Rodriguez et al., 2018; Samsing, 2018; Kumamoto et al., 2019b; Rastello

et al., 2019; Kumamoto et al., 2020; Kremer et al., 2020). Despite this, most of these

studies focus on GCs and NSCs, neglecting YSCs. The reason behind this is par-

tially that YSCs are clumpy, asymmetric and host a large fraction of binaries, thus

requiring computationally expensive direct N-body simulations. YSCs host fewer

stars than globular clusters and other massive clusters, but they make up the vast

majority of the SCs in the Universe (Kroupa and Boily, 2002), and their cumulative

contribution to BH statistics may thus be significant.

The main aim of my thesis is understanding what is the global effect of dynamics of

YSCs on BHs, focusing on GW sources. This is of utmost importance for the inter-

pretation of current and future GW detections. To investigate this topic, I made use

of numerical simulations of SCs.

1.5 Direct N-body simulations

The two main ingredients which govern the evolution of SCs are gravity and sin-

gle/binary stellar evolution. This is why to properly simulate a SC we need to use
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both an N-Body integrator (for gravity) and a population synthesis code (for stel-

lar evolution). The first step of my thesis consisted in interfacing the population

synthesis code MOBSE with the direct N-Body code NBODY6++GPU. This allowed

me to produce state-of-the-art dynamical simulations of SCs with up to date stellar

evolution.

1.5.1 MOBSE

The population synthesis code MOBSE (massive objects binary stellar evolution)

(Mapelli et al., 2017; Giacobbo et al., 2018; Giacobbo and Mapelli, 2018; Giacobbo

and Mapelli, 2019; Mapelli and Giacobbo, 2018) is an upgraded and customized

version of BSE (Hurley et al., 2000; Hurley et al., 2002). MOBSE utilizes polynomial

fitting formulas to describe the evolution of the fundamental stellar parameters as

a function of time. MOBSE implements some of the most recent stellar wind mod-

els for massive hot stars (Vink et al., 2001; Gräfener and Hamann, 2008; Vink et al.,

2011; Vink, 2016), including the impact of the Eddington factor Γe on mass loss

(Gräfener and Hamann, 2008; Chen et al., 2015). Γe is defined as:

logΓe =−4.813+ log(1+XH )+ log(L/L¯)− log(M/M¯), (1.31)

where XH is the Hydrogen fraction, L is the stellar luminosity and M is the stellar

mass.

In MOBSE the mass loss of massive hot stars (O- and B-type main sequence stars,

luminous blue variable stars and Wolf-Rayet stars) scales as Ṁ ∝ Zβ, where β is

defined as (Giacobbo and Mapelli, 2018)

β=


0.85 if Γe < 2/3

2.45−2.4Γe if 2/3 ≤ Γe < 1

0.05 if Γe ≥ 1

(1.32)

MOBSE includes two different prescriptions for core-collapse supernovae (SNe)

from Fryer et al., 2012: the rapid and the delayed SN models. The former model as-

sumes that the SN explosion only occurs if it is launched. 250 ms after the bounce,

while the latter has a longer timescale (& 500 ms). In both models, a star is assumed

to directly collapse into a BH if its final carbon-oxygen mass is & 11 M¯. Recipes for

electron-capture SNe are also included in MOBSE (Hurley et al., 2000; Fryer et al.,

2012; Giacobbo and Mapelli, 2019).
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Prescriptions for pair instability SNe (PISNe) and pulsational pair instability (PPI)

are implemented using the fitting formulas by Spera and Mapelli, 2017. In partic-

ular, stars which grow a helium core mass 64 ≤ mHe/M¯ ≤ 135 are completely dis-

rupted by a PISN and leave no compact object, while stars with 32 ≤ mHe/M¯ < 64

undergo PPI: they pulsate, losing some of their mass, till they find a new equilib-

rium. Finally, they undergo a direct collapse, giving birth to a smaller BH than they

would have produced without PPI.

MOBSE includes two main prescriptions for natal kicks. In the first prescription

(Fryer et al., 2012), kick velocities are drawn by a Maxwellian distribution with one-

dimensional root-mean square σ= 265 km s−1 (Hobbs et al., 2005) and then mod-

ulated by the fallback as VKICK = (1− ffb)V , where ffb is the fallback parameter de-

scribed in Fryer et al., 2012 and V is the velocity drawn from the Maxwellian distri-

bution.

In the second and most recent prescription (Giacobbo and Mapelli, 2020), kick ve-

locities are calculated as VKICK ∝ mej m−1
rem V , where mej is the mass of the ejecta,

mrem is the mass of the compact remnant (neutron star or BH) and V is drawn by

a Maxwellian distribution with one-dimensional root-mean square σ= 265 km s−1

(Hobbs et al., 2005). The latter prescription is based on the conservation of linear

momentum and assumes that the asymmetry leading to the natal kick scales with

the mass of the ejecta.

Binary evolution processes such as tidal evolution, Roche lobe overflow, common

envelope and GW energy loss are taken into account as described in Hurley et al.,

2002. In particular, the treatment of common envelope depends on two parame-

ters: α (describing the efficiency of energy transfer) and λ (describing the geometry

of the envelope and the importance of thermal energy and recombinations).

Orbital decay and circularization by GW emission are calculated according to Pe-

ters, 1964 without explicitly including post-Newtonian terms. The standard version

of BSE calculates GW energy loss only if the two binary members are closer than 10

R¯, which has been shown to lead to a serious underestimate of the merger rate of

eccentric binaries in dynamical simulations (Samsing, 2018). In MOBSE, GW decay

is calculated for all binaries of two compact objects (white dwarfs, NSs and BHs)

without a distance threshold.

1.5.2 NBody6++GPU

NBODY6++GPU (Wang et al., 2015) is a code designed for an accurate integration

of many bodies based on the direct integration of the Newtonian equations of mo-
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tion. It is optimal for collisional systems like SCs. NBODY6++GPU is an upgraded

version of the widely used code NBODY6 (Aarseth, 2003), which exploits GPU and

MPI parallelization to improve the performance and speed up the integration. The

code makes use of a fourth-order Hermite prediction scheme with block time steps,

a neighbour scheme and regularization of close encounters.

1.5.2.1 Block Time Steps

When integrating an N-body system, choosing the same timestep for all particles

may be too computationally expensive. Particles which undergo close encounters

need short timesteps, because they are experiencing rapid force variations. On

the other hand, other particles subject to weaker interactions can be integrated

with longer timesteps without losing much accuracy. Thus, it is convenient to

choose different timesteps for particles depending on how fast the forces acting on

them are changing. NBODY6++GPU evaluates the timesteps using the generalised

Aarseth criterion (Aarseth, 2003; Nitadori and Makino, 2008). For a particle i with

acceleration ai the timestep is:

∆ti = η
(

A(1)
i

A(4)
i

)1/3

, (1.33)

where:

A(k)
i =

√∣∣∣a(k−1)
i

∣∣∣ ∣∣∣a(k+1)
i

∣∣∣+ ∣∣∣a(k)
i

∣∣∣2
. (1.34)

η is a user defined quantity called accuracy parameter (usually set to η= 0.02) and

ak
i is the k-th derivative of the acceleration of particle i (if k = 0, ak

i is the accel-

eration of particle i ). Having a different timestep for each particle, however, may

create problems with the synchronization of the particles. To solve this problem,

NBODY6++GPU uses the technique of block timesteps: particles are grouped re-

placing their individual timesteps ∆ti with a block timestep:

∆ti ,b =
(

1

2

)n

, (1.35)

where n is chosen according to:(
1

2

)n

≤∆ti <
(

1

2

)n−1

. (1.36)

This choice imposes that t/∆ti ,b ∈N and ensures that all the particles can be easily

synchronized. To avoid bottlenecks, a minimum threshold for ∆ti ,b is usually set to

∆tmin = 2−23.
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1.5.2.2 The Hermite Scheme

We consider a system of N stars and we assume that the i -th particle has, at time t

a mass mi ,0, a position ri ,0, a velocity vi ,0 and an individual timestep ∆ti ,0 = h. The

acceleration and jerk of the particles are given by:

ai ,0 =−∑
j 6=i

Gm j
R

R3
, (1.37)

ȧi ,0 =−∑
j 6=i

Gm j

[
V

R3
+ 3R(V ·R)

R5

]
, (1.38)

where G is the gravitational constant and R ≡ ri − r j and V ≡ vi − v j are the rel-

ative positions and velocities between particle i and j , respectively. The generic

Hermite’s step is composed by three sub-steps: a prediction, an evaluation and a

correction.

1. Prediction step: positions and velocities of all stars at time t +h are predicted

using their known values using a Taylor expansion:

ri ,p = ri ,0 +vi ,0h +ai ,0
h2

2
+ ȧi ,0

h3

6
, (1.39)

vi ,p = vi ,0 +ai ,0h + ȧi ,0
h2

2
, (1.40)

2. Evaluation step: ai ,p and ȧi ,p are determined by putting 1.39 and 1.40 in 1.37

and 1.38.

The values of acceleration and jerk at time t +h are determined by the Taylor

expansion:

ai ,1 = ai ,0 + ȧi ,0h + äi ,0
h2

2
+ ...

a i ,0
h3

6
, (1.41)

ȧi ,1 = ȧi ,0 + äi ,0h + ...
a i ,0

h2

2
. (1.42)

Here, the values of ai ,0 and ȧi ,0 are already known, but we need to infer äi ,0

and
...
a i ,0. We put ai ,p and ȧi ,p in the left-hand sides of 1.41 and 1.42. We

then solve equation 1.42 for äi ,0 and put it into 1.41, which yields the third

derivative of acceleration:

...
a i ,0 = 12

ai ,0 −ai ,p

h3
+6

ȧi ,0 + ȧi ,p

h2
. (1.43)

Similarly, substituting 1.43 into 1.41, we get the jerk:

äi ,0 =−6
ai ,0 −ai ,p

h2
−2

2ȧi ,0 + ȧi ,p

h
. (1.44)
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3. Correction step: finally, we can infer the corrected values of ri ,p (t ) and vi ,p (t ),

extending the Taylor expansion by two more orders:

ri ,1 = ri ,p + äi ,0
h4

24
+ ...

a i ,0
h5

120
, (1.45)

vi ,1 = vi ,p + äi ,0
h3

6
+ ...

a i ,0
h4

24
. (1.46)

The integration cycle for the successive steps may now be repeated from the begin-

ning.

1.5.2.3 The Ahmad Cohen Scheme

Force calculation can be extremely time consuming for systems with very large N .

To speed up the integration, NBODY6++GPU uses the Ahmad-Cohen neighbour

scheme (Ahmad and Cohen, 1973; Makino and Aarseth, 1992). The basic idea is to

split the force on a given particle i into two parts, an irregular and a regular com-

ponent:

ai = ai ,i r r +ai ,r eg . (1.47)

The irregular acceleration results from particles within a certain sphere centered

in i (neighbours), while the regular acceleration results from all the other particles.

The size of the sphere is controlled iteratively in order to keep an optimal customiz-

able number of neighbours. The force exerted by the particles inside the sphere

changes more rapidly, so it is determined more frequently than the regular one, be-

cause the more distant particles that do not change their relative distance to i so

quickly. The regular timestep ∆treg is divided in smaller substeps ∆tirr. The Her-

mite predictor-corrector algorithm is applied to the neighbours every ∆tirr and to

the other particles every∆treg. After every irregular timestep, the regular term ai ,r eg

is extrapolated without applying the correction to save computational time while

preserving accuracy. The neighbour list is updated every ∆treg.

With a number of neighbours Nnb << N , this scheme can dramatically increase the

efficiency of the code. To further speed up the calculation, regular forces are com-

puted on GPUs using the CUDA libraries, while the irregular forces are calculated

on the CPUs, exploiting OpenMP parallalization.
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1.5.2.4 Regularization

During the dynamical evolution of SCs, it is very likely that two or more stars come

very close together. As the stars approach, the so-called UV divergence occurs: their

relative distance tends to zero and thus gravitational potential tends to infinity. Be-

cause of this, truncation errors grow due to the singularity in the gravitational po-

tential and the timesteps reduce, resulting in a dramatic slowdown of the compu-

tation.

To avoid this, NBODY6++GPU makes use of the regularization technique. Regular-

ization is an elegant mathematical trick developed in order to deal with such close

encounters and avoid divergences. The main algorithms used in NBODY6++GPU

are the KS regularization (Kustaanheimo and Stiefel, 1965) and the chain regular-

ization (Mikkola and Aarseth, 1993a). KS regularization consists in a change of the

time coordinate to a coordinate system where the singularity in |R| = 0 does not

exist.

In the Mikkola chain regularization, the adopted coordinate transformation is d s =
d t

Ui , j
, where Ui , j is the N-body gravitational potential. The price to pay for using this

regularization is a small time error, which is generally very small. Using this trick,

the close encounter between the two particles can be integrated fast and without

losing precision. If more than two particles participate to the same close encounter

simultaneously, NBODY6++GPU makes use of the chain regularization. The basic

idea is to connect the dominant two-body interactions by a chain of KS-type vari-

ables. The chain is the shortest inter-particle vector between the particles elected

for regularization. The full mathematical explanation of the chain regularization al-

gorithm turns out to be quite cumbersome; all the details can be found in Mikkola

and Aarseth, 1993a.

Regularization is a fundamental technique for studying compact objects in SCs:

their small radii and large masses makes them perfect candidates for close encoun-

ters during the dynamical evolution of SCs.
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MERGING BLACK HOLES IN YOUNG STAR

CLUSTERS

Searching for distinctive signatures, which characterize different formation channels

of binary black holes (BBHs), is a crucial step towards the interpretation of current

and future gravitational wave detections. Here, we investigate the demography of

merging BBHs in young star clusters (SCs), which are the nursery of massive stars.

We performed 4×103 N-body simulations of SCs with metallicity Z = 0.002, initial

binary fraction 0.4 and fractal initial conditions, to mimic the clumpiness of star-

forming regions. Our simulations include a novel population-synthesis approach

based on the code MOBSE. We find that SC dynamics does not affect the merger rate

significantly, but leaves a strong fingerprint on the properties of merging BBHs. More

than 50 % of merging BBHs in young SCs form by dynamical exchanges in the first

few Myr. Dynamically formed merging BBHs are significantly heavier than merg-

ing BBHs in isolated binaries: merging BBHs with total mass up to ∼ 120 M¯ form in

young SCs, while the maximum total mass of merging BBHs in isolated binaries with

the same metallicity is only ∼ 70 M¯. Merging BBHs born via dynamical exchanges

tend to have smaller mass ratios than BBHs in isolated binaries. Furthermore, SC

dynamics speeds up the merger: the delay time between star formation and coales-

cence is significantly shorter in young SCs. In our simulations, massive systems such

as GW170729 form only via dynamical exchanges. Finally ∼ 2 % of merging BBHs in

young SCs have mass in the pair-instability mass gap (∼ 60−120 M¯). This represents

a unique fingerprint of merging BBHs in SCs.

Based on:

Di Carlo U. N., Giacobbo N., Mapelli M., Pasquato M., Spera M., Wang L., Haardt F.,

MNRAS, 2019, Volume 487, Issue 2, p.2947-2960
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2.1 Introduction

The recent detection of gravitational waves (GWs, Abbott et al. 2016a) by LIGO (Aasi

et al. et al., 2015) and Virgo (Acernese et al., 2015) has opened up a new way to in-

vestigate the Universe. Out of the 11 GW events reported so far, 10 have been inter-

preted as the merger of two black holes (BHs, Abbott et al. 2016a; Abbott et al. 2016e;

Abbott et al. 2016d; Abbott et al. 2017a; Abbott et al. 2017b; Abbott et al. 2017c; Ab-

bott et al. 2019b; Abbott et al. 2019a) and one as the merger of two neutron stars

(NSs, Abbott et al. 2017d). The double NS merger was accompanied by electromag-

netic emission almost in all the electromagnetic spectrum, from radio to gamma

rays (Abbott et al., 2017e; Abbott et al., 2017; Goldstein et al., 2017; Savchenko et al.,

2017; Margutti et al., 2017; Coulter et al., 2017; Soares-Santos et al., 2017; Chornock

et al., 2017; Cowperthwaite et al., 2017; Nicholl et al., 2017; Pian et al., 2017; Alexan-

der et al., 2017).

Seven out of 10 binary BH (BBH) mergers observed by the LIGO-Virgo collaboration

harbour BHs with mass & 30 M¯, significantly higher than the range inferred from

dynamical measurements of BH masses in nearby X-ray binaries (Orosz, 2003; Özel

et al., 2010; Farr et al., 2011). Such massive stellar BHs are expected to form from

the direct collapse of massive metal-poor stars (e.g. Heger et al. 2003; Mapelli et al.

2009; Mapelli et al. 2010; Belczynski et al. 2010; Fryer et al. 2012; Mapelli et al. 2013;

Spera et al. 2015; Spera and Mapelli 2017). Dynamical interactions in dense en-

vironments are also expected to significantly affect the mass spectrum of BHs (e.g.

Portegies Zwart and McMillan 2000b; Portegies Zwart and McMillan 2002; Portegies

Zwart et al. 2004; Gürkan et al. 2006; Giersz et al. 2015a; Mapelli 2016). Alternatively,

primordial BHs, which were predicted to form from gravitational instabilities in the

very early Universe (Carr et al., 2016; Raccanelli et al., 2016; Sasaki et al., 2016; Scelfo

et al., 2018) might also have a mass of ∼ 30−40 M¯.

Not only the mass spectrum of compact objects but also the formation channels of

compact-object binaries are matter of debate. Double compact objects might re-

sult from the evolution of isolated stellar binaries, i.e. systems of two stars which

are gravitationally bound since their birth. An isolated binary is expected to un-

dergo a number of processes during its life (including mass transfer, common enve-

lope episodes, tidal forces and supernova explosions). Binary population-synthesis

codes are generally used to study the formation of double compact objects from

the evolution of isolated stellar binaries (e.g. Tutukov et al. 1973; Flannery and van

den Heuvel 1975; Bethe and Brown 1998; Portegies Zwart and Yungelson 1998; Bel-

czynski et al. 2002; Voss and Tauris 2003; Podsiadlowski et al. 2004; Podsiadlowski et
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al. 2005; Belczynski et al. 2007; Belczynski et al. 2008; Moody and Sigurdsson 2009;

Mennekens and Vanbeveren 2014; Tauris et al. 2015; Tauris et al. 2017; Marchant

et al. 2016; Shao and Li 2018; Giacobbo et al. 2018; Giacobbo and Mapelli 2019) and

to estimate their merger rate density (e.g. Dominik et al. 2013; Dominik et al. 2015;

Belczynski et al. 2016b; de Mink and Mandel 2016; Mapelli et al. 2017; Chruslinska

et al. 2018; Mapelli and Giacobbo 2018; Mapelli et al. 2018; Giacobbo and Mapelli

2018; Kruckow et al. 2018; Spera et al. 2019a; Eldridge et al. 2019; Mapelli et al.

2019a).

Alternatively, dynamics in dense environments, such as young star clusters (SCs),

open clusters (Mapelli et al., 2013; Mapelli and Zampieri, 2014; Ziosi et al., 2014;

Mapelli, 2016; Kimpson et al., 2016; Chatterjee et al., 2017; Kumamoto et al., 2019a;

Rastello et al., 2019), globular clusters (Sigurdsson and Hernquist, 1993; Sigurdsson

and Phinney, 1995; O’Leary et al., 2006; Sadowski et al., 2008; Downing et al., 2010;

Downing et al., 2011; Rodriguez et al., 2015; Rodriguez et al., 2016; Rodriguez et al.,

2018; Antonini and Rasio, 2016; Antonini et al., 2019; Hurley et al., 2016; O’Leary

et al., 2016; Askar et al., 2017; Askar et al., 2018; Zevin et al., 2017; Samsing, 2018)

and nuclear SCs (O’Leary et al., 2009; Miller and Lauburg, 2009; VanLandingham

et al., 2016; Hoang et al., 2018; Arca-Sedda and Gualandris, 2018; Antonini et al.,

2019), can drive the formation and the evolution of compact-object binaries.

For example, dynamical exchanges can bring BHs into existing stellar binaries. BHs

are particularly efficient in acquiring companions via exchanges, because they are

among the most massive objects in a star cluster and exchanges tend to produce

more and more massive binaries (Hills and Fullerton, 1980). For this reason, Ziosi

et al., 2014 find that & 90 per cent of BBHs in open clusters form via dynamical ex-

changes. Binaries formed through exchanges have a characteristic signature: they

tend to be more massive than average, have high initial orbital eccentricity and

mostly misaligned spins.

Furthermore, dynamical hardening via three- or multi-body encounters can also

affect the evolution of “hard” binaries (i.e. binaries whose binding energy is higher

than the average kinetic energy of other SC members Heggie 1975), by shrinking

their orbital separation until they enter the regime where GW emission proceeds

efficiently (see e.g. Mapelli 2018 for a recent review). Finally, “soft” binaries (i.e.

binaries whose binding energy is lower than the average kinetic energy of other SC

members) might even be broken by three-body and multi-body encounters. Other

dynamical processes which might affect the evolution of compact-object binaries

include runaway collisions (e.g. Mapelli 2016), Spitzer’s instability (Spitzer, 1969),

Kozai-Lidov resonances (Kozai, 1962; Lidov, 1962), and dynamical ejections (e.g.
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Downing et al. 2011). Three-body and multi-body scattering experiments have

shown that these effects are crucial for the demography of BBHs in SCs (Good-

man and Hut, 1993; Kulkarni et al., 1993; Miller and Hamilton, 2002a; Colpi et al.,

2003; Antonini et al., 2016; Zevin et al., 2019a; Arca-Sedda et al., 2018; Samsing and

D’Orazio, 2018).

Dynamics is a crucial ingredient to understand the formation of compact-object

binaries because massive stars (which are thought to be the progenitors of BHs

and NSs) form preferentially in young SCs and associations (Lada and Lada, 2003;

Portegies Zwart et al., 2010). Thus, it is reasonable to expect that compact objects

and their stellar progenitors participate in the dynamics of their parent SC, before

being ejected or scattered into the field.

Despite this, most studies of BH dynamics neglect young SCs and star-forming re-

gions, with few exceptions (Portegies Zwart and McMillan, 2002; Banerjee et al.,

2010; Kouwenhoven et al., 2010; Ziosi et al., 2014; Goswami et al., 2014; Mapelli,

2016; Banerjee, 2018b; Banerjee, 2018a; Fujii et al., 2017; Kumamoto et al., 2019a;

Rastello et al., 2019). The relative scarcity of studies about BHs in young SCs is par-

tially due to the fact that these are small, generally clumpy and asymmetric stellar

systems, mostly composed of few hundred to several thousand stars: they cannot

be modelled with fast Monte Carlo techniques, but require expensive direct N-body

simulations. Moreover, stellar evolution is a key ingredient in the life of young SCs,

because their age is comparable with the lifetime of massive stars: mass loss by

stellar winds and supernova (SN) explosions contribute significantly to the dynam-

ical evolution of young stellar systems (e.g. Mapelli and Bressan 2013; Trani et al.

2014). This implies that dynamical models of young SCs should also include stellar

evolution through accurate population synthesis.

Furthermore, observations suggest that young embedded SCs are characterised by

clumpiness (e.g. Cartwright and Whitworth 2004; Gutermuth et al. 2005) and high

fractions of binaries (e.g. Sana et al. 2012), whereas most simulations of young

SCs adopt idealized initial conditions, consisting of monolithic King models (King,

1966) and assuming a very small fraction of binaries ( f ∼ 0−0.1).

Our aim is to study the demography of double compact objects in young SCs, fol-

lowing a novel approach: we have run a large set of N-body simulations of young

SCs with fractal initial conditions (which mimic the clumpy and asymmetric struc-

ture of star-forming regions, e.g. Goodwin and Whitworth 2004) and with a high ini-

tial binary fraction ( fbin = 0.4). The initial masses of our SCs have been randomly

drawn according to a power-law distribution d N /d MSC ∝ M−2
SC (from MSC = 103

M¯ to 3×104 M¯), consistent with the mass distribution of young SCs in the Milky
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Way (Elmegreen and Efremov, 1997; Lada and Lada, 2003). While these SCs host

fewer stars than globular clusters and other massive clusters, they make up the vast

majority of the SCs in the Universe (Kroupa and Boily, 2002), and their cumula-

tive contribution to BH statistics may thus be significant. We evolve each SC with

an accurate treatment of dynamics (Wang et al., 2015) and with up to date binary

population-synthesis models (Giacobbo et al., 2018).

2.2 Methods

The simulations were done using the direct summation N-Body code

NBODY6++GPU (Wang et al., 2015) coupled with the new population synthesis

code MOBSE (Giacobbo et al., 2018).

2.2.1 Direct N-Body

NBODY6++GPU is the GPU parallel version of NBODY6 (Aarseth, 2003). It imple-

ments a 4th-order Hermite integrator, individual block time–steps (Makino and

Aarseth, 1992) and Kustaanheimo-Stiefel (KS) regularization of close encounters

and few-body subsystems (Stiefel, 1965).

A neighbour scheme (Nitadori and Aarseth, 2012) is used to compute the force con-

tributions at short time intervals (irregular force/timesteps), while at longer time

intervals (regular force/timesteps) all the members in the system contribute to the

force evaluation. The irregular forces are evaluated using CPUs, while the regu-

lar forces are computed on GPUs using the CUDA architecture. This version of

NBODY6++GPU does not include post-Newtonian terms 1.

2.2.2 Population synthesis

In its original version, NBODY6++GPU is coupled with the population synthesis

code BSE (Hurley et al., 2000; Hurley et al., 2002). For this work, we modi-

fied NBODY6++GPU, coupling it with the new population synthesis code MOBSE

(Mapelli et al., 2017; Giacobbo et al., 2018; Giacobbo and Mapelli, 2018; Gia-

cobbo and Mapelli, 2019; Mapelli and Giacobbo, 2018), an updated version of BSE.

1In other versions of NBODY, general relativity is taken into account in the algorithmic regular-
ization routine via post-Newtonian terms. As recently discussed in several works (Samsing et al.,
2017; Rodriguez et al., 2018; Samsing et al., 2018; Arca-Sedda et al., 2018; Zevin et al., 2019a), in-
cluding post-Newtonian terms in N-body simulations might increase the chance for BBHs to merge
inside the cluster before ejection, thus increasing the total number of merging events.
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NBODY6++GPU and MOBSE are perfectly integrated: they update stellar parameters

and trajectories simultaneously during the computation.

MOBSE implements some of the most recent stellar wind models for massive hot

stars (Vink et al., 2001; Gräfener and Hamann, 2008; Vink et al., 2011; Vink,

2016), including the impact of the Eddington factor Γe on mass loss (Gräfener and

Hamann, 2008; Chen et al., 2015). Here, we adopt the following definition of Γe :

logΓe =−4.813+ log(1+XH )+ log(L/L¯)− log(M/M¯), (2.1)

where XH is the Hydrogen fraction, L is the stellar luminosity and M is the stellar

mass.

In MOBSE the mass loss of massive hot stars (O- and B-type main sequence stars,

luminous blue variable stars and Wolf-Rayet stars) scales as Ṁ ∝ Zβ, where β is

defined as (Giacobbo and Mapelli, 2018)

β=


0.85 if Γe < 2/3

2.45−2.4Γe if 2/3 ≤ Γe < 1

0.05 if Γe ≥ 1

(2.2)

MOBSE includes two different prescriptions for core-collapse supernovae (SNe)

from Fryer et al., 2012: the rapid and the delayed SN models. The former model as-

sumes that the SN explosion only occurs if it is launched. 250 ms after the bounce,

while the latter has a longer timescale (& 500 ms). In both models, a star is as-

sumed to directly collapse into a BH if its final Carbon-Oxygen mass is & 11 M¯.

For the simulations described in this paper we adopt the delayed model. Recipes

for electron-capture SNe are also included in MOBSE (Hurley et al., 2000; Fryer et al.,

2012; Giacobbo and Mapelli, 2019).

Prescriptions for pair instability SNe (PISNe) and pulsational pair instability SNe

(PPISNe) are implemented using the fitting formulas by Spera and Mapelli, 2017. In

particular, stars which grow a Helium core mass 64 ≤ mHe/M¯ ≤ 135 are completely

disrupted by a PISN and leave no compact object, while stars with 32 ≤ mHe/M¯ <
64 undergo a PPISN: they evolve through a set of pulsations, which enhance mass

loss and cause the final remnant mass to be significantly smaller than they would

be if we had accounted only for core-collapse SNe. According to our current knowl-

edge of PISNe and PPISNe and to the stellar evolution prescriptions implemented

in MOBSE, we expect no compact objects in the mass range ∼ 60−120 M¯ from sin-

gle stellar evolution. Binary evolution might affect this range. For example, mass

accretion onto an evolved star (or the merger between a post-main sequence star
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and a main sequence star) might increase the mass of the Hydrogen envelope with-

out significantly affecting the Helium core: at the time of collapse, such star will

have a Helium core mass below the PPISN/PISN range, but a significantly larger

Hydrogen envelope. By direct collapse, this star might produce a BH with mass

≥ 60 M¯. Clearly, the possibility of forming BHs with mass in the PPISN/PISN gap

depends on the assumptions about efficiency of mass accretion, about mass loss

after stellar mergers and about core-collapse SNe.

Thanks to these assumptions for massive star evolution and SNe, the BH mass spec-

trum predicted by MOBSE depends on progenitor’s metallicity (the maximum BH

mass being higher at lower metallicity) and is consistent with LIGO-Virgo detec-

tions 2 (Abbott et al., 2016d; Abbott et al., 2016a; Abbott et al., 2016e; Abbott et al.,

2017a; Abbott et al., 2017b; Abbott et al., 2017c; Abbott et al., 2019b).

Natal kicks are randomly drawn from a Maxwellian velocity distribution. A one-

dimensional root mean square velocity σCCSN = 265 km s−1 and σECSN = 15 km s−1

are adopted for core-collapse SNe (Hobbs et al., 2005) and for electron-capture SNe

(Dessart et al., 2006; Jones et al., 2013; Schwab et al., 2015; Giacobbo and Mapelli,

2019), respectively. Kick velocities of BHs are reduced by the amount of fallback as

VKICK = (1− ffb)V , where ffb is the fallback parameter described in Fryer et al., 2012

and V is the velocity drawn from the Maxwellian distribution.

Binary evolution processes such as tidal evolution, Roche lobe overflow, common

envelope and GW energy loss are taken into account as described in Hurley et al.,

2002. In particular, our treatment of common envelope depends on two parame-

ters: α (describing the efficiency of energy transfer) and λ (describing the geometry

of the envelope and the importance of recombinations). In this work, we assume

α= 3, while λ is derived by MOBSE as described in Claeys et al., 2014.

Orbital decay and circularisation by GW emission are calculated according to Pe-

ters, 1964 without explicitly including post-Newtonian terms. The standard version

of BSE calculates GW energy loss only if the two binary members are closer than 10

R¯, which has been shown to lead to a serious underestimate of the merger rate

of eccentric binaries in dynamical simulations (Samsing, 2018). In MOBSE, we re-

move the 10 R¯ limit: GW decay is calculated for all binaries of two compact objects

(white dwarfs, NSs and BHs).

Finally, if two stars merge during the N-body simulations, the amount of mass loss

is decided by MOBSE, which adopts the same prescriptions as BSE, but for one ex-

ception: if a star merges with a BH or a NS, MOBSE assumes that the entire mass

2The BHs detected thus far by LIGO and Virgo are consistent with a power law mass distribution
with index 1.6+1.5

−1.7 (at 90% credibility) and with maximum mass ∼ 45 M¯ (e.g. Abbott et al. 2019a).
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of the star is immediately lost by the system and the BH (or NS) does not accrete

it (while the version of BSE implemented in NBODY6++GPU assumes that the entire

mass is absorbed by the compact object). This assumption by MOBSE is very conser-

vative, because it is highly unlikely that the compact object can accrete a substantial

fraction of the stellar mass, but it is hard to quantify the actual mass accretion.

2.2.3 Initial conditions

We generate the initial conditions with MCLUSTER (Küpper et al., 2011), which al-

lows to produce models with different degrees of fractal substructures (Goodwin

and Whitworth, 2004). The level of fractality is decided by the parameter D (where

D = 3 means homogeneous distribution of stars). In this work, we adopt D = 1.6

(high-fractality runs3) and D = 2.3 (low-fractality runs). The qualitative difference

between these two fractal dimensions is represented in Figure 2.1.

In this work, we have simulated 4×103 fractal young SCs: half of them with D = 1.6

(HF sample) and the remaining half with D = 2.3 (LF sample). The total mass

MSC of each SC (ranging from 1000 M¯ to 30000 M¯) is drawn from a distribution

d N /d MSC ∝ M−2
SC , as the embedded SC mass function described in Lada and Lada,

2003. Thus, the mass distribution of our simulated SCs mimics the mass distribu-

tion of SCs in Milky Way-like galaxies. We choose the initial SC half mass radius

rh according to the Marks & Kroupa relation (Marks et al., 2012), which relates the

total mass MSC of a SC at birth with its initial half mass radius rh :

rh = 0.10+0.07
−0.04 pc

(
MSC

M¯

)0.13±0.04

. (2.3)

The SCs are initialised in virial equilibrium.

All simulated SCs have stellar metallicity Z = 0.002, i.e. 1/10 of the solar metallicity

(if we assume solar metallicity Z¯ = 0.02). The stars in the simulated SCs follow

a Kroupa, 2001 initial mass function, with minimum mass 0.1 M¯ and maximum

mass 150 M¯.

We assume an initial binary fraction fbin = 0.4. The orbital periods, eccentricities

and mass ratios of binaries are drawn from Sana et al., 2012. In particular, we obtain

the mass of the secondary m2 as follows:

F(q) ∝ q−0.1 with q = m2

m1
∈ [0.1−1] , (2.4)

3Portegies Zwart, 2016 suggest that the fractal dimension of young SCs should be ∼ 1.6 by com-
paring observations of the Orion Trapezium Cluster with N-body simulations.

37



the orbital period P from

F(r ) ∝ (r )−0.55 with r = log10(P/day) ∈ [0.15−5.5] (2.5)

and the eccentricity e from

F(e) ∝ e−0.42 with 0 ≤ e < 1. (2.6)

The force integration includes a solar neighbourhood-like static external tidal field.

In particular, the potential is point-like and the simulated SCs are assumed to be

on a circular orbit around the centre of the Milky Way with a semi-major axis of

8kpc (Wang et al., 2016). Each SC is evolved until its dissolution or for a maximum

time t = 100Myr. The choice of terminating the simulations at t = 100Myr is moti-

vated by the fact that our tidal field model tends to overestimate the lifetime of SCs

because we do not account for massive perturbers (e.g. molecular clouds), which

accelerate the SC disruption (Gieles et al., 2006).

We compare the results of the SC simulations with isolated binary simulations per-

formed with the standalone version of MOBSE. In particular, we simulate 107 iso-

lated binaries (IBs) with the same initial conditions as SC binaries, i.e. metallicity

Z = 0.002, primary mass drawn from a Kroupa (Kroupa, 2001) mass function be-

tween 0.1 and 150 M¯, secondary mass, eccentricity and orbital periods derived

from Sana et al., 2012.

A summary of the initial conditions of the performed simulations is reported in

Table 2.1. In the following, we consider four simulation sets: i) HF: simulated SCs

with high level of fractality (D = 1.6); ii) LF: simulated SCs with low level of fractality

(D = 2.3); iii) SC: all simulated SCs (considering HF and LF simulations together);

iv) IB: isolated binary simulations run with the standalone version of MOBSE.

2.3 Results

2.3.1 Statistics of dynamically formed binary BHs (BBHs)

First, we estimate how many BBHs form via dynamical channels in our simula-

tions. We define exchanged binaries as binaries formed via dynamical exchanges,

whereas those binaries which were generated in the initial conditions are dubbed

as original binaries4. At the end of the simulations (t = 100 Myr), ∼ 85− 89 % of

4Usually, dynamicists use the adjective primordial to refer to binaries which are already present
in the initial conditions, but we use a different adjective to avoid confusion with primordial BHs (i.e.
BHs which originate from gravitational instabilities in the early Universe Carr et al. 2016).
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Figure 2.1: SC models generated with the MCLUSTER code. Each point represents a star. Both
SCs have a total mass of 5000 M¯. Top: model with fractal dimension D = 1.6. Bottom: model
with fractal dimension D = 2.3.

Table 2.1: Initial conditions.

Set Run number MSC [M¯] rh [pc] Z fbin D IMF mmin [M¯] mmax [M¯]

HF 2×103 103 −3×104 0.1× (
MSC/M¯

)0.13 0.002 0.4 1.6 Kroupa (2001) 0.1 150

LF 2×103 103 −3×104 0.1× (
MSC/M¯

)0.13 0.002 0.4 2.3 Kroupa (2001) 0.1 150

SC 4×103 103 −3×104 0.1× (
MSC/M¯

)0.13 0.002 0.4 1.6, 2.3 Kroupa (2001) 0.1 150
IB 107 – – 0.002 1.0 – Kroupa (2001) 5 150

Column 1: Name of the simulation set. HF: high fractality (D = 1.6) N-body simulations; LF: low
fractality (D = 2.3) N-body simulations; SC: all N-body simulations considered together (i.e. set HF
+ set LF); IB: isolated binaries (population synthesis simulations run with MOBSE, without
dynamics). Column 2: Number of runs; column 3: total mass of SCs (MSC); column 4: half-mass
radius (rh); column 5: metallicity (Z ); column 6: initial binary fraction ( fbin); column 7: fractal
dimension (D); column 8: initial mass function (IMF); column 9: minimum mass of stars (mmin);
column 10: maximum mass of stars (mmax).

all surviving BBHs are exchanged binaries. Thus, dynamical exchanges give an im-

portant contribution to the population of BBHs. We find no significant differences

between runs with high fractal number (HF) and with low fractal number (LF). Ta-

ble 2.2 shows the statistics for the different simulation sets.

We check how many of these BBHs are expected to merge by GW decay within a

Hubble time (tH = 14 Gyr). No binaries merge during the dynamical simulations.

Thus, to calculate the merging time, we use the following equation (Peters, 1964)

tGW = 5

256

c5 a4 (1−e2)7/2

G3 m1 m2 (m1 +m2)
, (2.7)

where c is the speed of light, G is the gravitational constant, e is the eccentricity of

the binary, a is the semi-major axis of the binary, m1 and m2 are the masses of the
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primary and of the secondary BH, respectively. For each binary, we take the values

of a and e at the end of the simulation (during the simulation, MOBSE integrates

the change of eccentricity and semi-major axis driven by GW decay using a similar

formalism, derived from Peters 1964).

The number of BBHs merging within a Hubble time (hereafter, merging BBHs) is

also shown in Table 2.2. More than half of merging BBHs (∼ 50 % and ∼ 56 % in HF

and LF simulations, respectively) are exchanged binaries, confirming the impor-

tance of dynamical exchanges for merging BBHs. Moreover, only 4 merging BBHs

(. 2 per cent of all merging BBHs) are still members of their parent SC at the end of

the simulation, while the others have all been dynamically ejected.

These results confirm the importance of dynamics, and in particular of dynamical

exchanges, for the demography of BBHs in small young SCs. Interestingly, the vast

majority (if not all) of dynamically formed merging BBHs are no longer members of

their parent SC when they merge, because of dynamical ejections.

Overall, the populations of merging BBHs in HF and LF simulations show a similar

trend. For this reason, in the rest of the paper, we will consider HF and LF simu-

lations as a single simulation set (SC simulations), unless otherwise specified. We

will discuss the differences between HF and LF simulations in Section 2.3.6.

2.3.2 BH mass distribution

The next step is to understand whether BBHs formed in young SCs have distinctive

features with respect to isolated binaries. In this section, we consider the mass of

BHs.
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Figure 2.2: BH mass (mBH) as a function of the zero-age main sequence (ZAMS) mass of the
progenitor stars (mZAMS) in the SC simulations (left), and in IBs evolved with MOBSE (right).
The logarithmic colour bar represents the number of BHs per cell, normalized to the maximum
cell-value of each plot. Each cell is a square with a side of 1.5 M¯. The red dashed line repre-
sents the mass spectrum of compact objects obtained from single stellar evolution. Dynamical
interactions trigger the formation of more massive BHs. Intermediate-mass BHs (IMBHs, i.e.
BHs with mass mBH > 150 M¯) and second-generation BHs (Gerosa and Berti 2017, i.e. the
products of the merger of two BHs) are not shown in this Figure.

2.3.2.1 BH mass versus ZAMS mass

Figure 2.2 shows the mass of all simulated BHs with mass mBH < 150 M¯ (both sin-

gle and binary BHs) as a function of the zero-age main sequence (ZAMS) mass of

the progenitor star. The left-hand panel shows the results of the SC simulations

(considering BBHs from models HF and LF together, because the level of fractality

does not significantly affect the masses, see Table 2.3), while the right-hand panel

shows the comparison sample of isolated binaries (IB). The BH mass we obtain

from the evolution of single stars is shown as a red dotted line in both plots.

Dynamics does not affect significantly the mass of the majority of BHs: the most

densely populated regions of the plot are the same in both panels. Binary evolution

processes (especially mass transfer and common envelope) have a much stronger

impact than dynamics on the mass of most BHs. For example, the large number of

BHs with mass higher than expected from single star evolution (red dotted line) for

progenitors with ZAMS mass MZAMS < 60 M¯ is an effect of mass accretion, while

most of the BHs with mass lower than expected from single star evolution originate

from donor stars whose envelope was peeled off (see Giacobbo and Mapelli 2018

and Spera et al. 2019a for more details on the effects of binary evolution on BH

masses).
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Figure 2.3: Top (Bottom) panel: distribution of BH masses in the SC (IB) simulations. Blue: all
BHs excluding IMBHs and second-generation BHs; green: BHs which reside in BBH systems at
the end of the simulations; red: BHs in merging BBH systems.

However, dynamics crucially affects the maximum mass of BHs (see also Fig. 2.3).

In the N-body simulations, BHs with mass up to ∼ 440 M¯ are allowed to form,

while the maximum mass of BHs formed from isolated binary evolution is ∼ 60 M¯.

In Figures 2.2 and 2.3, we show only BHs with mass < 150 M¯ for clarity. BHs with

mass > 150 M¯ are very rare and including them would make these figures more

difficult to read. Figure 2.4 shows the BHs with mass mBH ≥ 150 M¯. These are

intermediate-mass BHs (IMBHs) formed by runaway collisions of stars in the early

evolution of the SC (see e.g. Portegies Zwart and McMillan 2002; Portegies Zwart

et al. 2004; Giersz et al. 2015a; Mapelli 2016). In our simulations, we find 24 IMBHs,

which represent only the 0.065 % of all simulated BHs.

42



150 200 250 300 350 400 450
mBH [M ]

2

4

6

8

10
N I

M
BH

Figure 2.4: Mass distribution of the 24 IMBHs formed by runaway collisions in our SC simula-
tions.

The percentage of BHs with mass> 70 M¯ in the N-body simulations is only∼ 1 % of

all BHs (∼ 0.92 % and ∼ 0.96 % in LF and HF simulations, respectively). Thus, they

are very rare, but their large mass is a clear signature of dynamical origin. These

massive BHs form because of multiple stellar mergers, which can happen only in

SCs. In fact, if the two members of an isolated binary merge together, the probabil-

ity that their merger product acquires a new companion is negligible; whereas the

merger product of a binary in a SC has a good chance to acquire a new companion

dynamically (especially if it is particularly massive) and might merge also with new

companion (Mapelli, 2016). Of course, these multiple mergers are mostly mergers

of stars, because mergers of BBHs are much rarer events (see next section). In par-

ticular, the most massive BHs in our simulations form from the merger of at least

four stars.

Because the most massive BHs originate from multiple stellar mergers (or even run-

away collisions), the maximum BH mass in the N-body simulations essentially does

not depend on the ZAMS mass of the progenitor (in the case of mergers, Figure 2.2

shows the ZAMS mass of the most massive among the stellar progenitors).

We expect PISNe and PPISNe to prevent the formation of BHs with mass ∼ 60−
120 M¯ from single stellar evolution (Belczynski et al., 2016a; Spera and Mapelli,

2017; Woosley, 2017). On the other hand, Spera et al., 2019a have already shown

that binary evolution might produce few BHs in the mass gap. For example, the

merger between an evolved star (with an already well developed Helium or Carbon-
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Table 2.2: Number of SC BBHs.

Set Exchanged BBHs Original BBHs Merging Exchanged BBHs Merging Original BBHs

HF 710 124 60 59
LF 786 98 62 48

Number of BBHs in HF and LF simulations. Column 1: Name of the simulation set; column 2:
number of BBHs that formed from dynamical exchanges and that are still bound at the end of the
simulations (t = 100 Myr); column 3: number of BBHs that formed from original binaries and that
are still bound at the end of the simulations (t = 100 Myr); column 4: number of BBHs that formed
from dynamical exchanges and that merge within a Hubble time (hereafter merging exchanged
BBHs); column 5: number of BBHs that formed from original binaries and that merge within a
Hubble time (hereafter merging original BBHs).

Oxygen core) and a main sequence star might produce a very massive star with a

large Hydrogen envelope but with a Helium core smaller than required to enter the

pair-instability range. Such star might end its life directly collapsing to a BH with

mass in the pair instability gap. In a SC, such massive BHs have additional chances

to form (see e.g. Mapelli 2016), because multiple mergers between stars are likely.

Moreover, if a BH with mass ∼ 60− 120 M¯ forms from the merger of an isolated

binary, it will remain a single BH. In contrast, if a BH with mass 60 - 120 M¯ forms

from a binary in a SC, it might acquire another companion by dynamical exchange

and merge via GW emission (see Section 3.2.3 for more details on these systems).

2.3.2.2 Mass of single versus binary BHs

The top panel of Figure 2.3 compares the mass distribution of all BHs with mBH <
150 M¯ formed in the N-body simulations (including merger products) with the

mass of BHs which are members of BBHs by the end of the N-body simulations.

Light BHs are less likely to be members of a binary than massive BHs: just ∼ 4 % of

BHs with mass lower than 30 M¯ reside in BBHs by the end of the SC simulations,

while ∼ 29 % of BHs with mass larger than 30 M¯ have a BH companion by the end

of the SC simulations.

The bottom panel of Figure 2.3 shows the same quantities for the IB simulations.

The difference between top and bottom panel is apparent: no BHs with mass larger

than 60 M¯ form in the IB simulations at metallicity Z = 0.002, while SC dynamics

induces the formation of BHs with mass up to ∼ 440 M¯ (Fig. 2.4).

We stress that BHs with mass & 60 M¯ are inside the mass gap expected from PISNe

and PPISNe (Belczynski et al., 2016b; Woosley, 2017; Spera and Mapelli, 2017): they

can form dynamically because of multiple mergers between stars.
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Figure 2.5: Distribution of total masses (mtot = m1 +m2) of merging BBHs. Orange solid line:
original BBHs formed in SCs; blue solid line: exchanged BBHs formed in SCs; red dashed line:
all merging BBHs formed in SCs (original+exchanged); grey filled histogram: BBHs formed in
isolated binaries (IBs). Each distribution is normalized to its total number of elements.

2.3.2.3 Mass of merging BHs: exchanged, original and isolated binaries

From Fig. 2.3 it is apparent that the most massive BHs do not merge within a Hub-

ble time, in both IBs and SCs. This effect was already discussed in previous work

(Giacobbo et al., 2018; Giacobbo and Mapelli, 2018; Spera et al., 2019a) and is a con-

sequence of the stellar radius evolution of the progenitors of such massive BHs.5

If we compare the two red histograms in the top and bottom panel, we see that the

maximum mass of merging BHs is larger in SCs than in IBs. Thus, dynamics triggers

the merger of some massive (> 40 M¯) BHs, which cannot merge if they evolve in

IBs.

Figure 2.5 shows the total masses (mtot = m1 +m2) of merging exchanged and orig-

inal BBHs in SCs. The former are merging BBHs which form from exchanged bina-

5Unless chemical homogeneous evolution is assumed, the radii of massive stars (mZAMS & 40
M¯) reach values of several hundred to several thousand R¯. Stellar binaries with initial orbital
separation larger than these radii survive early coalescence and can evolve into massive BBHs, but
the latter cannot merge via GW decay because their semi-major axis is too large. In contrast, stel-
lar binaries with smaller orbital separations either merge before becoming BHs or undergo a non-
conservative mass transfer (or common envelope) process. At the end of this process, the binary
might survive and evolve into a BBH, but the mass of the two BHs will be significantly smaller than
expected from single stellar evolution, because of mass loss during mass transfer (Giacobbo and
Mapelli, 2018; Spera et al., 2019a).

45



0 5 10 15 20 25 30 35 40 45 50
mchirp [M ]

0.0

0.1

0.2

0.3

0.4

0.5
N/

N T
OT

 SC Merging BBHs
SC Merging Original BBHs
SC Merging Exchanged BBHs
IB Merging BBHs

Figure 2.6: Same as Figure 2.5, but for the distribution of chirp masses mchirp = (m1 m2)3/5(m1+
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Figure 2.7: Same as Figure 2.5, but for the distribution of mass ratios q = m2/m1 of merging
BBHs. The error bars represent Poisson uncertainties.
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ries in SC simulations, while the latter are merging BBHs which form from original

binaries in SC simulations. For comparison, we also show the total masses of merg-

ing BBHs from IB simulations. The distribution of exchanged BBHs is markedly

different from the other two. In particular, merging exchanged BBHs tend to be

more massive than original BBHs: mtot ≤ 70 M¯ for both isolated BBHs and origi-

nal BBHs, while merging exchanged BBHs can reach mtot ∼ 120 M¯. Table 2.3 shows

the results of the Wilcoxon U-test (Bauer, 1972; Hollander and Wolfe, 1999) and

of the Kolmogorov-Smirnov (KS) test (Birnbaum, Tingey, et al., 1951; Wang et al.,

2003), which confirm that the mass distribution of merging exchanged BBHs is not

consistent with the other two classes of merging BBHs.

This large difference can be easily explained with the properties of dynamical ex-

changes: exchanges tend to favour the formation of more and more massive bina-

ries because these are more energetically stable (see e.g. Hills and Fullerton 1980).

Interestingly, the mass distribution of merging original BBHs is also significantly

different from the distribution of merging BBHs formed from IB simulations (see

Table 2.3). Since both IBs and original binaries in SCs were evolved with the same

population synthesis code (MOBSE), dynamical effects are the only way to explain

this difference. Even if they do not form through dynamical exchanges, also origi-

nal BBHs participate in the dynamical life of a SC: they can be hardened or softened

or even ionized by three-body encounters. More massive BBHs are more likely to

be hardened by three-body encounters, while light BBHs are more likely to be soft-

ened or ionized. This explains why merging original BBHs tend to be more massive

than merging BBHs in IBs. Thus, dynamics affects almost the entire population of

merging BBHs in SCs: not only exchanged BBHs, but also original BBHs.

Similar considerations apply also to the distribution of chirp masses mchirp =
(m1 m2)3/5(m1 + m2)−1/5 (Figure 2.6): we find no merging original BBHs with

mchirp > 30 M¯, while merging exchanged BBHs reach mchirp ∼ 50 M¯.

Figure 2.7 shows the mass ratios of merging BBHs (defined as q = m2/m1). All dis-

tributions peak at q ∼ 1. However, small mass ratios are significantly more likely in

merging exchanged BBHs than in both merging original and isolated BBHs. More-

over, merging exchanged BBHs show a (marginally statistically significant) bump

around q ∼ 0.4.

Table 2.3 confirms that the distribution of q of the merging exchanged BBHs is sig-

nificantly different from both merging original BBHs and isolated binaries. This can

be easily explained with the different formation channels. If two BHs form from the

same close stellar binary, mass transfer and common envelope episodes tend to

“redistribute” the mass inside the system, leading to the formation of two BHs with
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Table 2.3: Results of the U-Test and KS-Test to compare two BBH samples.

BBH sample 1 BBH sample 2 Distribution U-Test KS-Test Median 1 Median 2

HF – Merging BBHs LF – Merging BBHs mtot 0.57 0.20 32.8 M¯ 35.4 M¯
HF – Merging BBHs LF – Merging BBHs mchirp 0.51 0.50 14.0 M¯ 14.6 M¯
HF – Merging BBHs LF – Merging BBHs q 0.03 0.05 0.88 0.81
HF – Merging BBHs LF – Merging BBHs texch 0.04 0.11 1.9 Myr 2.8 Myr
SC – Merging BBHs IB – Merging BBHs mtot 0 0 34.7 M¯ 24.0 M¯
SC – Merging BBHs IB – Merging BBHs mchirp 0 0 14.2 M¯ 10.4 M¯
SC – Merging BBHs IB – Merging BBHs q 10−7 10−7 0.84 0.89
SC – Merging Exchanged BBHs SC – Merging Original BBHs mtot 10−8 10−8 41.5 M¯ 30.2 M¯
SC – Merging Exchanged BBHs IB – Merging BBHs mtot 0 0 41.5 M¯ 24.0 M¯
SC – Merging Original BBHs IB – Merging BBHs mtot 10−9 10−9 30.2 M¯ 24.0 M¯

SC – Merging Exchanged BBHs SC – Merging Original BBHs mchirp 10−5 10−7 16.9 M¯ 13.2 M¯
SC – Merging Exchanged BBHs IB – Merging BBHs mchirp 0 0 16.9 M¯ 10.4 M¯
SC – Merging Original BBHs IB – Merging BBHs mchirp 10−9 10−9 13.2 M¯ 10.4 M¯

SC – Merging Exchanged BBHs SC – Merging Original BBHs q 10−4 10−4 0.78 0.89
SC – Merging Exchanged BBHs IB – Merging BBHs q 10−9 10−9 0.78 0.89
SC – Merging Original BBHs IB – Merging BBHs q 0.27 0.14 0.89 0.89

In this Table we apply the U- and KS- tests to compare different samples of merging BBHs (i.e.
BBHs merging within a Hubble time). Columns 1 and 2: the two BBH samples to which we apply
the U- and KS- test. Each sample comes from one of the simulation sets (HF, LF, SC and IB, see
Table 2.1). For the SC sample we also distinguish between “Exchanged BBHs” and “Original BBHs”
(see Section 3.1 for the definition). Column 3: distribution to which we apply the U- and KS- tests.
We consider total BBH masses (mtot), chirp masses (mchirp), mass ratios (q) and time of the
exchange (texch, for exchanged binaries only). Columns 4 and 5: probability that the two samples
are drawn from the same distribution according to the U-Test and to the Kolmogorov-Smirnov (KS)
Test, respectively. Values smaller than 10−20 are indicated with 0. Columns 6 and 7: median values
of the distributions of BBH sample 1 and 2, respectively.

similar mass. In contrast, if two BHs enter the same binary by exchange, after they

formed, their mass cannot change anymore and even extreme mass ratios q ∼ 0.1

are possible.

Finally, Figure 2.8 shows the mass of the primary BH versus the mass of the sec-

ondary BH of merging systems. The first 10 GW events associated with BBHs are

also shown. It must be kept in mind that we are not weighing the simulated dis-

tributions for the probability of observing them with LIGO-Virgo (e.g. more mas-

sive BHs can be observed to a farther distance than light BHs, Abbott et al. 2016b).

From this Figure, it is apparent that the LIGO-Virgo BBHs lie in a region of the

m1 −m2 plane which is well populated by both IB and SC merging BBHs at metal-

licity Z = 0.002. Merging exchanged BHs are clearly different from the other two

populations, both in terms of masses and in terms of mass ratios. Interestingly, the

most massive event GW170729 (Abbott et al., 2019b) lies in a region that is popu-

lated only by merging exchanged BBHs.

Table 2.4 summarizes the masses of the most massive merging BBHs in our simu-
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Figure 2.8: Mass of the primary BH (m1) versus mass of the secondary BH (m2) of merg-
ing BBHs. Filled contours (with grey colour map): IBs; orange circles: SC merging original
BBHs; blue circles: SC merging exchanged BBHs; red stars with error bars: LIGO-Virgo de-
tections of BH mergers – GW150914 (Abbott et al., 2016a), GW151012 (Abbott et al., 2016d),
GW151226 (Abbott et al., 2016e), GW170104 (Abbott et al., 2017a), GW170608 (Abbott et al.,
2017b), GW170729 (Abbott et al., 2019b), GW170809 (Abbott et al., 2019b), GW170814 (Abbott
et al., 2017c), GW170818 (Abbott et al., 2019b) and GW170823 (Abbott et al., 2019b). Error bars
indicate 90% credible levels.

lations (with mtot ≥ 70 M¯). All of them are SC exchanged BBHs. The mass of the

primary spans from 35 to 90 M¯, with five BHs more massive than 60 M¯ (these lie

in the mass gap produced by PPISNe and PISNe). The mass of the secondary ranges

from 24 to 48 M¯. These massive merging BBHs have median mass ratio q = 0.75,

significantly lower than 1. The most massive binary (m1 = 90 M¯, m2 = 31 M¯) has

also the lowest mass ratio q = 0.34.

2.3.3 Orbital eccentricity of merging BBHs

Orbital eccentricity is another feature which can be probed with current and future

GW detectors (Nishizawa et al., 2016; Nishizawa et al., 2017; Rodriguez et al., 2018).

Dynamical exchanges tend to produce more eccentric binaries, although GW emis-

sion circularizes them very efficiently. Thus, even binaries with extreme eccentric-
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Table 2.4: Heavy merging BBHs.

m1 (M¯) m2 (M¯) q
90 31 0.34
79 35 0.44
63 47 0.75
62 38 0.53
61 46 0.75
57 48 0.84
54 42 0.78
51 36 0.71
51 24 0.47
50 47 0.94
50 39 0.78
48 41 0.85
48 35 0.73
49 30 0.61
40 36 0.78
36 36 1.00
35 35 1.00

Properties of merging BBHs with total mass mtot ≥ 70 M¯. Column 1: primary mass (m1);
column 2: secondary mass (m2); column 3: mass ratio (q). All these binaries are exchanged BBHs.

ity might achieve almost null eccentricity when they reach the LIGO-Virgo band

(> 10 Hz). However, a significant fraction of exchanged BBHs formed in SCs (e.g.

Rodriguez et al. 2018; Samsing 2018; Arca-Sedda et al. 2018) or nuclear SCs (e.g.

Antonini and Rasio 2016) is predicted to have eccentricity e & 10−2 when entering

the LISA band (∼ 10−4 −1 Hz).

Figure 2.9 shows the initial eccentricity ein of our merging BBHs (i.e. the orbital ec-

centricity of the binary when it becomes a BBH binary) and the eccentricity eLISA

when the orbital frequency is forb = 10−2 Hz (approximately associated to the maxi-

mum sensitivity of LISA, see Amaro-Seoane et al. 2017). To estimate eLISA, we evolve

the BBHs up to forb = 10−2 Hz following Peters, 1964 equations.

The initial eccentricity distribution of SC merging exchanged BBHs shows an up-

turn for ein > 0.6 and is clearly different from both SC merging original BBHs and

IBs. In contrast, when entering the LISA band, all systems (including exchanged

BBHs) have significantly circularized. The minimum detectable eccentricity by

LISA is eLISA ∼ 10−2, according to Nishizawa et al., 2016. Only ∼ 2.5 % (∼ 1.6 %)

merging exchanged BBHs (merging BBHs in IBs) have eLISA & 10−2.
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Figure 2.9: Distribution of eccentricities of merging BBHs in SCs and in IBs. All merging BBHs
in SCs are shown by the dashed red line. BBHs in IBs are shown by the filled grey histogram. SC
merging original BBHs and SC merging exchanged BBHs are shown with an orange and blue
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LISA is approximately maximum). In the right-hand panel, eccentricities eLISA equal to zero
have been set equal to 10−5.

51



0 2 4 6 8 10 12 14
tdelay [Gyr]

0.00
0.05
0.10
0.15
0.20
0.25
0.30
0.35
0.40

N/
N t

ot

t 1

IB Merging BBHs
SC Merging BBHs

Figure 2.10: Distribution of the delay timescales tdelay of merging BBHs. Grey shaded his-
togram: merging BBHs in IBs; red dashed line: all merging BBHs from SC simulations (ex-
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Our results confirm that BBHs formed by exchange have significantly larger eccen-

tricity at formation than other BBHs (see e.g. Ziosi et al. 2014). However, the max-

imum eccentricity of young SC BBHs in the LISA band is significantly smaller than

the distribution of BBHs in both globular clusters and nuclear SCs (Nishizawa et al.,

2016; Nishizawa et al., 2017; Rodriguez et al., 2018).

2.3.4 Delay time distribution

A key quantity to predict the merger rate and the properties of merging BBHs is the

delay time, i.e. the time elapsed between the formation of the stellar progenitors

and the merger of the two BHs.

Figure 2.10 shows that SC BBHs undergo a faster merger than BBHs in IBs. In par-

ticular, the distribution of delay times for SC merging BBHs scales as d N /d tdelay ∝
t−1

delay while IB merging BBHs follow a shallower slope, with significantly less merg-

ers in the first Gyr and a more populated tail with tdelay & 5 Gyr. This suggests that

dynamical interactions in young SCs can speed up the merger of BBHs.

Furthermore, the delay time distribution of BBHs in our IB sample is significantly

shallower than ∝ t−1
delay, which is the slope found by Dominik et al., 2012 in their

population-synthesis simulations. In IBs, the distribution of delay times depends

52



on progenitor’s metallicity, common envelope efficiency (described byα) and natal

kicks (see Giacobbo and Mapelli 2018 for more details). In particular, if we assume

α ≥ 3 the fraction of BBHs with tdelay ≤ 1 Gyr is significantly reduced with respect

to lower values of α (see Figure 6 of Giacobbo and Mapelli 2018). This explains

why our merging BBHs in IBs (simulated with α= 3) have a delay time distribution

significantly flatter than that of Dominik et al., 2012, which assume α= 1.

2.3.5 Number of mergers per unit stellar mass

Does SC dynamics boost the merger rate, too?

The simulations presented in this paper are not sufficient to estimate the merger

rate, because we considered only one stellar metallicity and we know from previous

papers (Giacobbo and Mapelli, 2018) that the merger rate of BBHs is very sensitive

to stellar metallicity. However, we can estimate the merger efficiency, i.e. the num-

ber of mergers per unit stellar mass for a given metallicity Nm(Z ), integrated over

the Hubble time.

As detailed in Giacobbo et al., 2018, Nm(Z ) is the number of BBH mergers we find

in the simulated sample (Nmerger), divided by the total initial mass of the stellar

population (M∗):

Nm(Z ) = Nmerger

M∗
. (2.8)

For the N-body simulations, M∗ is just the total initial stellar mass of the simulated

SCs, because the simulated SCs already include star masses ranging between 0.1

and 150 M¯ and because we use a quite realistic initial binary fraction ( fbin = 0.4).

In contrast, in the IB simulations, M∗ = M∗,sim/( fbin fcorr), where M∗,sim is the total

initial stellar mass of the simulated IBs, fbin = 0.4 accounts for the fact that we are

simulating only binaries and not single stars, and fcorr accounts for the missing

low-mass stars between 0.1 and 5 M¯ (see Table 2.1).

The values of Nm(Z = 0.002) for the four simulation sets presented in this paper are

shown in Table 2.5. The merger efficiency of the four simulation sets are remarkably

similar. This implies that dynamics in young SCs does not affect the merger rate

significantly.

Indeed, dynamics changes the properties of merging binaries (leading to the forma-

tion of more massive BBHs), but does not change their number significantly. The

number of merging BBHs which form by exchange or harden by dynamical inter-

actions appears to be compensated by the suppression of light merging BBHs (see

Figure 2.5). In a forthcoming study (Di Carlo et al., in prep.) we will check whether
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Table 2.5: Number of mergers per unit stellar mass.

Set Nm(Z = 0.002)
[M¯−1]

HF 1.75×10−5

LF 1.61×10−5

SC 1.68×10−5

IB 1.70×10−5

Column 1: Name of the simulation set; column 2: Nm(Z = 0.002) as defined in equation 2.8.

this result depends on stellar metallicity or on other properties of the simulated

SCs.

2.3.6 Impact of fractality

So far, we have considered HF and LF simulations as a single simulation sample (SC

simulations), because fractality does not significantly affect most of BBH properties

(e.g. the number of merging BBHs, the merger efficiency and the mass of merging

BHs, see Table 2.3). Thus, we can conclude that the level of substructures does not

significantly affect the merger of BBHs and can be neglected in future studies. This

result is important because it removes one of the possible parameters which were

thought to affect the statistics of BBHs.

However, there are a couple of intriguing differences between HF and LF simula-

tions (see Table 2.3), although these differences are only marginally significant.

First, the HF clusters tend to produce merging BBHs with larger mass ratios than

the LF clusters (median values of q = 0.9 and q = 0.8 in HF and LF simulations,

respectively, see Table 2.3). Secondly, the median time of dynamical exchange for

merging exchanged BBHs (texch, i.e. the time when a dynamical exchange leads to

the formation of the binary which then becomes a merging BBH) is texch = 1.9 Myr

and 2.8 Myr for HF and LF clusters, respectively (see also Figure 2.11).

Although only marginally significant, these differences are consistent with our ex-

pectations. In fact, the more fractal (i.e. sub-structured) a SC is, the shorter is

its two-body relaxation timescale trlx (see e.g. Fujii and Portegies Zwart 2014).

A shorter two-body relaxation timescale implies also a shorter core-collapse

timescale. Core collapse is the moment of the life of a SC when three-body en-

counters and exchanges are more likely to occur, because of the boost in the central

density. Thus, we expect dynamical exchanges (leading to the formation of merging

BBHs) to occur earlier in HF simulations than in LF simulations.
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Moreover, if texch < 3 Myr, the exchange occurs before the binary has turned into a

BBH, because the lifetime of the most massive stars is & 3 Myr. If the binary which

forms after an exchange is still composed of two non-degenerate stars (or a star and

a BH), it may still undergo mass transfer and common envelope after the exchange.

This mass transfer or common envelope is expected to “redistribute” the mass be-

tween the two members of the binary, leading to the formation of an almost equal

mass BBH. In contrast, if texch À 3 Myr, the outcome of the exchange is already a

BBH, which cannot undergo mass transfer and whose mass ratio can be small. For

this reason, the fact that texch is significantly shorter in HF clusters than in LF clus-

ters implies that the median q of the former is larger than the median q of the latter,

because exchanged binaries in HF clusters have more chances to undergo common

envelope than exchanged binaries in LF clusters.

2.4 Comparison with previous work

Our BH mass spectrum (Figure 2.3) is significantly different from the one reported

by previous papers on BBHs in young SCs. In comparison with the BH mass spec-

trum reported by Banerjee, 2018a and Banerjee et al., 2019, our mass spectrum is

broader, we form more massive BHs and our distribution peaks at a lower mass

value (see Figure 1 of Banerjee 2018a and the top panel of our Figure 2.3). As a re-

sult, we form merging BBHs with both lower and higher total masses. This may be a

consequence of our different wind mass loss and supernova prescriptions (Baner-

jee 2018a use the standard version of BSE). Another possibility could be that the

smaller initial mass and relaxation time of our SCs may lead to an increased num-

ber of runaway stellar mergers.

Furthermore, we find significantly smaller eccentricities in the LISA band (eLISA);

this could depend on post-Newtonian terms, which are not included in our study

and are taken into account in Banerjee, 2018a. Similarly, Rastello et al., 2019 find

only very eccentric merging BBHs (e ≥ 0.99), while most our merging BBHs have a

nearly circular orbit.

In contrast, the eccentricity (Figure 2.9) and delay time distribution (Figure 2.10)

of merging BBHs in our simulations are in good agreement with Kumamoto et al.,

2019a. Similar to Kumamoto et al., 2019a, we find that most exchanged merging

BBHs undergo the first exchange before the second BH has formed: these systems

undergo a common envelope after the first exchange.

Another parameter that may affect the statistics of BBHs is the initial binary frac-

tion fbin. We assume fbin = 0.4, while observations seem to indicate fbin ∼ 0.6−0.7
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Figure 2.11: Formation times of merging exchanged BBHs (top panel) and of all exchanged
BBHs (bottom). The formation time is defined as the time interval between the beginning of
the simulation and the moment in which the binary forms. We show the distributions for fractal
dimensions D = 2.3 (green dashed) and for D = 1.6 (blue solid). Each distribution is normalized
to its total number of elements.
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(Sana et al., 2012). We stress that fbin = 0.4 is the highest initial binary fraction

ever assumed in a large set of direct N-body simulations studying BBHs, because

the number of initial binaries is the bottleneck of direct N-body simulations. In-

deed, most previous studies of BBHs in young SCs assume no initial binaries (e.g.

Banerjee et al. 2010; Banerjee 2018b; Mapelli 2016; Kumamoto et al. 2019a) or lower

values of fbin (e.g. fbin = 0.2 in Ziosi et al. 2014). Assuming a higher value of fbin

would likely affect the number of original BBHs only: Mapelli and Zampieri, 2014

find that the number of original BH binaries grows almost linearly with fbin, while

the number of exchanged BH binaries remains almost unchanged.

2.5 Discussion

We have shown that young SC dynamics crucially affects the main properties (mass,

eccentricity and delay time) of merging BBHs, but how common is the dynamical

formation of BBHs in young SCs?

Star formation (and especially massive star formation) is expected to occur mostly

in young SCs and associations (Lada and Lada, 2003; Portegies Zwart et al., 2010).

This implies that most BBH progenitors were born in SCs or OB associations, and a

significant fraction of them underwent dynamical interactions before being ejected

from their parent SC, or before the SC dissolved in the galactic tidal field. Is the time

spent by a BBH (or BBH progenitor) in the parent SC sufficient to significantly affect

the properties of merging BBHs?

The crucial point is to understand when merging exchanged BBHs form in our sim-

ulations. In fact, our simulations include a static tidal field, assuming that the sim-

ulated SCs are on circular orbits approximately at the location of the Sun. This ap-

proach tends to overestimate the lifetime of SCs, because we do not account for

orbits closer to the galactic centre and, most importantly, we do not account for

massive perturbers (e.g. molecular clouds), which might accelerate the disruption

of the parent SC (Gieles et al., 2006).

Figure 2.11 shows the time of the dynamical exchange for merging exchanged BBHs

(top) and for all exchanged BBHs (bottom). While most exchanged BBHs form at

late stages in the evolution of their parent SC, the majority of merging exchanged

BBHs form in the first ∼ 10 Myr. This guarantees that the majority of merging ex-

changed BBHs would have formed even if the tidal field was locally stronger.

The difference between top and bottom panel of Figure 2.11 can be explained

straightforwardly with the nature of the exchanged binaries: only ∼ 13 % of merging
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exchanged BBHs originate from a dynamical exchange which leads to the immedi-

ate formation of a BBH, while the dynamical exchange produces a new star–star

binary (i.e. a binary system composed of two stars) and a BH–star binary in the

∼ 77 % and 10 % of systems, respectively. In contrast, ∼ 59 % of all exchanged

BBHs form from dynamical exchanges which lead to the formation of a BBH di-

rectly, while 37% (4%) exchanges produce star-star (BH–star) binaries. This implies

that binaries which undergo an exchange before both stars have turned into BHs

are more likely to merge within a Hubble time. The reason is that exchanged star–

star binaries and BH–star binaries can still undergo common envelope episodes,

which shrink their orbital separation significantly and favour their merger within

a Hubble time. Thus, in young SCs, stellar binary evolution and dynamics strictly

cooperate to the formation of merging exchanged BBHs.

In contrast, double degenerate binaries can shrink only by three-body encounters

and by GW decay, which are not as efficient as common envelope. Thus, most ex-

changed BBHs which form at late times cannot merge within a Hubble time. In this

regard, young SCs are quite different from globular clusters (Rodriguez et al., 2015;

Rodriguez et al., 2016; Askar et al., 2017): a large fraction of exchanged BBHs in

globular clusters remain inside the parent SCs for many Gyr, undergoing several ex-

changes and shrinking efficiently by dynamical hardening, while most exchanged

binaries in young SCs undergo a single exchange and harden for a short time span.

In this work, we have chosen to stop the integration of our SCs 100 Myr after

their formation. A possible issue connected with this choice is whether dynam-

ical exchanges and hardening might have played a role even after 100 Myr. Ac-

cording to Gieles et al., 2006, the estimated lifetime of a SC with mass 104 M¯ in

the solar neighbourhood is ∼ 1 Gyr. Only . 6 % of our simulated SCs have mass

MSC ≥ 104 M¯, while most of them have a mass of ∼ 103 M¯. Thus, their lifetime is

<< 1 Gyr. Moreover, we expect that dynamics does not affect much the statistics of

merging BBHs after 100 Myr, because we find that on average only ∼ 0.23 BBHs and

∼ 0.41 single BHs per SC are still inside their parent SC at the end of the simulations.

A further crucial question is whether there are unique signatures of merging ex-

changed BBHs, which can be chased by GW detectors. The masses of merging BBHs

formed via SC and IB simulations are remarkably different in our simulations. How-

ever, lower progenitor metallicity can induce the formation of more massive merg-

ing BBHs in IBs (e.g. Giacobbo and Mapelli 2018). Thus, the effects of metallicity

and dynamics are somewhat degenerate.

On the other hand, the most straightforward smoking gun of dynamical evolution

is the formation of merging BHs in the mass range forbidden by (pulsational) pair
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instability (≈ 60−120 M¯, Spera and Mapelli 2017). In our dynamical simulations,

only 5 out of 229 merging BBHs (∼ 2 % of all merging BBHs) fall in this forbidden

mass range. A detailed analysis on BHs in the pair instability mass gap has been

done in Chapter 3. In Chapter 4, we generalize our results to different stellar metal-

licities.

2.6 Summary

We have investigated the formation of BBHs in young star clusters (SCs) and open

clusters. These SCs represent the bulk of star formation in galaxies. For our study,

we have integrated the new population synthesis code MOBSE, which implements

up-to-date stellar winds, binary evolution and supernova models (Mapelli et al.,

2017; Giacobbo et al., 2018; Giacobbo and Mapelli, 2018), with the direct summa-

tion N-Body code NBODY6++GPU, which allows us to account for close encounters

and dynamical exchanges (Wang et al., 2015).

We find that dynamics significantly affects the properties of merging BBHs: dynam-

ical exchanges favour the formation and the merger of massive BBHs with total

mass up to mtot ∼ 120 M¯ and with mass ratio ranging from q ∼ 1 to q ∼ 0.1 (al-

though large mass ratios are more likely).

For comparison, merging BBHs evolved in IBs (run with the same population syn-

thesis code) have maximum total mass mtot . 70 M¯ and a significantly stronger

preference for large mass ratios.

The masses of merging BBHs in our simulations are consistent with the first 10

BBHs observed by the LIGO-Virgo collaboration (Abbott et al., 2019b; Abbott et

al., 2019a). At the simulated metallicity (Z = 0.002), the BH mass of GW170729

(m1 = 50.6+16.6
−10.2, m2 = 34.4+9.1

−10.1 M¯, Abbott et al. 2019b) can be matched only by

dynamically formed BBHs, within the 90% credible interval.

On the other hand, young SC dynamics does not affect the merger rate. We find al-

most the same merger efficiency (Nm ∼ 1.7×10−5 M−1¯ ) in SC and in IB simulations.

The formation of massive merging BBHs by dynamical exchanges is compensated

by the loss of light merging BBHs, which are softened or ionized by interactions.

Almost all BBHs in our simulations merge after they were ejected from the SC or

after the SC dissolved and became field.

Dynamics tends to speed up the merger of BBHs: the delay time between the for-

mation of the stellar progenitors and the merger of the BBH scales approximately as

d N /d tdelay ∝ t−1
delay for SC merging BBHs, while the trend is shallower for IB merg-

ing BBHs.

59



Finally, about 2 % of merging BHs formed in young SCs have mass & 60 M¯, lying

in the “forbidden” region by (pulsational) pair instability (mBH ∼ 60−120 M¯, e.g.

Spera and Mapelli 2017). These BHs form by the merger of two or more stars. Ac-

cording to our prescriptions, merged metal poor stars with a Helium core smaller

than ∼ 60 M¯ might retain a large hydrogen envelope: they avoid the pair instabil-

ity SN window and might collapse to massive BHs. In the field, such massive BHs

remain single, while in young SCs they can acquire companions dynamically and

merge by GW emission. Thus, observing a rare merging BBH with mass & 60 M¯
would be a strong signature of dynamical formation.
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BINARY BLACK HOLES IN THE

PAIR-INSTABILITY MASS GAP

Pair instability (PI) and pulsational PI prevent the formation of black holes (BHs)

with mass & 60 M¯ from single star evolution. Here, we investigate the possibil-

ity that BHs with mass in the PI gap form via stellar mergers and multiple stellar

mergers, facilitated by dynamical encounters in young star clusters. We analyze 104

simulations, run with the direct N-body code NBODY6++GPU coupled with the pop-

ulation synthesis code MOBSE. We find that up to ∼ 6 % of all simulated BHs have

mass in the PI gap, depending on progenitor’s metallicity. This formation channel

is strongly suppressed in metal-rich (Z = 0.02) star clusters, because of stellar winds.

BHs with mass in the PI gap are initially single BHs but can efficiently acquire com-

panions through dynamical exchanges. We find that ∼ 21%, 10% and 0.5% of all bi-

nary BHs have at least one component in the PI mass gap at metallicity Z = 0.0002,

0.002 and 0.02, respectively. Based on the evolution of the cosmic star formation rate

and metallicity, and under the assumption that all stars form in young star clusters,

we predict that ∼ 5 % of all binary BH mergers detectable by advanced LIGO and

Virgo at their design sensitivity have at least one component in the PI mass gap.

Based on:

Di Carlo U. N., Mapelli M., Bouffanais Y., Giacobbo N., Santoliquido F., Bressan A.,

Haardt F., MNRAS, 2020, Volume 497, pp.1043–1049
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3.1 Introduction

The mass function of stellar black holes (BHs) is highly uncertain, as it crucially

depends on complex physical processes affecting the evolution and the final fate

of massive stars. For a long time, we had to rely on a scanty set of observational

data, mostly dynamical mass measurements of compact objects in X-ray binaries

(Özel et al., 2010; Farr et al., 2011). In the last four years, gravitational wave (GW)

data have completely revolutionised our perspective: ten binary black holes (BBHs)

have been observed during the first and the second observing run of the LIGO-Virgo

collaboration (LVC, Abbott et al. 2016a; Abbott et al. 2016d; Abbott et al. 2019b; Ab-

bott et al. 2019a) and we expect that several tens of new BBH mergers will be avail-

able as a result of the third observing run. GW data will soon provide a Rosetta

Stone to decipher the mass function of BBHs. Thus, it is particularly important to

advance our theoretical understanding of BH formation and BH mass function, in

order to provide an interpretative key for future GW data. We currently believe that

the mass of a BH depends mainly on the final mass of its progenitor star and on

the details of the supernova (SN) explosion (e.g. Heger et al. 2003; Mapelli et al.

2009; Mapelli et al. 2010; Mapelli et al. 2013; Belczynski et al. 2010; Fryer et al. 2012;

Spera et al. 2015; Limongi and Chieffi 2018). Among all types of SN explosion, pair

instability SNe (PISNe) and pulsational pair instability SNe (PPISNe) are expected

to leave a strong fingerprint on the mass function of BHs. If the He core mass is

larger than ∼ 30 M¯, soon after carbon burning when the stellar core temperature

reaches ∼ 7×108 K, effective pair production softens the equation of state, leading

to a loss of pressure. The stellar core contracts, triggering neon, oxygen and even

silicon burning in a catastrophic way, known as pair instability (PI). Stars develop-

ing a helium core mass 64 ≤ mHe/M¯ ≤ 135 are thought to be completely disrupted

by a PISN, leaving no compact object (Heger et al., 2003). Stars with a smaller he-

lium core (32 . mHe/M¯ . 64) undergo pulsational PI: they go through a series of

pulsations, losing mass with an enhanced rate, till their cores leave the mass range

for PI (Woosley et al., 2007). The combination of PISNe and PPISNe leads to a mass

gap in the BH mass function between ∼ 60 M¯ and ∼ 120 M¯. Both the lower and

the upper edge of the mass gap depend on the details of massive star evolution. In

particular, the lower edge of the mass gap might span from ∼ 40 M¯ up to ∼ 65 M¯,

depending on the details of PI, stellar evolution and core-collapse SNe (Belczynski

et al., 2016a; Woosley, 2017; Woosley, 2019; Spera and Mapelli, 2017; Giacobbo et

al., 2018; Giacobbo and Mapelli, 2018; Marchant et al., 2019; Mapelli et al., 2019b;

Stevenson et al., 2019; Farmer et al., 2019; Renzo et al., 2020). The upper edge of the
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gap is even more uncertain. LIGO-Virgo data from the first and second observing

run are consistent with a maximum BH mass of ≈ 45 M¯, in agreement with the ex-

istence of a PI mass gap (Abbott et al., 2019a). However, some exotic BH formation

channels might populate the PI gap. Hence, the detection of a BH in the mass gap

by the LVC would possibly provide a smoking gun for these exotic channels. Primor-

dial BHs (i.e. BHs formed from the collapse of gravitational instabilities in the early

Universe, e.g. Carr and Hawking 1974; Carr et al. 2016) might have a mass in the

gap. Alternatively, BHs with mass in the gap can form as “second-generation” BHs

(Gerosa and Berti, 2017), i.e. BHs born from the merger of two smaller BHs. Finally,

Spera et al., 2019b and Di Carlo et al., 2019 proposed a third possible channel to

produce BHs in the mass gap. If a massive star with a well-developed helium core

merges with a non-evolved companion (a main sequence or an Hertzsprung-gap

star), it might give birth to an evolved star with an over-sized hydrogen envelope. If

the helium core remains below ∼ 32 M¯ and the star collapses to a BH before grow-

ing a much larger core and before losing a significant fraction of its envelope, the

final BH might be in the PI mass gap. If a second-generation BH or a BH born from

stellar merger form in the field, they remain single objects and we do not expect to

observe them in a BBH merger. In contrast, if they form in a dense stellar cluster

they might capture a new companion through a dynamical exchange, possibly be-

coming a BBH (Miller and Hamilton, 2002a; Di Carlo et al., 2019; Rodriguez et al.,

2019; Gerosa and Berti, 2019). Here, we focus on BHs in the PI gap formed from

stellar mergers and we estimate their mass range, merger efficiency and detection

probability.

3.2 Methods

The simulations discussed in this paper were done using the same code and

methodology as described in Di Carlo et al., 2019. In particular, we use the direct

summation N-Body code NBODY6++GPU (Wang et al., 2015) coupled with the new

population synthesis code MOBSE (Mapelli et al., 2017; Giacobbo et al., 2018; Gi-

acobbo and Mapelli, 2018). MOBSE includes up-to-date prescriptions for massive

star winds, for core-collapse SN explosions and for PISNe and PPISNe.

In this work, we have analyzed the simulations of 104 fractal young star clusters

(SCs); 4000 of them are the simulations presented in Di Carlo et al., 2019, while the

remaining 6000 are discussed in Di Carlo et al., 2020a. The initial conditions of the

simulations presented in this paper are summarized in Table 3.1. Unlike globular

clusters, young SCs are asymmetric, clumpy systems. Thus, we model them with
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fractal initial conditions (Küpper et al., 2011), to mimic initial clumpiness (Goodwin

and Whitworth, 2004). The level of fractality is decided by the parameter D (where

D = 3 means homogeneous distribution of stars). In this work, we assume D =
1.6, 2.3.

The total mass MSC of each SC (ranging from 103 M¯ to 3×104 M¯) is drawn from

a distribution d N /d MSC ∝ M−2
SC , as the embedded SC mass function described in

Lada and Lada, 2003. We choose to simulate SCs with mass MSC < 30000 M¯ for

computational reasons. Thus, the mass distribution of our simulated SCs mimics

the mass distribution of SCs in Milky Way-like galaxies. We choose the initial SC

half mass radius rh according to the Marks & Kroupa relation (Marks et al., 2012)

in 7000 simulations, and we adopt a fix value rh = 1.5 pc for the remaining 3000

simulations.

The stars in the simulated SCs follow a Kroupa, 2001 initial mass function, with

minimum mass 0.1 M¯ and maximum mass 150 M¯. We assume an initial binary

fraction fbin = 0.4. The orbital periods, eccentricities and mass ratios of binaries are

drawn from Sana et al., 2012. We simulate each star cluster for 100 Myr in a rigid

tidal field corresponding to the Milky Way tidal field at the orbit of the Sun. We refer

to Di Carlo et al., 2019 for further details on the code and on the initial conditions.

We consider three different metallicities: Z = 0.0002, 0.002 and 0.02 (approximately

1/100, 1/10 and 1 Z¯). We divide our simulations in three sets, corresponding to

metallicity Z = 0.0002 (2000 runs), 0.002 (6000 runs) and 0.02 (2000 runs). The

simulations with Z = 0.002 are the union of the 4000 runs presented in Di Carlo

et al., 2019 and 2000 runs discussed in Di Carlo et al., 2020a. The simulations with

Z = 0.02 and Z = 0.0002 are both from Di Carlo et al., 2020a. The main differences

between the simulations already presented in Di Carlo et al., 2019 and the new runs

from Di Carlo et al., 2020a are i) the efficiency of common envelope ejection (α= 3

in Di Carlo et al. 2019 and α= 5 in Di Carlo et al. 2020a), and ii) the model of core-

collapse supernova (the rapid and the delayed models from Fryer et al. 2012 are

adopted in Di Carlo et al. 2019 and in Di Carlo et al. 2020a, respectively). Putting

together these different samples is not a completely consistent approach, but is

justified by the fact that the population of BHs with mass in the 60−150 M¯ range

is not strongly affected by these different assumptions. For example, in Di Carlo

et al., 2020a, we showed that our different assumptions change the percentage of

BHs in the gap by a factor of ∼ 1.1−1.5 (this is much less than the impact of stellar

metallicity we want to probe here). Finally, putting together different SC models is

important to filter out stochastic fluctuations, since the formation of BHs in the gap

is a rare event and our simulations are computationally expensive.
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Table 3.1: Initial conditions.

Set Z Nsim rh D ref.
Z0002 0.0002 1000 M2012 1.6 D2020

0.0002 1000 1.5 pc 1.6 D2020
Z002 0.002 2000 M2012 2.3 D2019

0.002 3000 M2012 1.6 D2019, D2020
0.002 1000 1.5 pc 1.6 D2020

Z02 0.02 1000 M2012 1.6 D2020
0.02 1000 1.5 pc 1.6 D2020

Column 1: Name of the simulation set. Column 2: metallicity Z . Column 3: Number of runs
performed per each set. Column 4: half-mass radius rh. M2012 indicates that half-mass radii have
been drawn according to Marks et al., 2012. Column 5: fractal dimension (D). Column 6: reference
for each simulation set. D2019 and D2020 correspond to Di Carlo et al., 2019 and Di Carlo et al.,
2020a, respectively.

3.3 Results

From our simulations, we extract information on BHs with mass in the PI gap, be-

tween 60 and 150 M¯ (given the uncertainties on the edges of the mass gap, we

make a conservative assumption for both the lower and the upper edge of the mass

gap). In Di Carlo et al., 2019, we have already discussed the properties of BHs that

form from stars with Z = 0.002, have mass in the PI gap and merge with other BHs

in less than a Hubble time. Here, we extend our study to other progenitor’s metal-

licities (Z = 0.02 and 0.0002), because stellar metallicity is a crucial ingredient to

understand how many BHs can form with mass in the PI gap. Moreover, we discuss

the formation pathways of BHs born from stellar mergers, by looking at the core

and envelope evolution of their progenitors (Figure 3.1). We consider all BHs that

form in the PI mass gap (both single and binary BHs) and we investigate their prop-

erties. Finally, we estimate the detectability of BHs in the mass gap by LIGO and

Virgo at design sensitivity.

3.3.1 Formation channels of BHs in the gap

The vast majority of BHs with mass in the PI gap that form in our simulation orig-

inates from the merger of an evolved star (with a developed helium core of mass

≈ 15−30 M¯) and a main sequence companion. The merger is generally triggered

by dynamical perturbations. In several cases, the evolved star is the result of multi-

ple mergers between other stars, facilitated by the dense dynamical environment.

This process of multiple mergers occurring in a very short time span is known as
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Figure 3.1: Evolution of the total mass (solid lines) and the core mass (dot-dashed lines) of the
progenitors of a sample of BHs with mass in the gap. The open circle marks the time of the
merger with a companion star. Thick lines: Z = 0.002; thin lines: Z = 0.0002. Models 1, 3 and
4 (light blue, blue and green) are stars that become single BHs; models 2, 5 and 6 (red, orange
and yellow) are stars which end up in merging BBHs.

runaway collision and was already discussed in several papers (see e.g. Portegies

Zwart and McMillan 2002; Portegies Zwart et al. 2004; Giersz et al. 2015a; Mapelli

2016; Gieles et al. 2018).

Figure 3.1 shows the evolution of six stellar progenitors of BHs in the PI mass gap.

Three of these BHs become members of BBHs and merge within a Hubble time,

while the other three objects leave single BHs. We find no significant difference

between the formation channel of merging BHs in the PI mass gap and that of single

BHs or non-merging BBHs with mass in the PI gap.

The stars shown in Figure 3.1 undergo a merger with a main-sequence companion

in their late evolutionary stages (∼ 4− 6 Myr), when they are Hertzsprung gap or

core helium burning stars. We assume that there is no mass loss during the merger.

The merger products are not significantly rejuvenated, because they already devel-

oped a He core. They are evolved based on their mass and are subject to stellar

winds, depending on their metallicity. Their final He core is ∼ 17− 32 M¯ (below

the PPISN/PISN gap), while their hydrogen envelope is over-sized with respect to
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single star evolution, because of the merger. While most stars in Figure 3.1 simply

merge with another star without previous mass transfer episodes, star number 6

shows signature of mass transfer. This star fills its Roche lobe after leaving the main

sequence and its hydrogen envelope is removed. At the end of mass transfer, it

merges with its companion.

In all the simulations, the post-merger star evolves for tpost−merg = tHe + tC + tNe +
tO + tSi ∼ tHe, where tpost−merg is the time remaining to collapse, while tHe, tC, tNe,

tO and tSi are the timescale of helium, carbon , neon, oxygen and silicon burning,

respectively. During tpost−merg, the star converts a mass ∆MHe ∼ ṀHe tpost−merg into

heavier elements, where

ṀHe . 2×10−5 M¯ yr−1
(

L∗
106 L¯

)
×

(
6.3×1018 ergg−1

ηCNO

) (
0.5

X

)
. (3.1)

In equation 3.1, L∗ is the stellar luminosity, X is the hydrogen fraction and ηCNO

is the efficiency of mass-to-energy conversion during the CNO cycle (e.g. Prialnik

2000).

If the final mass of the helium core MHe,f = MHe +∆MHe < 32 M¯, where MHe is

the mass of the helium core before the last stellar merger, then the star with an

oversized hydrogen envelope can avoid PI and directly collapses to a BH, possibly

with mass > 60 M¯. This is just an order of magnitude estimation, more refined

calculations would require a hydrodynamical simulation to follow the merger (see

e.g. Gaburov et al. 2010) and a stellar-evolution code to integrate nuclear burning

and stellar evolution.

Once they form, BHs with mass in the gap are efficient in acquiring companions:

∼ 21 % and ∼ 10 % of all BBHs have at least one member with mass in the PISN gap

at Z = 0.0002 and Z = 0.002, respectively. This is expected, because these BHs are

significantly more massive than the other BHs and stars in the SCs, and dynamical

exchanges favour the formation of more massive binaries, which are more energet-

ically stable (see e.g. Hills and Fullerton 1980).

If we consider only BBHs merging within a Hubble time (14 Gyr) due to GW emis-

sion, only ∼ 2.2 % and ∼ 2.1 % of them have at least one BH in the PI gap at

Z = 0.0002 and Z = 0.002, respectively. We find only 11 merging BBHs with a BH in

the PI gap, hence these percentages are affected by stochastic fluctuations (see Ta-

ble 3.2 for an estimate of the uncertainties). These BBHs merge after being ejected

from their parent young SC. Finally, we find no merging BBHs with members in the

PI gap at solar metallicity.
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None of the BBHs in our simulations hosts a second-generation BH (i.e. a BH that

forms from the merger of two BHs). The low escape velocity from our SCs (up to few

km s−1 in the most massive SCs) prevents second-generation BHs from remaining

inside the cluster: all of them are ejected and cannot acquire a new companion. In

contrast, in massive SCs (like globular clusters and nuclear star clusters) second-

generation BHs have a significantly higher chance of remaining inside their parent

cluster and acquiring a companion (see e.g. Miller and Hamilton 2002a; Colpi et al.

2003; Antonini and Rasio 2016; Rodriguez et al. 2019; Arca Sedda and Benacquista

2019; Arca Sedda et al. 2020).

It is important to highlight several caveats inherent with our analysis. First, MOBSE

assumes that no mass is lost during the merger while hydrodynamical simulations

have shown that mass ejecta can represent up to ∼ 25% of the total mass (Gaburov

et al. 2010, see also Dale and Davies 2006; Justham et al. 2014; Vigna-Gómez et al.

2019; Wu et al. 2020). We have re-simulated the six objects in Figure 3.1 assuming

that all of them lose 25% of their mass after each merger. The masses of the resulting

BHs are lower by ∼ 22−28%; three of the six BHs in Figure 3.1 are still in the mass

gap (tracks 1, 2 and 3), while the remaining three have mass < 60 M¯.

Furthermore, the polynomial fitting formulas implemented in MOBSE might be in-

accurate to describe the final evolution of such post-merger massive stars. In a

follow-up work, we will evolve our post-collision models with a stellar evolution

code1, to check any deviations from MOBSE. In addition, we assume that the fi-

nal hydrogen envelope entirely collapses to a BH. This final outcome depends on

the final binding energy of the envelope (see e.g. Sukhbold et al. 2016 for a discus-

sion). Finally, we model PPISNe with a fitting formula (Spera and Mapelli, 2017) to

the models by Woosley, 2017. However, the models by Woosley, 2017 are suited for

stars following regular single stellar evolution, that could be significantly different

from merger products.

3.3.2 Mass distribution

Figure 3.2 shows the mass ratio q = M2/M1 (where M1 > M2) and the total mass

Mtot = M1 +M2 of all BBHs that have at least one member in the PI gap. We form

1Glebbeek et al., 2009 re-simulated a runaway collision product with a stellar evolution code.
They find that mass loss strongly suppresses the formation of massive mergers at solar metallicity,
while a final stellar mass ∼ 260 M¯ is possible at Z = 0.001. This is similar to our findings. However,
their results are not directly comparable with ours, because the original N−body simulation they
start from is composed of 131072 particles; thus, the runaway collision product is significantly more
massive than ours.
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Figure 3.2: Mass ratio q = M2/M1 versus total mass Mtot = M1 +M2 of BHs with mass in the
gap that are members of BBHs by the end of the simulations. Circles, triangles and stars refer
to Z = 0.02, 0.002 and 0.0002, respectively. Orange and black symbols refer to BBHs merging
within a Hubble time and to all BBHs, respectively. Marginal histograms show the distribution
of q (on the y−axis) and Mtot (on the x−axis). Solid blue, dot-dashed green and dashed red
histograms refer to Z = 0.0002, 0.002 and 0.02, respectively.

69



60 80 100 120 140
MBH [M ]

103

104

M
SC

[M
]

Z = 0.02
Z = 0.002
Z = 0.0002
All BHs
BHs in BBHs
BHs in Merging BBHs

60 80 100 120 140

10 3

10 2

10 1

PD
F

10 6 10 4

PDF

103

104

Figure 3.3: Mass of the host star cluster (MSC) versus the mass MBH of a BH in the PI gap.
Marginal histograms show the distribution of MSC (on the y−axis) and MBH (on the x−axis).
Orange and black filled symbols refer to BBHs merging within a Hubble time and to all BBHs,
respectively. Open symbols show single BHs. Solid blue, dot-dashed green and dashed red
histograms refer to Z = 0.0002, 0.002 and 0.02, respectively. The grey dashed line shows the
mass function of MSC in our simulation set (d N /d MSC ∝ M−2

SC ).
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Table 3.2: Fraction of BHs, BBHs and merging BBHs with mass in the PI gap.

Z fPI,BHs fPI,BBHs fPI,GW pPI
det

0.0002 5.6±0.3 % 20.8±1.7 % 2.2±1.9 % 11.2 %
0.002 1.5±0.1 % 9.6±1.0 % 2.1±1.6 % 10.0 %
0.02 0.1±0.04 % 0.5±0.5 % 0.0 % 0.0 %

S2020 – – 0.5 % 5.3 %

Column 1 (Z ): progenitor’s metallicity; S2020 indicates that we accounted for progenitor’s
metallicity evolution as a function of redshift, as described in Santoliquido et al., 2020; column 2
( fPI,BHs): percentage of BHs with mass in the PI gap with respect to all simulated BHs at a given Z ;
column 3 ( fPI,BBHs): percentage of BBHs that have at least one member with mass in the PI gap
with respect to all BBHs at a given Z formed by the end of the simulations. column 4 ( fPI,GW):
percentage of merging BBHs that have at least one member with mass in the PI gap with respect to
all merging BBHs at a given Z (a merging BBH is defined as a BBH which merges in less than a
Hubble time by GW emission). Errors on fPI,BHs, fPI,BBHs and fPI,GW correspond to 95% credible
intervals on binomial distributions, using a Wald method for approximation. Column 5 (pPI

det):
percentage of detectable BBH mergers that have at least one member with mass in the PI gap with
respect to all detectable BBH mergers at a given Z (see equation 3.3).

BHs with masses in the entire range of the PI gap between ∼ 60− 150 M¯, with a

preference for masses around 60−70 M¯.

Values of mass ratio q & 0.4 are the most likely, but we find binaries with q as low

as ∼ 0.04. The binary with the smallest value of q has secondary mass M2 ∼ 4.2

M¯. The largest secondary mass is M2 ∼ 110 M¯. Overall, binaries hosting a BH

with mass in the gap have lower mass ratios than other BBHs (see Figure 7 of Di

Carlo et al. 2019, where we show that the vast majority of BBHs in young SCs have

q ∼ 0.9−1).

Figure 3.3 shows the mass of the host SC as a function of the mass of BHs in the PI

gap (here we include also BHs that remain single). BHs in the mass gap form more

efficiently in massive young SCs, where dynamics is more important. Ten out of

eleven merging BBHs are hosted in star clusters with MSC > 6000 M¯, among the

most massive young SCs in our sample.

3.3.3 Merger and detection efficiency

We find that only ∼ 0− 2.2 % of all merging BBHs have at least one member with

mass in the PI gap, depending on metallicity. However, these systems are more

massive than other merging BBHs, thus they have a higher detection chance. To

properly take into account these selection effects, we followed a similar approach

as in Finn and Chernoff, 1993, Dominik et al., 2015 and Bouffanais et al., 2019.
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We associate to each mock source (in our catalogue of 534 merging BBHs) the opti-

mal signal-to-noise ratio (SNR) ρopt that corresponds to the case where the source

is optimally oriented and located in the sky. Since real-life sources have differ-

ent orientations and locations, we then reweigh the SNR as ρ = ω×ρopt, where ω

takes randomly generated values between 0 and 1, and the probability of detecting

a source is given by

pdet = 1−Fω(ρthr/ρopt). (3.2)

In this equation, Fω is the cumulative function of ω and ρthr is a detection thresh-

old. We use ρthr = 8, that was shown to be a good approximation for a network of

detectors (Abadie et al., 2010; Abbott et al., 2016). We used the software PyCBC (Dal

Canton et al., 2014; Usman et al., 2016) to generate both the waveforms (IMRPhe-

nomB with zero spins) and the noise power spectral densities of advanced LIGO

at design sensitivity (Abbott et al., 2018), and the package gwdet (Gerosa, 2019) to

evaluate the function Fω.

From there, we ran two different analysis: one where each set of metallicity is

treated independently, and the other where we combine them together using a

model describing redshift and metallicity evolution. In the first scenario, for each

metallicity set we construct a catalogue of 106 sources where the masses are drawn

uniformly from the catalogue and redshifts are drawn uniformly in comoving vol-

ume between 0 and 1. In the second scenario, we first compute the merger rate

at the detector as a function of redshift, by making use of the cosmoRate code

(Santoliquido et al., 2020). In particular, following Santoliquido et al., 2020, we as-

sume that all stars form in young SCs, we account for the cosmic star formation

rate (Madau and Fragos, 2017) and for the stellar metallicity evolution (De Cia et

al., 2018), and we take cosmological parameters from Planck Collaboration et al.,

2016. From there, we build a catalogue of 106 sources, by making use once again of

the cosmoRate code (Santoliquido et al., 2020), to have the distribution of masses

as a function of redshift.

Finally, to obtain the probability of detecting a source with at least one component

in the PI mass gap, we computed the following quantity for both analyses:

pPI
det =

∑
i∈PI

p i
det/

∑
j

p j
det, (3.3)

where the sum in the numerator is done only over sources where at least one com-

ponent lies in the mass gap while the sum in the denominator is done over all

sources in our catalogue of merging BBHs.

We find pPI
det = 0−11%, depending on metallicity (see the last column of Table 3.2).

This means that, under our assumption that all stars form in young SCs, up to 11%
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of all BBHs detected by LIGO-Virgo at design sensitivity have at least one compo-

nent in the PI mass gap. If we assume a model-dependent BBH merger rate evolu-

tion with redshift (based on the cosmic star formation rate density and on the av-

erage metallicity evolution, Santoliquido et al. 2020), we find pPI
det ∼ 5 %, under the

assumption that all cosmic star formation takes place in young SCs like the ones we

simulated.

3.4 Conclusions

Pair instability (PI) and pulsational PI prevent the formation of BHs with mass be-

tween ∼ 60 and ∼ 150 M¯ from single stellar evolution. However, binary evolution

processes (such as stellar mergers) and dynamical processes might allow the for-

mation of BHs with masses in the gap.

Here, we investigate the possibility that BHs with mass in the gap form through

stellar mergers and multiple stellar mergers in young SCs. The merger between

an evolved star (a giant with a well developed helium core) and a main sequence

star can give birth to a BH with mass in the gap, provided that the star collapses

before its helium core grows above ∼ 32 M¯. In our simulations, these stellar merg-

ers are facilitated by the SC environment: dynamical encounters perturb a binary

star, affecting its orbital properties and increasing the probability of a merger be-

tween its components. Some massive stars even undergo runaway collisions: they

go through multiple mergers over few Myrs. When a BH with mass in the PI gap

forms in this way, it is initially a single object. If it remains in the SC, it can acquire a

new companion through dynamical exchanges. In contrast, BHs that form via stel-

lar mergers in the field remain single BHs. Moreover, BHs with masses > 60 M¯ are

much harder to form in isolated binaries, because non-conservative mass transfer

peels-off the primary before the merger. Dynamical encounters perturb the binary

and induce a fast merger without episodes of mass transfer.

We have investigated the formation and the dynamical evolution of BHs with

masses in the gap through 104 direct N-body simulations of young SCs with metal-

licity Z = 0.0002, 0.002 and 0.02 and with total mass between 103 and 3×104 M¯.

Hence, we focused on relatively small young SCs. At the end of our simulations,

∼ 5.6 %, ∼ 1.5 % and ∼ 0.1 % of all BHs have mass in the PI gap for metallicity

Z = 0.0002, 0.002 and 0.02, respectively. Metal-poor stars are more efficient in pro-

ducing these BHs, because they lose less mass by stellar winds. In our simulations,

we do not include prescriptions for BH spins, because the connection between the

spin of the progenitor star and the spin of the BH is highly uncertain (see e.g. Heger
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et al. 2005; Lovegrove and Woosley 2013; Belczynski et al. 2017; Qin et al. 2018; Qin

et al. 2019; Fuller et al. 2019; Fuller and Ma 2019). We can speculate that stellar

mergers spin up the progenitor stars, but we cannot tell whether this spin-up trans-

lates into a higher BH spin.

The treatment of the merger of two stars in our simulations is simplified: we as-

sume no mass loss and no chemical mixing during the merger and we require that

the merger product reaches hydro-static equilibrium instantaneously. The merger

product is rejuvenated according to Hurley et al., 2002 simple prescriptions. Hydro-

dynamical simulations of a stellar merger are required in order to have a better un-

derstanding of the final outcome. Thus, our results should be regarded as an upper

limit to the formation of BHs in the PI mass gap via stellar mergers.

In our simulations, several BHs with masses in the gap end up forming a BBH

through dynamical exchanges. BBHs having at least one component in the mass

gap are ∼ 20.6 %, ∼ 9.8 % and ∼ 0.5 % of all BBHs in our simulations, for metal-

licity Z = 0.0002, 0.002 and 0.02, respectively. Thus, BHs with masses in the gap

are quite efficient in forming BBHs. The total masses of these BBHs are typically

around MTOT ∼ 90−130 M¯ and the most likely mass ratios are q & 0.4.

In our simulations, ∼ 2.1 % (∼ 2.2 %) of all BBHs merging within a Hubble time

have at least one component in the mass gap for metallicity Z = 0.002 (Z = 0.0002).

We find no merging BBHs in the mass gap at solar metallicity. Merging BBHs in

the mass gap form preferentially in the most massive SCs we simulate (MSC ≥ 6000

M¯). Hence, BBH mergers in the mass gap might be even more common in higher

mass SCs (e.g. globular clusters) than the ones we simulate. Since merging BBHs in

the mass gap form through dynamical exchanges, their spins will be isotropically

oriented with respect to the orbital angular momentum of the binary system.

Finally, we calculate the probability that advanced LIGO and Virgo at design sen-

sitivity detect the merger of BBHs in the mass gap. Modelling the dependence of

the merger rate on the cosmic star formation rate density and metallicity evolution

(Santoliquido et al., 2020), we predict that ∼ 5 % of all BBH mergers detected by

LIGO and Virgo at design sensitivity have at least one component in the PI mass

gap, under the assumption that all stars form in young SCs. If the proposed mecha-

nism to form BHs in the mass gap is actually at work, the LIGO-Virgo collaboration

might be able to witness these events in the next few years.
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BINARY BLACK HOLES IN YOUNG STAR

CLUSTERS: THE IMPACT OF

METALLICITY

Young star clusters are the most common birth-place of massive stars and are dynam-

ically active environments. Here, we study the formation of black holes (BHs) and bi-

nary black holes (BBHs) in young star clusters, by means of 6000 N-body simulations

coupled with binary population synthesis. We probe three different stellar metallici-

ties (Z = 0.02,0.002 and 0.0002) and two initial density regimes (density at the half-

mass radius ρh ≥ 3.4×104 and ≥ 1.5×102 M¯ pc−3 in dense and loose star clusters,

respectively). Metal-poor clusters tend to form more massive BHs than metal-rich

ones. We find ∼ 6, ∼ 2, and < 1 % of BHs with mass mBH > 60 M¯ at Z = 0.0002, 0.002

and 0.02, respectively. In metal-poor clusters, we form intermediate-mass BHs with

mass up to ∼ 320 M¯. BBH mergers born via dynamical exchanges (exchanged BBHs)

can be more massive than BBH mergers formed from binary evolution: the former

(latter) reach total mass up to ∼ 140 M¯ (∼ 80 M¯). The most massive BBH merger

in our simulations has primary mass ∼ 88 M¯, inside the pair-instability mass gap,

and a mass ratio of ∼ 0.5. Only BBHs born in young star clusters from metal-poor

progenitors can match the masses of GW170729, the most massive event in O1 and

O2, and those of GW190412, the first unequal-mass merger. We estimate a local BBH

merger rate density ∼ 110 and ∼ 55 Gpc−3 yr−1, if we assume that all stars form in

loose and dense star clusters, respectively.

Based on:

Di Carlo, U. N., Mapelli M., Giacobbo N., Spera M., Bouffanais Y., Rastello S., San-

toliquido F., Pasquato M, Ballone A., Trani A. A., Torniamenti S., Haardt F., MNRAS,

498, Issue 1, pp.495-506
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4.1 Introduction

About four years ago, the LIGO-Virgo collaboration (LVC, Aasi et al. et al. 2015; Ac-

ernese et al. 2015) reported the very first direct detection of gravitational waves,

GW150914, interpreted as the merger of two massive stellar black holes (BHs, Ab-

bott et al. 2016a; Abbott et al. 2016b). After GW150914, nine additional binary black

holes (BBHs) and one binary neutron star (BNS) were observed by the LVC during

the first and second observing run (hereafter O1 and O2, Abbott et al. 2016d; Ab-

bott et al. 2019b; Abbott et al. 2019a). The third observing run of LIGO and Virgo

has recently been completed and has already led to one additional BNS (GW190425,

Abbott et al. 2020b), the first unequal-mass BBH merger (GW190412, Abbott et al.

2020a) and tens of public alerts1.

Understanding the formation channels of BBHs is one of the most urgent astro-

physical questions raised by LVC observations. Several authors suggest that about

a hundred of detections are sufficient to say something on the formation channels

of BBHs, thanks to their distinctive signatures (e.g. Fishbach and Holz 2017; Gerosa

and Berti 2017; Stevenson et al. 2017; Gerosa et al. 2018; Bouffanais et al. 2019).

Isolated binary evolution, either via common envelope (e.g. Tutukov et al. 1973;

Bethe and Brown 1998; Portegies Zwart and Yungelson 1998; Belczynski et al. 2002;

Voss and Tauris 2003; Podsiadlowski et al. 2004; Belczynski et al. 2008; Dominik et

al. 2012; Dominik et al. 2013; Mennekens and Vanbeveren 2014; Belczynski et al.

2016b; Mapelli et al. 2017; Mapelli and Giacobbo 2018; Giacobbo et al. 2018; Gia-

cobbo and Mapelli 2018; Kruckow et al. 2018; Spera et al. 2019a; Mapelli et al. 2019a;

Neijssel et al. 2019; Tang et al. 2020) or via chemically homogeneous scenarios (de

Mink and Mandel, 2016; Mandel and de Mink, 2016; Marchant et al., 2016), predicts

the formation of BBHs with primary mass up to ∼ 40−65 M¯ (see, e.g., Mapelli et

al. 2020 and references therein), with a strong preference for equal-mass systems,

mostly aligned spins and zero eccentricity in the LVC band.

In contrast, dynamical formation in star clusters might lead to even larger primary

masses (e.g. McKernan et al. 2012; Mapelli 2016; Antonini and Rasio 2016; Gerosa

and Berti 2017; Stone et al. 2017; McKernan et al. 2018; Di Carlo et al. 2019; Di Carlo

et al. 2020a; Rodriguez et al. 2019; Yang et al. 2019; Arca Sedda and Benacquista

2019; Arca Sedda et al. 2020), mass ratios ranging from q ∼ 0.1 to q ∼ 1 (e.g. Di Carlo

et al. 2019), isotropic spin distribution, and, in some rare but not negligible cases,

non-zero eccentricity in the LVC band (e.g. Samsing 2018; Samsing and D’Orazio

2018; Samsing et al. 2018; Rodriguez et al. 2018; Zevin et al. 2019b).

1https://gracedb.ligo.org/
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The zoology of star clusters found in the Universe is rich and includes systems that

are extremely different from each other (both in terms of mass and lifetime), but

share a similar dynamical evolution: almost all star clusters are collisional systems,

i.e. stellar systems in which the two-body relaxation timescale is shorter than their

lifetime (e.g. Spitzer 1987). Hence, close encounters between single and binary (or

multiple) stars drive the evolution of star clusters and have a crucial impact on the

formation of binary compact objects.

The dynamical evolution of BBHs in nuclear star clusters (e.g. O’Leary et al. 2009;

Miller and Lauburg 2009; McKernan et al. 2012; McKernan et al. 2018; VanLanding-

ham et al. 2016; Stone et al. 2017; Hoang et al. 2018; Arca-Sedda and Gualandris

2018; Antonini et al. 2019) and globular clusters (e.g. Sigurdsson and Hernquist

1993; Sigurdsson and Phinney 1995; Portegies Zwart and McMillan 2000b; O’Leary

et al. 2006; Sadowski et al. 2008; Downing et al. 2010; Downing et al. 2011; Tanikawa

2013; Rodriguez et al. 2015; Rodriguez et al. 2016; Rodriguez et al. 2018; Antonini

and Rasio 2016; Antonini et al. 2019; Hurley et al. 2016; O’Leary et al. 2016; Askar

et al. 2017; Askar et al. 2018; Zevin et al. 2017; Choksi et al. 2019) has been exten-

sively investigated. These are the most massive, long-lived and predominantly old

stellar systems; hence their relatively high escape velocity allows a fraction of the

merger remnants to stay in the cluster, leading to a population of hierarchical merg-

ers (Miller and Hamilton, 2002a; Arca Sedda and Benacquista, 2019; Gerosa and

Berti, 2019; Rodriguez et al., 2019).

Young star clusters (YSCs) and open clusters are generally smaller and shorter-lived

than globular clusters (Portegies Zwart et al., 2010). Nonetheless, they are site of

strong dynamical interactions and they are the nursery of massive stars in the Uni-

verse: the vast majority of massive stars, which are the progenitors of compact ob-

jects, form in YSCs (e.g. Lada and Lada 2003; Portegies Zwart et al. 2010). Hence,

the majority of BHs have likely spent the first part of their life in star clusters, un-

dergoing dynamical encounters. Several studies demonstrate that dynamics has a

major role in the formation of BH binaries in YSCs (Portegies Zwart and McMillan,

2002; Banerjee et al., 2010; Mapelli et al., 2013; Mapelli and Zampieri, 2014; Ziosi

et al., 2014; Goswami et al., 2014; Mapelli, 2016; Banerjee, 2018b; Banerjee, 2018a;

Fujii et al., 2017; Rastello et al., 2019; Di Carlo et al., 2019; Kumamoto et al., 2019b;

Kumamoto et al., 2020).

In particular, Di Carlo et al., 2019 showed that about half of BBHs born in YSCs

form via dynamical exchanges at metallicity Z = 0.002. BBHs formed in YSCs are

significantly more massive than BBHs formed from isolated binary evolution and

tend to have smaller mass ratios. About ∼ 2 % of all BBH mergers originating from
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YSCs have primary mass & 60 M¯, falling inside the pair-instability mass gap (e.g.

Woosley 2017; Spera and Mapelli 2017; Stevenson et al. 2019; Marchant et al. 2019;

Farmer et al. 2019; Mapelli et al. 2020; Di Carlo et al. 2020a; Renzo et al. 2020). The

sample presented in Di Carlo et al., 2019 is the largest simulation set of YSCs used to

study BBHs, but is limited to one metallicity Z = 0.002. Since metallicity has a cru-

cial impact on the mass of BHs (Mapelli et al., 2009; Mapelli et al., 2010; Zampieri

and Roberts, 2009; Belczynski et al., 2010; Spera et al., 2015), it is essential to study

the evolution of BBHs in star clusters with different metallicity. In this paper, we

present the result of a new set of simulations where we consider three different

metallicities (Z = 0.02, 0.002 and 0.0002) and two initial density regimes (density

at the half-mass radius ρh ≥ 3.4×104 and ≥ 1.5×102 M¯ pc−3 in dense and loose

star clusters, respectively).

4.2 Methods

The simulations discussed in this paper were done using the same code and

methodology as described in Di Carlo et al., 2019. In particular, we use the direct

summation N-Body code NBODY6++GPU (Wang et al., 2015) coupled with the pop-

ulation synthesis code MOBSE (Mapelli et al., 2017; Giacobbo et al., 2018; Giacobbo

and Mapelli, 2018).

4.2.1 Direct N-Body

NBODY6++GPU is the GPU parallel version of NBODY6 (Aarseth, 2003). It imple-

ments a 4th-order Hermite integrator, individual block time–steps (Makino and

Aarseth, 1992) and Kustaanheimo-Stiefel (KS) regularization of close encounters

and few-body subsystems (Stiefel, 1965; Mikkola and Aarseth, 1993b).

A neighbour scheme (Nitadori and Aarseth, 2012) is used to compute the force con-

tributions at short time intervals (irregular force/timesteps), while at longer time

intervals (regular force/timesteps) all the members in the system contribute to the

force evaluation. The irregular forces are evaluated using CPUs, while the regu-

lar forces are computed on GPUs using the CUDA architecture. This version of

NBODY6++GPU does not include post-Newtonian terms.

4.2.2 Population synthesis

MOBSE (Mapelli et al., 2017; Giacobbo et al., 2018; Giacobbo and Mapelli, 2018; Gi-

acobbo and Mapelli, 2019; Mapelli and Giacobbo, 2018) is a customized and up-
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graded version of BSE (Hurley et al., 2000; Hurley et al., 2002) which includes up-

to-date prescriptions for massive star winds, for core-collapse supernova (SN) ex-

plosions and for pair instability and pulsational-pair instability SNe. It has been

integrated with NBODY6++GPU by taking advantage of the pre-existing interface be-

tween the N-body code and BSE.

Stellar winds are implemented assuming that the mass loss of massive hot stars (O

and B-type stars, Wolf-Rayet stars, luminous blue variable stars) depends on metal-

licity as Ṁ ∝ Zβ, where β is defined as in Giacobbo et al., 2018

β=


0.85 if Γe < 2/3

2.45−2.4Γe if 2/3 ≤ Γe < 1

0.05 if Γe ≥ 1.

(4.1)

Here Γe is the Eddington factor (see e.g. Gräfener and Hamann 2008; Chen et al.

2015).

The outcome of core-collapse SNe is highly uncertain and none of the prescrip-

tions available in the literature is completely satisfactory (e.g. Burrows et al. 2018;

Mapelli et al. 2020). Hence, our prescriptions should be regarded as reasonable

“toy models”. In this paper, we adopt the rapid core-collapse supernova model de-

scribed in Fryer et al., 2012. In this formalism, the mass of the compact object is

mrem = mproto +mfb, where mproto = 1 M¯ is the mass of the proto-compact object

and mfb is the mass accreted by fallback. Note that this is different from Di Carlo

et al., 2019, where we adopted the delayed model from Fryer et al., 2012.

When the helium core of a star becomes 64 ≤ mHe/M¯ ≤ 135, the star is completely

destroyed by pair instability. If the helium core reaches a size 32 ≤ mHe/M¯ < 64,

pulsational pair instability is expected to take place (Woosley, 2017) and the final

mass of the compact object is estimated as mrem = αP mnoPPI, where mnoPPI is the

mass of the compact object we would have obtained if we had not included pul-

sational pair instability in our analysis and αP is a fitting parameter (Spera and

Mapelli, 2017; Mapelli et al., 2020). Finally, electron-capture supernovae are im-

plemented as described in Giacobbo and Mapelli, 2019.

Natal kicks are randomly drawn from a Maxwellian velocity distribution. A one-

dimensional root mean square velocity σ = 15 km s−1 is adopted for core-collapse

SNe and for electron-capture SNe (Giacobbo and Mapelli, 2019). Kick velocities of

BHs are reduced by the amount of fallback as VKICK = (1− ffb)V , where ffb is the

fallback parameter described in Fryer et al., 2012 and V is the velocity drawn from

the Maxwellian distribution2.
2This kick model was chosen because it leads to a BNS merger rate in agreement with the range
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Table 4.1: Initial conditions.

Set Z NSC MSC [M¯] rh [pc]
YSC 0.02, 0.002, 0.0002 6000 103 −3×104 1.5, 0.1 (MSC/M¯)0.13

A 0.02, 0.002, 0.0002 3000 103 −3×104 0.1 (MSC/M¯)0.13

B 0.02, 0.002, 0.0002 3000 103 −3×104 1.5
IB 0.02, 0.002, 0.0002 3×107 – –

A02 0.02 1000 103 −3×104 0.1 (MSC/M¯)0.13

A002 0.002 1000 103 −3×104 0.1 (MSC/M¯)0.13

A0002 0.0002 1000 103 −3×104 0.1 (MSC/M¯)0.13

B02 0.02 1000 103 −3×104 1.5
B002 0.002 1000 103 −3×104 1.5

B0002 0.0002 1000 103 −3×104 1.5
IB02 0.02 107 – –

IB002 0.002 107 – –
IB0002 0.0002 107 – –

Column 1: Name of the simulation set; YSC stands for all dynamical simulations (set A and set B)
considered together, while IB stands for isolated binaries. Column 2 (Z ): stellar metallicity;
column 3 (NSC): Number of runs; column 4: YSC mass (MSC); column 5: initial half-mass radius
(rh).

Binary evolution processes (tides, mass transfer, common envelope and

gravitational-wave orbital decay) are implemented as in Hurley et al., 2002. In this

work, we assume α = 5 (it was α = 3 in Di Carlo et al. 2019), while λ is derived by

MOBSE as described in Claeys et al., 2014.

Consistently with Di Carlo et al., 2019, when two stars merge, the amount of mass

loss is decided by MOBSE, which adopts the same prescriptions as BSE, but if a star

merges with a BH or a neutron star, MOBSE assumes that the entire mass of the star

is immediately lost by the system and the compact object does not accrete it. This

assumption by MOBSE is very conservative, because it is unlikely that the compact

object can accrete a substantial fraction of the stellar mass, but it is hard to quantify

the actual mass accretion.

4.2.3 Initial conditions

We have simulated 6000 YSCs considering three different metallicities (Z =
0.02,0.002, and 0.0002) and two definitions for the initial half-mass radius rh (Ta-

inferred from the LVC (Baibhav et al., 2019), but is in tension with the proper motions of young
Galactic pulsars (Hobbs et al., 2005). In a recent work (Giacobbo and Mapelli, 2020), we have revised
our kick prescriptions and we have shown that the value of σ adopted in this work has negligible
effect on the properties and on the merger rate of BBHs (because VKICK is dominated by fallback).
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Figure 4.1: Initial binary fraction f̃bin as a function of stellar mass. f̃bin is defined as
Nbin/(Nbin +Nsin), where Nbin is the total number of binaries and Nsin is the total number of
single stars in the YSC at the beginning of the simulation. The blue line represents the binary
fraction for one of our simulated star clusters, while the red circles come from the observa-
tional results (Moe and Di Stefano, 2017) and represent the fraction of stars with at least one
companion.

ble 4.1). Simulations of set A (3000 simulations, 1000 per each considered metallic-

ity) were performed choosing rh according to the Marks & Kroupa relation (Marks

et al., 2012), which relates the total mass MSC of a star cluster at birth with its initial

half mass radius rh:

rh = 0.10+0.07
−0.04 pc

(
MSC

M¯

)0.13±0.04

. (4.2)

Simulations of set B (3000 simulations, 1000 per each considered metallicity) as-

sume rh = 1.5pc. The initial densities of the YSCs at the half-mass radius are

ρh = 500(MSC/M¯)0.61 M¯pc−3 and 4/27(MSC/M¯) M¯pc−3 for set A and B, respec-

tively. We also refer to set A/set B SCs as dense/loose ones.

As already discussed in Di Carlo et al., 2019, we model YSCs with fractal initial con-

ditions, because this mimics the initial clumpiness and asymmetry of embedded

star clusters (Cartwright and Whitworth, 2004; Gutermuth et al., 2005; Goodwin

and Whitworth, 2004; Ballone et al., 2020). We adopt a fractal dimension D = 1.6

and generate the initial conditions with MCLUSTER (Küpper et al., 2011). In Di Carlo

et al., 2019, we have shown that larger values of the fractal dimension (D ≤ 2.3) do
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not significantly affect the statistics of BBHs. The velocities of the stars are isotropic

and drawn from a Gaussian distribution.

The total mass MSC of each star cluster (ranging from 1000 M¯ to 30000 M¯) is

drawn from a distribution d N /d MSC ∝ M−2
SC , as the embedded star cluster mass

function described in Lada and Lada, 2003. Thus, the mass distribution of our sim-

ulated star clusters mimics the mass distribution of star clusters in Milky Way-like

galaxies. The star clusters are initialised so that the virial ratio αvir = T /|V | = 0.5,

where T and V are the total kinetic and potential energy of the YSC, respectively.

The stars in the simulated star clusters follow a Kroupa, 2001 initial mass function,

with minimum mass 0.1 M¯ and maximum mass 150 M¯. We assume an initial

binary fraction fbin = 0.4, meaning that 40% of the stars are members of binary

systems. The orbital periods, eccentricities and mass ratios of binaries with pri-

mary more massive than 5 M¯ are drawn from Sana et al., 2012 distributions, as

already described in Di Carlo et al., 2019. Stars with a mass larger than 5 M¯, start-

ing from the most massive, are paired with the star which better matches the mass

ratio drawn from the distribution. Stars under 5 M¯ are randomly paired until the

required binary fraction is reached. This procedure results in a mass-dependent

initial binary fraction which is larger for more massive binaries, consistent with the

multiplicity properties of O/B-type stars (e.g. Sana et al. 2012; Moe and Di Stefano

2017), as shown in Figure 4.1.

The force integration includes a solar neighbourhood-like static external tidal field

(Wang et al., 2016). Each star cluster is evolved until its dissolution or for a maxi-

mum time t = 100Myr. The most massive star clusters in our sample are not com-

pletely disrupted at t = 100 Myr, but our static tidal field model tends to overes-

timate the lifetime of star clusters, because it does not account for massive per-

turbers (e.g. molecular clouds), which can accelerate star cluster disruption (Gieles

et al., 2006). Hence, our choice is quite conservative. When the N−body simulation

stops, we extract all the BBHs and we evolve their semi-major axis and eccentricity

using the timescale formula presented in Peters, 1964, which describes the evolu-

tion of the orbit due to GW emission. We classify as merging BBHs all BBHs that

merge within a Hubble time (tH = 14 Gyr) by gravitational wave decay.

For comparison, we have also run a set of isolated binary simulations with the

stand-alone version of MOBSE. In particular, we simulated 107 isolated binaries

(IBs) per each considered metallicity (Z = 0.02, 0.002 and 0.0002). Primary masses

of the IBs are drawn from a Kroupa (Kroupa, 2001) mass function between 5 and 150

M¯. Orbital periods and eccentricities are randomly drawn from the same distribu-

tion as the dynamical simulations, but for one difference: the maximum orbital pe-
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Figure 4.2: Distribution of BH masses in the simulations. Left-hand panels: set A; right-hand
panels: set B; top: all BHs; middle: BHs which are members of BBHs at the end of the sim-
ulations; bottom: BHs in merging BBHs. Blue solid line: Z = 0.0002; green dot-dashed line:
Z = 0.002; red dashed line: Z = 0.02.

riod is log(Pmax/days) = 5.5 and log(Pmax/days) = 6.7 in the isolated binaries and in

the dynamical simulations, respectively. We checked that this difference has a neg-

ligible impact on our results. A summary of the initial conditions of the performed

simulations is reported in Table 4.1.

4.3 Results

4.3.1 BH mass distribution

Figure 4.2 shows the mass distribution of all simulated BHs. The overall mass range

of BHs, considering both single and binary BHs, spans from 5 M¯ (the minimum
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BH mass according to the rapid model by Fryer et al. 2012) to 320 M¯.

The maximum BH mass and the slope of the BH mass function depend on metal-

licity: BHs born from metal-rich stars (Z = 0.02) tend to be less massive than BHs

born from metal-poor stars (Z = 0.0002−0.002).

In the case of single stars and isolated binaries, MOBSE predicts a maximum BH

mass of ∼ 65 M¯ (see Figure 4 of Giacobbo et al. 2018), while in our dynamical simu-

lations we find BHs with mass up to ∼ 320 M¯. This difference is a result of multiple

stellar mergers in YSCs, which build up a significantly more massive BH population

in star clusters than in the field. This produces a non negligible population of BHs

with mass in the pair-instability gap, between ∼ 60 and ∼ 120 M¯: ∼ 5.0 %, 1.5 %

and 0.2 % (∼ 5.7 %, ∼ 2.2 % and ∼ 0.01 %) of the simulated BHs have mass in the

pair-instability gap in our set A (set B) at Z = 0.0002, 0.002 and 0.02, respectively.

Intermediate-mass BHs (IMBHs), defined as BHs with mBH ≥ 100 M¯, are ∼ 0.5 %,

∼ 0.3 % and ∼ 0.03 % (∼ 0.4 %, ∼ 0.1 % and ∼ 0.02 %) of all our BHs in set A (set

B) at Z = 0.0002, 0.002 and 0.02, respectively. They form through (multiple) stellar

mergers, whose probability is enhanced by the short dynamical friction timescale

in our clusters (tdf . 1 Myr for a star with zero-age main-sequence mass mZAMS &

20 M¯): the most massive stars and binary stars sink to the core of the cluster before

they become BHs; once in the core, they interact with each other triggering the

mechanism known as runaway collision (e.g. Portegies Zwart and McMillan 2002;

Portegies Zwart et al. 2004; Giersz et al. 2015a; Mapelli 2016).

The mass distribution of BHs in dense clusters (set A) and loose clusters (set B) are

similar. The main difference is the percentage of BBHs that merge within a Hubble

time (hereafter, merging BBHs), especially at low metallicity: these are ∼ 17.1 %,

∼ 5.7 % and ∼ 1.7 % (∼ 3.9 %, ∼ 2.0 % and ∼ 1.8 %) in set A (set B) for a progenitor

metallicity Z = 0.0002, 0.002 and 0.02, respectively. Hence, star cluster density plays

an important role in shrinking the orbit of BBHs. From these numbers, it is also

apparent that BBH mergers are more common at low metallicity.

4.3.2 Properties of merging BBHs

Here, we focus on merging BBHs, i.e. BBHs that reach coalescence within a Hubble

time. We call dynamical BBHs and isolated BBHs those merging BBHs that form in

YSCs and in isolated binaries, respectively. We further divide dynamical BBHs into

exchanged BBHs (i.e. dynamical BBHs that form from dynamical exchanges) and
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Table 4.2: Percentage of original and exchanged BBHs.

Set forig,all fexch,all forig,merger fexch,merger

YSC 22 % 78 % 58 % 42 %
A 18 % 82 % 58 % 42 %
B 25 % 75 % 65 % 35 %

A02 7 % 93 % 0 % 100 %
A002 15 % 85 % 36 % 64 %

A0002 24 % 76 % 65 % 35 %
B02 28% 72 % 67 % 33 %

B002 22 % 78 % 75 % 25 %
B0002 25 % 75 % 60 % 40 %

Column 1: Name of the simulation set; column 2: forig,all, percentage of original BBHs with respect
to all BBHs at the end of the simulations; column 3 fexch,all, percentage of exchanged BBHs with
respect to all BBHs at the end of the simulations; column 4: forig,merge, percentage of merging
original BBHs with respect to all merging BBHs; column 5: fexch,merge, percentage of merging
exchanged BBHs with respect to all merging BBHs.

original BBHs (i.e. dynamical BBHs that form from binary stars which were already

present in the initial conditions3).

Table 4.2 shows the percentage of original and exchanged BBHs for each set. About

78% of all BBHs are exchanged, but only ∼ 43% of the merging BBHs are exchanged.

This indicates that a large fraction of exchanged BBHs are loose binaries and cannot

harden fast enough to merge within a Hubble time. The percentage of exchanged

BBHs in set A is higher than that of set B: binaries in dense star clusters undergo

more exchanges than in loose star clusters.

The fraction of exchanged BBHs increases with metallicity in set A, while it is almost

constant with metallicity in set B. For example, the percentages of exchanged BBHs

and merging exchanged BBHs are ∼ 76 % and ∼ 35 % in set A0002, and rise to ∼ 93 %

and 100 % in set A02. In contrast, the percentages of exchanged BBHs and merging

exchanged BBHs are ∼ 75 % and ∼ 40 % in set B0002, and remain very similar (∼ 72

% and 33 %) in set B02.

Table 4.3 shows the results of the Kolmogorov-Smirnov (hereafter, KS) test (Birn-

baum, Tingey, et al., 1951; Wang et al., 2003) and of the U-test (Bauer, 1972; Hol-

lander and Wolfe, 1999). We find that the masses of merging BBHs in set A and in

3In papers about star cluster dynamics, original BBHs are usually referred to as ‘primordial
BBHs’ or ‘BBHs born from primordial binaries’, because the binary stars which were already present
in the initial conditions are usually called ‘primordial binaries’. Here, we name them original BBHs
to avoid confusion with primordial BHs that might form from gravitational instabilities in the early
Universe (e.g. Carr and Hawking 1974; Carr et al. 2016).
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Table 4.3: Results of the KS-Test and U-Test to compare sets of merging BBHs.

Set 1 Set 2 Distribution KS-Test U-Test
A – Original B – Original mtot 0.82 0.56
A – Exchanged B – Exchanged mtot 0.36 0.55
A – All B – All mtot 0.65 0.50

A – Original B – Original mchirp 0.57 0.35
A – Exchanged B – Exchanged mchirp 0.56 0.59
A – All B – All mchirp 0.33 0.38

A – Original B – Original q 0.05 0.14
A – Exchanged B – Exchanged q 0.84 0.59
A – All B – All q 0.50 0.54

A – Original B – Original tdelay 0.43 0.35
A – Exchanged B – Exchanged tdelay 0.99 0.94
A – All B – All tdelay 0.88 0.50

In this Table, we apply the KS- and U- tests to compare different samples of BBHs. Columns 1 and
2: the two BBH samples to which we apply the KS- and U- test. Each sample comes from one of the
simulation sets (see Table 4.1). Column 3: distribution to which we apply the KS- and U- tests. We
consider total BBH masses (mtot), chirp masses (mchirp), mass ratios (q) and delay times (tdelay).
Columns 4 and 5: probability that the two samples are drawn from the same distribution according
to the Kolmogorov-Smirnov (KS) Test and to the U-Test, respectively.

set B are not consistent with being drawn from two different underlying distribu-

tions. Based on this result and to filter out stochastic fluctuations, we consider BBH

mergers of set A and set B together in the following analysis.

Figures 4.3, 4.4 and 4.5 show the total mass (mTOT = m1 + m2), the chirp mass

[mchirp = (m1 m2)3/5(m1+m2)−1/5] and the mass ratio (q = m2/m1, where m1 ≥ m2)

of merging BBHs, respectively. In these figures, the three metallicity samples and

the two simulation sets are stacked together.

The total masses of dynamical BBH mergers range from ∼ 10 to ∼ 140 M¯, while the

chirp masses span from ∼ 4.8 to ∼ 55.8 M¯. Mass ratios of order of one are most

common, but the distributions reach a minimum value of q ∼ 0.18.

Exchanged BBHs reach significantly larger total masses and chirp masses and

smaller values of q than both original BBHs and isolated BBHs. The typical masses

of original BBHs are similar to those of isolated BBHs. This confirms the results of

Di Carlo et al., 2019, who considered only one metallicity (Z = 0.002).

Figure 4.6 shows the mass of the secondary BH (m2) versus the mass of the primary

BH (m1), distinguishing between different metallicities. The most massive objects
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Figure 4.3: Distribution of total masses (mTOT = m1 +m2) of merging BBHs. Set A and B are
stacked together. Orange solid line: original BBHs; blue solid line: exchanged BBHs; black
dashed line: all dynamical BBHs (original+exchanged); gray filled histogram: isolated BBHs.

(m1 > 45 Msun) form only at low metallicity (Z = 0.0002, 0.002) and are exclusively

exchanged BBHs.

Table 4.4 shows the masses, metallicities and delay times of BBH mergers with pri-

mary mass m1 ≥ 45 M¯. All of them are exchanged BBHs and (according to our

population-synthesis model) cannot form by isolated binary evolution. We choose

this threshold of 45 M¯, because Abbott et al., 2019a indicate that the mass distri-

bution of the primary BH in O1 and O2 LVC events is well approximated by models

with no more than 1 % of BHs more massive than 45 M¯. In our simulations, we

show that these BBH mergers are impossible to form via isolated binary evolution,

but can arise from dynamical exchanges in YSCs. These massive BBH mergers are

4.3% and 7.0% of all the BBH mergers we find in set A and set B, respectively. Most

of them have mass ratios different from one.

Figure 4.7 shows the evolution of the most massive BBH merger in our simulations,
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Figure 4.4: Same as Figure 4.3, but for the distribution of chirp masses mchirp = (m1 m2)3/5(m1+
m2)−1/5 of merging BBHs.

with a primary mass m1 = 88 M¯ and a secondary mass m2 = 48 M¯. Both the pri-

mary and the secondary BH in this system form from the merger of two progenitor

stars and become bound by exchange. The mass of the primary BH is within the

pair instability mass gap. This happens because the merger between a core helium

burning (cHeB) star and a main sequence (MS) star produces a new cHeB star with

a large hydrogen envelope and with a helium core below the threshold for (pulsa-

tional) pair instability (see Di Carlo et al. 2020a for further details). The merger be-

tween the 57.4 M¯ cHeB and the 41.9 M¯ MS is triggered by a dynamical encounter.

If we simulate a binary with the same initial conditions using the stand-alone ver-

sion of MOBSE (i.e. without dynamical perturbations), the binary does not merge at

4.3 Myr and leaves a smaller remnant.

The yellow stars in Figure 4.6 show the 10 BBHs detected by the LVC during O1

and O2 (Abbott et al., 2019b) plus GW190412, the first published BBH merger of O3

and the first event showing evidence of unequal mass components (Abbott et al.,
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Figure 4.5: Same as Figure 4.3, but for the distribution of mass ratios q = m2/m1 of merging
BBHs.

2020a). Our simulated BBH mergers match all O1–O2 BBHs including GW170729.

GW170729, the most massive event detected in O1 and O2, is consistent only

with BBHs formed in YSCs (mostly exchanged BBHs): our models cannot form

GW170729 via isolated binary evolution, even at the lowest considered metallicity.

This result strongly favours a dynamical formation for GW170729. Even GW190412

can be matched only by dynamical BBHs born from metal-poor progenitors, be-

cause isolated binaries can hardly account for its mass ratio in our models.

Figure 4.8 shows the distribution of delay times for our simulated BBHs. We find

no significant differences between the delay time distribution of set A and set B

(see Table 4.3). The two distributions are broadly consistent with d N /d t ∝ t−1

(Dominik et al., 2012) if tdelay & 400 Myr, but bend with respect to this scaling at

shorter times. As a result, the overall distributions are not consistent with ∝ t−1,

unless we neglect delay times shorter than 400 Myr.
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Figure 4.6: Mass of the primary BH (m1) versus mass of the secondary BH (m2) of merging
BBHs. Set A and B are stacked together. Empty symbols: original BBHs; filled symbols: ex-
changed BBHs. Blue, green and red symbols represent Z = 0.0002, 0.002 and 0.02, respectively.
Filled contours (with gray colour map): isolated BBHs. Yellow stars with error bars: LVC BBHs
[GW150914 (Abbott et al., 2016a), GW151012 (Abbott et al., 2016d), GW151226 (Abbott et al.,
2016e), GW170104 (Abbott et al., 2017a), GW170608 (Abbott et al., 2017b), GW170729 (Abbott
et al., 2019b), GW170809 (Abbott et al., 2019b), GW170814 (Abbott et al., 2017c), GW170818
(Abbott et al., 2019b), GW170823 (Abbott et al., 2019b), GW190412 (Abbott et al., 2020a)]. Error
bars indicate 90% credible levels.
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Figure 4.7: Evolution of the most massive BBH merger in our simulations. Blue stars represent
main sequence stars (with label MS); red stars with a blue core represent core helium burning
stars (label cHeB); black circles represent black holes (label BH). The mass of each object is
shown next to them. The time axis and the size of the objects are not to scale. The primary
BH with m1 = 88.3 M¯ lies in the pair-instability mass gap. The merging BBH forms because of
dynamical interactions.
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Table 4.4: List of the BBH mergers with primary mass m1 ≥ 45 M¯ in our simulations.

m1 [M¯] m2 [M¯] q Z tdelay [Gyr] Set
88.3 47.5 0.54 0.0002 0.046 A
70.0 55.0 0.79 0.0002 1.679 B
65.0 37.0 0.57 0.0002 0.0324 A
63.3 52.6 0.83 0.002 11.008 B
62.2 18.0 0.29 0.0002 0.264 B
60.6 31.1 0.51 0.0002 5.876 A
59.0 11.0 0.19 0.0002 0.499 A
54.1 26.3 0.49 0.0002 0.253 A
53.0 30.0 0.57 0.0002 7.0178 A
49.0 33.1 0.68 0.002 0.505 B
48.5 15.4 0.32 0.002 0.117 A
47.0 42.0 0.89 0.0002 0.0447 A
47.0 33.0 0.70 0.0002 0.437 B
45.3 11.5 0.25 0.0002 3.586 A
45.0 19.0 0.42 0.02 0.308 A

Column 1: Mass of the primary BH (m1); column 2: mass of the secondary BH (m2); column 3:
mass ratio (q); column 4: progenitor’s metallicity (Z ); column 5: delay time (tdelay); column 6:
simulation set.

4.3.3 Merger efficiency and local merger rate

Figure 4.9 shows the merger efficiency η(Z ) defined as in Giacobbo and Mapelli,

2018:

η(Z ) = NTOT(Z )

M∗(Z )
, (4.3)

where NTOT(Z ) is the total number of BBHs (formed at a given metallicity) with de-

lay time shorter than the Hubble time, while M∗(Z ) is the total initial stellar mass

of the simulated population at a given metallicity. For isolated binaries (Giacobbo

and Mapelli, 2018), M∗(Z ) = M∗,sim(Z )/( fbin fcorr), where M∗,sim(Z ) is the total ini-

tial mass of the simulated binaries, fbin = 0.4 accounts for the fact that we simulated

only binaries and not single stars, and fcorr accounts for the missing low-mass stars

between 0.1 and 5 M¯. The merger efficiency is a useful quantity to understand the

impact of stellar metallicity on the merger rate of binary compact objects.

The most remarkable difference between isolated BBHs and dynamical BBHs is

that, at solar metallicity (Z = 0.02), the merger efficiency of the latter is higher

by two orders of magnitude than the merger efficiency of the former. In YSCs, ex-

changes lead to the formation of BBHs and dynamical encounters harden existing

massive binary stars, even at solar metallicity. In contrast, isolated BBH mergers
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Figure 4.8: Distribution of delay times tdelay of merging BBHs. Orange dashed line: set A; green
solid line: set B. Dotted black line: scaling as d N /d t ∝ t−1.

are much rarer at solar metallicity, because stellar winds are efficient: the vast ma-

jority of massive stars become Wolf-Rayet stars before they can start a Roche lobe

episode and do not undergo a common envelope phase; hence, most of the isolated

BBHs which form at solar metallicity are too wide to merge within a Hubble time

(Giacobbo and Mapelli, 2018).

From the merger efficiency η(Z ), we can estimate the local merger rate density

RBBH, as already described in Santoliquido et al., 2020:

RBBH = 1

tlb(zloc)

∫ zloc

zmax

ψ(z ′)
dtlb

dz ′ dz ′×∫ Zmax(z ′)

Zmin(z ′)
η(Z )F (z ′, zloc, Z )dZ , (4.4)

where tlb(zloc) is the look-back time evaluated in the local universe (zloc ≤ 0.1),ψ(z ′)
is the cosmic SFR density at redshift z ′ (from Madau and Fragos 2017), Zmin(z ′) and
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Figure 4.9: Merger efficiency η(Z ), defined as the number of mergers per solar mass, as a func-
tion of metallicity. The black dashed line shows the values from Giacobbo and Mapelli, 2018.
Orange squares and green triangles refer to set A and set B, respectively. Error bars represent
Poisson uncertainties.

Zmax(z ′) are the minimum and maximum metallicity of stars formed at redshift z ′

and F (zloc, z ′, Z ) is the fraction of BBHs that form at redshift z ′ from stars with

metallicity Z and merge at redshift zloc normalized to all BBHs that form from stars

with metallicity Z . To calculate the lookback time tlb we take the cosmological pa-

rameters (H0, ΩM and ΩΛ) from Ade et al., 2016. We integrate equation 4.4 up to

redshift zmax = 15, which we assume to be the epoch of formation of the first stars.

From equation 4.4 we obtain a local merger rate density RBBH ∼ 55 and ∼ 110

Gpc−3 yr−1 for set A and B, respectively, by assuming that all the cosmic star forma-

tion rate occurs in YSCs like the ones we simulated in this paper. If we repeat the

same procedure for the isolated BBHs, we find RBBH ∼ 50 Gpc−3 yr−1. Set B gives

the highest local merger rate density, because it has a higher number of BBH merg-

ers at solar metallicity (which is the dominant metallicity at low redshift) with rela-

tively short delay times. Considering the small sample of BBH mergers at Z = 0.02

(5 BBHs in set A and 8 BBHs in set B), the difference of a factor of 2 between the two

local merger rates is likely due to stochastic fluctuations.

The inferred merger rates are upper limits, since we do not take into account infant

mortality of YSCs (Brinkmann et al., 2017; Shukirgaliyev et al., 2017), we do not use
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an observation-based local number density of YSCs (Portegies Zwart and McMil-

lan, 2000b) and we assume that all stars form in YSCs like the ones we simulated

in this paper. It is more likely that a fraction of all mergers comes from YSCs and

another fraction from isolated binaries, globular clusters or nuclear star clusters. In

a follow-up paper (Bouffanais et al., in prep), we will try to constrain these percent-

ages based on current LVC results.

4.4 Discussion

4.4.1 Merger efficiency: dynamical versus isolated BBHs

Why the merger efficiency of dynamical BBHs is lower than that of isolated BBHs

at low metallicity, but higher at high metallicity? This result springs from two op-

posite effects. On the one hand, dynamical encounters tend to break some BBHs,

especially low-mass BBHs with a relatively large orbital separation (see e.g. Zevin

et al. 2017 and Di Carlo et al. 2019). On the other hand, dynamics enhances the

merger of massive BBHs by exchanges and by hardening. The former effect tends

to decrease the merger efficiency, while the latter tends to increase it.

At solar metallicity (Z = 0.02), the merger efficiency of isolated BBHs is drastically

low (2–3 orders of magnitude lower than at Z ≤ 0.002). This implies that, at solar

metallicity, even if dynamics ionizes all the low-mass original BBHs, this has no ef-

fect on the merger efficiency, because these low-mass original BBHs were not going

to merge anyway. Thus, the loss of BBH mergers due to binary ionization/softening

is minimum at high Z . In contrast, the few dynamical BBH mergers at high Z all

come from dynamical hardening and dynamical exchanges. The net effect is that

the merger efficiency of dynamical BBHs is higher than that of isolated BBHs at

solar metallicity.

At low Z , the situation is inverted. Most of the mergers from isolated BBHs come

from low-mass BBHs (see e.g. Giacobbo et al. 2018). Hence, when dynamics sup-

presses the merger of these low-mass BBHs (by softening or ionization), it removes

most of potential merging systems from the game. In metal-poor clusters, dynam-

ical hardening and exchanges are efficient in forming massive BBHs and in trigger-

ing their merger, but these massive binaries are not sufficiently numerous to com-

pensate for the loss of low-mass mergers. Hence, the net effect is that the merger

efficiency of dynamical BBHs is lower than that of isolated BBHs at low Z .

There is also a difference between Set A (dense clusters) and Set B (loose clusters).

At low Z , the merger efficiency of Set A is a factor of ∼ 5 higher than that of Set B,
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while at higher Z the two sets have almost the same merger efficiency. The main

reason for this difference is that, at low Z , where BH masses are higher, dynamical

hardening and exchanges are more effective in the dense clusters of set A than in

the loose clusters of set B.

4.4.2 When do the exchanges happen?

Table 4.5 shows that most of the exchanged BBHs that merge within a Hubble time

undergo their first exchange when the binary system is still composed of two stars,

i.e. before the collapse of the primary component to a BH. The percentage of ex-

changes whose result is a binary composed of two stars is ∼ 54% and ∼ 72% for set A

and B, respectively.

The percentage of exchanges that lead to the formation of a BH – star binary is zero

in set B and up to ∼ 17% in set A. Finally, ∼ 30 % of all exchanges that lead to BBH

mergers happen when the two BHs have already formed.

Figure 4.10 confirms this result: the dynamical exchanges that lead to the formation

of merging systems happen in the first ∼ 10 Myr of the star cluster life. Most of these

exchanges happen earlier (t ¿ 1 Myr) in the star clusters of set B than in those of

set A (t ∼ 2−3 Myr).

This reflects a difference in the timescale for the collapse of the core of the cluster

(hereafter, core collapse), because most interactions happen during core collapse.

In set B, the single sub-clumps of our fractal initial conditions undergo core col-

lapse before they have completed the hierarchical assembly into the larger star clus-

ter. Hence, most exchanges and dynamical interactions happen in this very early

stage, t < 1 Myr. In contrast, the clusters of set A are so dense that the sub-clumps

hierarchically assemble to form one monolithic cluster before they undergo indi-

vidual core collapse. Hence, the first core collapse in set A is the collapse of the core

of the global cluster at t ∼ 2− 3 Myr. As already discussed by Fujii and Portegies

Zwart, 2013, the build up and merger of massive binaries is suppressed if the sub-

clumps collapse before the hierarchical assembly of the global cluster. Hence, we

expect the binaries of set A to start their dynamical activity later but to have more

dynamical interactions with respect to the binaries of set B.

4.4.3 Integration time and merger rates

We integrated all the simulated YSCs until their dissolution or for a maximum time

t = 100Myr. Would a longer integration time significantly affect the number of

mergers? At the end of the simulations, our YSCs retain between 50% and 70%
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of their initial mass and ∼ 60% of the total BBHs. However, the vast majority of

these in-cluster BBHs are loose binaries (∼ 99.5% of them have an orbital separa-

tion a > 102 R¯) and would therefore require many strong dynamical interactions to

harden and enter the GW regime. In a future work, we will integrate our clusters up

to 1 Gyr to check the impact of the integration time on BBHs, but we do not expect

it to significantly affect the number of mergers.

4.4.4 Comparison with previous studies

Kumamoto et al., 2019b and Kumamoto et al., 2020 evaluate the BBH merger rate

from open clusters, whose masses and scales are comparable to our fractal YSCs.

Kumamoto et al., 2019b find that exchanges leading to BBH mergers happen mostly

between stellar progenitors (before their collapse to BH), consistently with our re-

sults (see also Di Carlo et al. 2019). Moreover, Kumamoto et al., 2020 predict a lo-

cal BBH merger rate density ∼ 35 Gpc−3 yr−1, similar to our result. Banerjee, 2020

produced a set of simulations of more massive YSC, with masses between 104 and

105 M¯and with lower binary fractions (0 < fbin < 0.1). Banerjee, 2020 finds a mass

spectrum of merging BBHs which is similar to our result; the main difference is that

we find systems with lower mass ratios. Moreover, while 97% of our BBH mergers

take place outside the YSC, most of the mergers in Banerjee, 2018b and Banerjee,

2020 happen inside the cluster, likely because of the higher star cluster mass in

these studies with respect to our simulations.

These results for both YSCs (Di Carlo et al., 2019; Di Carlo et al., 2020a) and open

clusters (Banerjee et al., 2010; Ziosi et al., 2014; Banerjee, 2018b; Banerjee, 2018a)

remark a crucial difference with respect to globular clusters (e.g. Portegies Zwart

and McMillan 2000b; Morscher et al. 2015; Rodriguez et al. 2015; Rodriguez et al.

2016; Rodriguez et al. 2018; Askar et al. 2017) and nuclear star clusters (e.g. Antonini

and Rasio 2016; Arca Sedda and Benacquista 2019). Globular and nuclear clusters

are significantly more long-lived than open and young clusters. Hence, BBHs born

in the former clusters have more time to harden by gravitational encounters and

to undergo exchanges before they merge. This is expected to boost the merger ef-

ficiency per globular/nuclear cluster. On the other hand, most globular clusters

formed ∼ 12 Gyr ago; hence, their contribution to the local merger rate density is

relatively small (< 20 Gpc−3 yr−1, e.g. Askar et al. 2017; Rodriguez and Loeb 2018).

In contrast, YSCs are short-lived, but form all the time across cosmic history. Thus,

they might have a larger cumulative effect on the local merger rate density of BBHs.

Moreover, YSCs are the main birth-place of massive stars, and, when they are dis-
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Table 4.5: Progenitors of exchanged BBH mergers at the time of the first exchange

Set fstar−star fstar−BH fBBH

YSC 57% 12% 31%
A 54% 14% 32%
B 72% 0% 28%

A02 0% 0% 100%
A002 45% 9% 46%

A0002 60% 17% 23%
B02 67% 0% 33%

B002 60% 0% 40%
B0002 80% 0% 20%

Column 1: Simulation set; column 2: percentage of exchanged BBH mergers in which the result of
the first exchange is a star-star binary ( fstar−star); column 3: percentage of exchanged BBH mergers
in which the result of the first exchange is a star–BH binary ( fstar−BH); column 4: percentage of
exchanged BBH mergers in which the outcome of the first exchange is already a BBH ( fBBH).

rupted by gas evaporation or by the tidal field, they release their stellar content into

the field. Thus, a large fraction of the field binaries might have formed in a YSC and

might have taken part in dynamical encounters before their ejection/evaporation

(Kruijssen, 2012).

A further difference between BBHs born in globular clusters and YSCs is the loca-

tion of the mergers. About half of BBHs born in globular clusters are expected to

merge inside the cluster (Banerjee, 2018b; Rodriguez et al., 2018; Samsing, 2018;

Zevin et al., 2019b). In contrast, ∼ 97% of our merging BBHs reach coalescence af-

ter they were ejected from the YSC, because of the low escape velocity and of the

short lifetime of these systems. Hence, most BBHs born in YSCs merge in the galac-

tic field and might represent a large fraction of field mergers.

4.5 Conclusions

We have investigated the formation of BBH mergers in young star clusters (YSCs)

with different metallicity, from Z = 0.0002 to Z = 0.02, by means of N-body sim-

ulations, coupled with the binary population-synthesis code MOBSE (Giacobbo et

al., 2018; Di Carlo et al., 2019). We probe two different density regimes for YSCs:

dense clusters (set A, i.e. clusters with half mass radius following the Marks et al.

2012 relation, corresponding to a density ρh ≥ 3.4×104 M¯ pc−3) and loose clusters

(set B, i.e. clusters with half-mass radius rh = 1.5 pc, corresponding to a density

ρh ≥ 1.5×102 M¯ pc−3, depending on star cluster mass).
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We have shown that BHs and BBHs can reach higher masses at lower metallicity

(Z ≤ 0.002) with respect to solar metallicity (Fig. 4.2). In our simulations, we can

form IMBHs as massive as ∼ 320 M¯, through multiple stellar collisions. Stellar

collisions also allow the formation of BHs with mass in the pair-instability mass gap

(Di Carlo et al., 2020a) even at solar metallicity, although their incidence is much

higher at low metallicity (Z ≤ 0.002). We find that ∼ 6 % (∼ 2 %) of all BHs formed at

Z = 0.0002 (Z = 0.002) have mass mBH > 60 M¯, while at solar metallicity (Z = 0.02)

the percentage is < 1 % in both set A and B.

The mass function of BHs and BBHs does not show significant differences between

loose clusters (set B) and dense clusters (set A). In particular, IMBHs form nearly

with the same frequency in both loose and dense clusters.

We focus on the sub-sample of BBHs that merge within a Hubble time. About 60%

of them come from original binaries (i.e. binary stars that are already there in the

initial conditions), while the remaining ∼ 40% form from dynamical exchanges. Ex-

changes in YSCs mostly involve stars before they collapse to BHs, because of the

short core-collapse timescale of YSCs (< 3 Myr).

Exchanged BBH mergers reach higher total masses (up to ∼ 140 M¯) than original

and isolated BBH mergers (maximum total mass ∼ 80 M¯, Fig. 4.3). The reason is

that non-conservative mass transfer tends to reduce the maximum mass of BBH

mergers in isolated and original binaries. Moreover, exchanged BBHs tend to have

lower mass ratios (q = m2/m1) than original and isolated BBHs (Fig. 4.5).

In our models, the most massive event reported by the LVC in O1 and O2, GW170729

(Abbott et al., 2019b; Abbott et al., 2019a), can be explained only with dynamical

BBHs: almost all of them are exchanged BBHs and come from metal-poor pro-

genitors (Fig. 4.6). Even GW190412, the first unequal-mass BBH merger, can be

explained only by BBHs born in YSCs: isolated binaries can hardly explain such

extreme mass ratios, according to the models presented here.

The most massive BBH merger in our simulations has mTOT ∼ 136 M¯, primary

mass m1 ∼ 88 M¯ and secondary mass m2 ∼ 48 M¯ (Table 4.4). The primary mass is

inside the pair-instability mass gap and the total mass of the merger product clas-

sifies it as in IMBH. This system is more massive than all the O1 and O2 LVC BBHs,

and has very similar characteristics to GW190521 (Abbott et al., 2020), the most

massive BBH merger detected to date.

The merger efficiency (i.e. the number of mergers divided by the total simulated

mass) is about two orders of magnitude higher for dynamical BBHs than for isolated

BBHs at solar metallicity (Fig. 4.9). The main reason is that dynamical encounters
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and hardening trigger the merger of BBHs even at high metallicity, where binary

evolution is unlikely to produce mergers.

The main difference between loose and dense clusters is the merger efficiency. At

low metallicity, the merger efficiency of loose clusters is a factor of ∼ 5 lower than

that of dense cluster, while at higher metallicity the merger efficiencies are compa-

rable. Assuming that all the cosmic star formation rate takes place in YSCs, we find

a local merger rate ∼ 55 (∼ 110) Gpc−3 yr−1 in set A (set B), respectively. This shows

that most BBH mergers might have originated in YSCs. Future studies will quantify

the impact of YSCs on the total merger rate of BBHs, BHNSs and BNSs, based on

the comparison with LVC observations.
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INTERMEDIATE MASS BLACK HOLES IN

YOUNG STAR CLUSTERS

Intermediate mass black holes in the mass range 102 −105 M¯ are thought to be the

missing link between stellar BHs and supermassive BHs. Theoretical models have

predicted their formation via hierarchical BBH mergers and via runaway collisions.

Astronomers have sought them for decades, via radio, optical and X-ray observations,

finding only a small bunch of strong candidates. The recent detection of GW190521,

with a final remnant mass of ∼ 142 M¯ (Abbott et al., 2020), has revived the hunt

for IMBHs in the astrophysics community: future GW data from ground-based and

space-borne detectors will give us the opportunity to unveil the properties of such

elusive BHs. Here, we investigate the possibility that IMBHs form in young star

clusters via runaway collisions and BBH mergers. We analyze 104 simulations, run

with the direct N-body code NBODY6++GPU coupled with the population synthesis

code MOBSE. Only 9 IMBHs form in our simulations via BBH mergers, with a mass

∼ 100−140 M¯. This channel is strongly suppressed by the low escape velocity of our

SCs. In contrast, IMBHs with masses up to ∼ 438M¯ efficiently form via runaway col-

lisions, especially at low metallicity. Up to ∼ 0.4 % of all simulated BHs are IMBHs,

depending on progenitor’s metallicity. The runaway formation channel is strongly

suppressed in metal-rich (Z = 0.02) star clusters, because of stellar winds. IMBHs are

extremely efficient in pairing with other black holes: 70% of them are members of a

BBH at the end of the simulations. In our simulations, BBHs which host at least one

IMBH do not merge within a Hubble time due to gravitational wave emission. More

massive SCs are more efficient in forming IMBHs: IMBHs form in 8% of the simu-

lated SCs with initial mass 10000-30000 Msun and in 1% of the simulated SCs with

initial mass 1000-5000 Msun. SCs which host IMBHs tend to expand more in the first

∼ 25 Myr of their evolution. This expansion particularly affects the outer region of the

SCs.

Based on:

Di Carlo U. N., et al., subm.
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5.1 Introduction

Intermediate mass black holes (IMBHs) are black holes (BHs) with mass in the 102

- 105 range, too massive to be of direct stellar origin (see e.g. Spera et al., 2015), but

smaller than super massive BHs (Kormendy and Ho, 2013; Mezcua, 2017a). IMBHs

may thus have played a natural role of building blocks for super massive BHs in the

early universe (Ebisuzaki et al., 2001), as suggested by the discovery of quasars at

redshifts as high as ≈ 6 (e.g. Fan et al., 2001). However, we currently lack direct un-

ambiguous evidence of IMBH existence from electromagnetic astronomy in the lo-

cal universe (Strader et al., 2012; Pasquato et al., 2016; Baumgardt, 2017), although

there are some important candidates in this mass range. Kızıltan et al., 2017a claim

that the globular cluster NGC 104 hosts an IMBH based on indirect dynamical ev-

idence, while other claims come mostly from ultra-luminous X-ray sources (e.g.

Farrell et al., 2009; Godet et al., 2014) and low-luminosity nuclei of dwarf galaxies

(Kormendy and Ho, 2013; Reines and Volonteri, 2015). For further discussion, we

point to the two reviews by Mezcua, 2017a and Greene et al., 2020.

In this context, gravitational wave observations of the merger GW190521 (Abbott et

al., 2020) recently provided strong evidence in favour of the existence of IMBHs and

of the binary black hole (BBH) merger formation scenario, where smaller BHs, likely

of stellar origin, merge repeatedly in a dense environment such as a star cluster

(SC) core (Miller and Hamilton, 2002b). The merger remnant of GW190521, with an

estimated mass of ∼ 142M¯, is arguably an IMBH.

Besides the recently confirmed BBH merger scenario, among the most popular pro-

posed formation channels we find the collapse of massive population III metal-free

stars (Bond et al., 1984; Madau and Rees, 2001), primordial IMBHs from gravita-

tional instabilities in the very early Universe (Kawaguchi et al., 2008; Carr et al.,

2016; Raccanelli et al., 2016; Sasaki et al., 2016; Scelfo et al., 2018) and runaway col-

lisions in SCs (Colgate, 1967; Sanders, 1970; Portegies Zwart and McMillan, 2002;

Gürkan et al., 2004; Freitag et al., 2006a; Giersz et al., 2015a; Mapelli, 2016; Kremer

et al., 2020; Chon and Omukai, 2020; Das et al., 2021).

Clearly, different formation channels may be acting in different environments, with

SCs representing ideal environments both for repeated mergers of stellar-mass

black holes and for the formation of very massive stars through runaway collisions

in the early stages of the cluster’s evolution. There has long been speculation that

these dense stellar systems might harbor IMBHs, as suggested by an extrapolation

of the Mbh −Mbulge relation for supermassive BHs to the low-mass end (Kormendy

and Richstone, 1995; van der Marel, 1999) and by more indirect clues related to the
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central velocity dispersion of globular clusters (GCs; Gerssen et al., 2002; Gebhardt

et al., 2002) and slight deviations from their scaling relations (Pasquato and Bertin,

2008).

The internal dynamics of SCs is expected to play a key role in modulating the

efficiency of the BBH merger scenario, with core collapse being closely tied to

increased dynamical interactions (Pasquato et al., 2013; Pasquato et al., 2014)

and the dynamical hardening of binaries (Sugimoto and Bettwieser, 1983; Hurley

and Shara, 2012; Beccari et al., 2019; Di Cintio et al., 2021). The main advantage

of the repeated merger mechanism is that it works for the entire lifetime of a

SC: the IMBH can assemble and grow as long as the SC survives (e.g. see Giersz

et al., 2015b, for a discussion of different regimes of IMBH assembly through this

mechanism). However, a merger chain can come to an abrupt end if the BBH

merger product is ejected from the SC due to GW recoil (Merritt et al., 2004; Madau

and Quataert, 2004). The magnitude of such kick can largely exceed the escape

velocity of the host SC, thus the hierarchical build up of an IMBH via repeated BBH

mergers is more likely to take place in more massive SCs like GCs and nuclear SCs,

because of their large escape velocity.

The runaway collision mechanism, on the other hand, can be effective even in less

massive SCs, like young SCs. The most massive stars in a young SC are more likely

to undergo collisions than lighter stars, because dynamical friction quickly brings

them to the core (Gaburov et al., 2008). The high central density of young SCs,

which is further enhanced in the first Myr due to gravothermal collapse, greatly

favors stellar collisions (Freitag et al., 2006b; Portegies Zwart et al., 2010) which help

to build up very massive stars that may collapse into IMBHs. The main issue of this

mechanism is that very massive stars lose a lot of mass through stellar winds. The

IMBH can form only if the star preserves enough mass, so this mechanism is more

efficient at lower metallicities where stellar winds are less powerful. Moreover, all

the collisions need to take place before the massive stars in the SC turn into BHs,

which happens in few Myr. Despite being less massive than GCs and nuclear SCs,

young SCs make up the vast majority of SCs in the Universe (Kroupa and Boily,

2002), and their cumulative contribution to IMBH statistics may thus be significant.

However, only few studies about IMBHs in young SCs present significant statisti-

cal results together with realistic initial conditions and up-to-date stellar evolution

recipes for massive and very massive stars. In this paper, we study the demogra-

phy of IMBHs in young SCs through a large set of 104 state of the art direct N-body
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simulations with fractal initial conditions (Goodwin and Whitworth, 2004, to mimic

the clumpiness of star forming regions, e.g.) and with a large initial binary fraction

( fbin=0.4). We adopt an accurate treatment of dynamics (Wang et al., 2015) and up-

dated binary population-synthesis models (Giacobbo et al., 2018).

5.2 Methods

The simulations discussed in this paper were performed using the same codes and

methodology described in Di Carlo et al., 2019. We use the direct summation N-

Body code NBODY6++GPU (Wang et al., 2015), which we coupled with the popula-

tion synthesis code MOBSE (Mapelli et al., 2017; Giacobbo et al., 2018; Giacobbo and

Mapelli, 2018). MOBSE includes up-to-date prescriptions for massive stellar winds,

core-collapse SN explosions and for (pulsational) pair instability supernovae.

In this work, we have analyzed 104 simulations of young star clusters (SCs); 4000

of them are the simulations presented in Di Carlo et al., 2019, while the remaining

6000 are the ones discussed in Di Carlo et al., 2020a. The initial conditions of the

simulations are summarized in Table 5.1.

Young SCs are asymmetric, clumpy systems. Thus, we model them with fractal ini-

tial conditions (Küpper et al., 2011), to mimic the clumpiness of stellar forming

regions (Goodwin and Whitworth, 2004). The level of fractality is decided by the

parameter D (where D = 3 means homogeneous distribution of stars). In this work,

we assume D = 1.6, 2.3. The total initial mass MSC of each SC ranges from 103 M¯
to 3×104 M¯ and it is drawn from a distribution d N /d MSC ∝ M−2

SC , as the SC initial

mass function described in Lada and Lada, 2003. Thus, the mass distribution of

our simulated SCs mimics the mass distribution of SCs in Milky Way-like galaxies.

We choose the initial half mass radius rh according to the Marks & Kroupa relation

(Marks et al., 2012) in 7000 simulations, and we adopt a fixed value rh = 1.5 pc for

the remaining 3000 simulations.

The initial masses of the stars follow a Kroupa, 2001 initial mass function, with min-

imum mass 0.1 M¯ and maximum mass 150 M¯. We set an initial binary frac-

tion of fbin = 0.4. The orbital periods, eccentricities and mass ratios of binaries

are drawn from the distributions described in Sana et al., 2012. Stars with a mass

larger than 5 M¯, starting from the most massive, are paired with the star which

better matches the mass ratio drawn from the distribution. Other stars are ran-

domly paired. This procedure results in a mass-dependent initial binary fraction

consistent with the multiplicity properties of O/B-type stars (Sana et al. 2012; Moe

and Di Stefano 2017). Each star cluster is simulated for 100 Myr in a rigid tidal field
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Table 5.1: Initial conditions.

Set Z Nsim rh D ref.
D2019HF 0.002 2000 M2012 2.3 D2019
D2019LF 0.002 2000 M2012 1.6 D2019
D2020A 0.02 1000 M2012 1.6 D2020

0.002 1000 M2012 1.6 D2020
0.0002 1000 M2012 1.6 D2020

D2020B 0.02 1000 1.5 pc 1.6 D2020
0.002 1000 1.5 pc 1.6 D2020

0.0002 1000 1.5 pc 1.6 D2020

Column 1: name of the simulation set. Column 2: metallicity Z . Column 3: Number of runs
performed per each set. Column 4: half-mass radius rh. M2012 indicates that half-mass radii have
been drawn according to Marks et al., 2012. Column 5: fractal dimension (D). Column 6: reference
for each simulation set. D2019 and D2020 correspond to Di Carlo et al., 2019 and Di Carlo et al.,
2020a, respectively.

corresponding to the Milky Way tidal field at the orbit of the Sun. We refer to Di

Carlo et al., 2019 and Di Carlo et al., 2020a for further details on the code and on the

simulations.

We simulate SCs with three different metallicities: Z = 0.0002, 0.002 and 0.02 (ap-

proximately 1/100, 1/10 and 1 Z¯). The simulations with Z = 0.002 are the union of

the 4000 runs presented in Di Carlo et al., 2019 and the 2000 runs discussed in Di

Carlo et al., 2020a. The simulations with Z = 0.02 and Z = 0.0002 are both from Di

Carlo et al., 2020a. The differences between the simulations in Di Carlo et al., 2019

and Di Carlo et al., 2020a are the efficiency of common envelope ejection (α = 3

in Di Carlo et al. 2019 and α = 5 in Di Carlo et al. 2020a), and the chosen model

of core-collapse supernovae (the rapid and the delayed models from Fryer et al.

2012 are adopted in Di Carlo et al. 2019 and in Di Carlo et al. 2020a, respectively).

The population of IMBHs is not strongly affected by these differences. We divide

the simulations in four different sets whose names and charateristics are shown in

Table 5.1.

5.3 Results

From the simulations, we extract information on the IMBHs, i.e. all BHs with m ≥
100M¯.
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5.3.1 Formation of IMBHs

We find a total of 218 IMBHs, which make up only ∼ 0.2% of all the BHs formed

in our simulations. The formation of IMBHs is a rare event in our simulations: as

shown in Table 5.2 only 1.97% of all the simulated SCs form one IMBH, and only

0.06% form two IMBHs. We find that 209 IMBHs form via the runaway collision

mechanism, while only 9 IMBHs form via BBH merger. This is expected, because

the low escape velocity (. 5km s−1) of our simulated SCs makes the BBH merger

scenario less efficient.

Figure 5.1 shows the masses of all the formed IMBHs for each metallicity. IMBHs

form with mass up to ∼ 438M¯, but ∼ 78% of all the formed IMBHs has a mass be-

tween 100M¯and 150M¯. Less massive IMBHs are more likely to form. A schematic

formation history of the most massive IMBH is shown in Figure 5.2; this IMBH

forms via runaway collision and a total of 10 stars participate to the formation of

a very massive star which promptly undergoes direct collapse to form the IMBH.

All the other IMBHs which form via runaway collision follow a similar pattern, in-

volving multiple stellar mergers in the first few Myr of our simulations. The mass

evolution of three stars which end up forming an IMBH is shown in Figure 5.3. We

see that mass growth via stellar mergers overcomes stellar wind mass loss. The for-

mation of the IMBHs via runaway collision always occurs within the first ∼ 5 Myr

from the beginning of the simulations.

As expected, IMBH formation is much less efficient at higher metallicities because

stellar winds are more powerful; only four IMBH form at solar metallicity. From Ta-

ble 5.2 we see that the percentage of the simulated SCs which form at least one

IMBH, grows as metallicity decreases, going from 0.15% at Z = 0.02 to 3.5% at

Z = 0.0002. From Figure 5.1 we see that a much larger number of IMBHs forms

at metallicity Z = 0.002 because we produced 6000 simulations with Z = 0.002 and

only 2000 simulations for each other metallicity.

5.3.2 Location of IMBHs

We try to understand where IMBHs are located with respect to the SC and we check

how many of them escape from the host SC.
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Table 5.2: Percentage of SCs which form 0, 1 and 2 IMBHs for different metallicity, initial SC
masses and sets.

Set 0 IMBHs 1 IMBH 2 IMBHs
All 97.97 % 1.97 % 0.06 %

Z = 0.02 99.85 % 0.15 % 0 %
Z = 0.002 97.81 % 2.17 % 0.02 %

Z = 0.0002 96.5 % 3.25 % 0.25 %
1000M¯ ≤ MSC < 5000M¯ 99.01 % 0.99 % 0 %

[5000M¯ ≤ MSC < 10000M¯ 95.73 % 4.12 % 0.15 %
10000M¯ ≤ MSC ≤ 30000M¯ 92.13 % 7.42 % 0.45 %

D2019HF 96.90 % 3.05 % 0.05 %
D2019LF 98.2 % 1.80 % 0.0 %
D2020A 98.03 % 1.94 % 0.03 %
D2020B 98.47 % 1.40 % 0.13 %

Column 1: Simulation set; column 2: percentage of SCs which form no IMBHs; column 3:
percentage of SCs which form 1 IMBH; column 4: percentage of SCs which form 2 IMBHs.

5.3.2.1 Distance from center of mass

Figure 5.4 shows the evolution of the median of the distances of the IMBHs with

respect to the center of mass of the host SCs. In order to participate to a sufficient

number of stellar mergers, we expect the progenitor stars of IMBHs to lie in the

densest central regions of the SC. In our simulations, we find that this is not com-

pletely the case: IMBH progenitors (i.e. before t ∼ 5Myr) tend to lie outside the 10%

Lagrangian radius. This is likely a consequence of the fractal initial conditions, be-

cause the IMBH formation may take place in a clump far away from the center of

mass of the SC, before the mergers between the clumps take place. After the IMBHs

forms, they tend to rapidly sink towards the center of the SC and to remain there

until the end of the simulation.
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Figure 5.1: Distributions of IMBH masses for each metallicity. Blue filled circles mark the
values of the masses, while the horizontal extent of each light blue region is proportional to the
number of IMBHs at a given mass value.

5.3.2.2 Escaped IMBHs

Figure 5.4 shows only IMBHs which do not escape from their host SC. In our simu-

lations, we find that ∼ 54.2% of all the formed IMBHs are ejected from the SC. The

fraction of IMBHs with mass mIMBH < 150 M¯which escape from their host SC is

∼ 57.0%, and only ∼ 31.8% for IMBHS with mIMBH ≥ 150 M¯. This means that more

massive IMBHs are more likely to be retained by their host SC. Figure 5.5 shows the

distribution of the escape times tesc of ejected IMBHs. All IMBHs and especially

the less massive ones tend to be ejected within the first 25 Myr, with a strong peak

between 5 and 15 Myr. More massive IMBHs tend to escape at later times with re-

spect to the less massive ones. Figure 5.6 shows the escape times for IMBHs which

formed in SCs with initial mass smaller/larger than 5000 M¯. All the ejected IMBHs

which form in less massive SCs escape within the first 40 Myr, while in more mas-
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Figure 5.2: Formation history of the most massive IMBH found in our simulations. Main se-
quence stars (with label MS) are represented as blue stars; core helium burning stars (label
cHeB) are visualized as red stars with a blue core; black holes (label BH) are shown as black
circles. The mass of each object is shown next to them. The time axis and the size of the objects
are not to scale.

sive SCs IMBHs may escape at later times. Both the distributions peak around 10

Myr. We find that the percentages of escaped IMBHs which form in SCs with initial

mass MSC < 5000 M¯and MSC ≥ 5000 M¯are 37.7% and 59.8%, respectively. This

means that IMBHs are more likely to be ejected from more massive SCs. This may

seem surprising, because we expect more massive SCs to be able to better retain

IMBHs due to their larger escape velocities. Massive SCs, however, have denser

cores where dynamical interactions that may eject IMBHs are more frequent.
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Figure 5.3: Mass evolution of 3 stars which end up forming an IMBH. Yellow stars mark stellar
mergers. Black filled circles indicate the moment when the IMBH form.

5.3.3 IMBHs in binaries

IMBHs are the most massive objects which form in our simulations, and therefore

they are very likely to interact with other stars and form binary systems. In our

simulations, IMBHs spend ∼ 85% of the time, on average, being part of a binary or

triple system. Figure 5.7 shows the evolution of the companion mass mcomp (top

panel), the eccentricity e (middle panel) and the semi-major axis a (bottom panel)

for the 5 most massive IMBHs that form in our simulations. Besides the orange one,

which escapes from the SC after ∼ 10 Myr, all the represented systems spend almost

all their time in binary systems. Middle and bottom panel of Figure 5.7 show that

these binaries are subject to continuous dynamical interactions which perturb the

orbital properties. Eccentricity wildly oscillates and it tends to assume values be-

tween 0.6 and 0.9. Each variation of eccentricity corresponds to a smaller variation

of the semi-major axis, which tends to shrink over time. We have re-simulated these
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Figure 5.4: Evolution of rIMBH (distance of the IMBHs from the center of mass of the SC). The
blue line shows the median of the values of rIMBH, while the red line is the median of the 10%
Lagrangian radii of the host SCs. The filled areas represent the 25th-75th percentile confidence
intervals. Only IMBHs which do not escape from their host SC are shown in this figure. A
simple moving average over 5 timesteps has been performed on the values to remove statistical
fluctuations.
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Figure 5.5: Distribution of the escape times tesc of the IMBHs. All IMBHs are shown by the
solid black line. IMBHs with mass mIMBH < 150 M¯ are shown by the dotted red line, while
IMBHs with mass mIMBH ≥ 150 M¯ are shown by the dashed blue line.

SCs for up to 1 Gyr to check for possible GW mergers, but none of them did merge.

We do not exclude the possibility that in some cases, dynamical interactions in SCs

may lead to the GW merger of BBHs with IMBH members. From the top panel, it is

evident how IMBHs tend to couple with other very massive members of the SC; this

happens because IMBHs are the most massive objects in the SCs, and dynamical

exchanges favour the formation of more massive binaries, which are more ener-

getically stable (Hills and Fullerton, 1980). Figure 5.8 shows the distribution of the

stellar types of the IMBH’s companions. Besides main sequence stars, which are

the most common stars in SCs, we see that the most common binary companions

of IMBHs are BHs and neutron stars, i.e. the most massive objects which populate

the simulated SCs.
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Figure 5.6: Probability distribution functions of the escape times tesc of the IMBHs. All IMBHs
are shown by the solid black line. IMBHs formed in SCs with mass MSC < 5000 M¯ are shown
by the dotted red line, while IMBHs formed in SCs with mass MSC ≥ 5000 M¯ are shown by the
dashed blue line.

5.3.3.1 IMBHs in BBHs

We analyze the properties of all BBHs which host at least one IMBH in our simula-

tions. From Figure 5.8, it is evident that IMBHs are extremely efficient in finding a

companion BH: ∼ 70% of all IMBHs reside in a BBH at the end of the simulations.

Figure 5.9 shows the total mass of the binaries Mtot = m1 +m2 as a function of the

mass ratio q = m2/m1 (with m2 < m1) of all the BBHs that have at least one IMBH

member. The binary with the smallest mass ratio has q ∼ 0.04 and secondary mass

m2 ∼ 4.2 M¯. The most massive BBH has masses m1 ∼ 438M¯and m2 ∼ 50M¯. Val-

ues of mass ratio q . 0.6 are the most likely, but we find some binaries with q up to

∼ 0.99. Overall, binaries hosting an IMBH have lower mass ratios than other BBHs

(see Figure 5 of Di Carlo et al. 2020b, where we show that the vast majority of BBHs

in young SCs have q ∼ 0.9−1). This is expected, because SCs with more than one

IMBH are very rare, and IMBHs can thus couple only with lower mass BHs. We find
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Figure 5.7: Evolution of the mass of the IMBH companion mcomp (top panel), eccentricity e
(middle panel) and semi-major axis a (bottom panel) of the binaries which contain the five
most massive IMBHs formed in our simulations. Colored filled circles represent the moment
when the IMBH forms.
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Figure 5.8: Distributions of the stellar types of the companions of IMBHs throughout all the
simulations (0−100 Myr). The represented stellar types are: Main sequence (MS); Hertzsprung
gap (HG); core Helium burning (CHeB); asymptotic giant branch (AGB); Wolf-Rayet (WR); white
dwarf (WD); neutron star (NS) and black hole (BH).

only one binary made of two IMBHs, with masses m1 ∼ 113M¯ and m2 ∼ 114M¯.

Its formation history is shown in Figure 5.10. First, two massive BHs of ∼ 113M¯
and ∼ 57M¯ which formed via runaway collision dynamically couple and form a

BBH. Then, a third BH of mass ∼ 57M¯ perturbs the BBH and in the process merges

with the secondary BH of the binary, forming the binary IMBH. The formation of

this binary involves both the runaway collision and the BBH merger mechanisms.

We find no gravitational wave mergers of BBHs which host IMBHs; our SCs are rel-

atively small and disrupt quickly, so that the binary does not have enough time to

harden via dynamical interactions. Mergers of BBHs with at least one IMBH com-

ponent seem to be very rare events even in much more massive SCs (e.g. Kremer

et al. 2020).
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Figure 5.9: Mass ratio q = M2/M1 versus total mass Mtot = M1 + M2 of BBHs which host at
least one IMBH. Circles, triangles and stars refer to Z = 0.02, 0.002 and 0.0002, respectively.
The marginal histograms show the distribution of q (on the y−axis) and Mtot (on the x−axis).
Solid blue, dot-dashed green and dashed red histograms refer to Z = 0.0002, 0.002 and 0.02,
respectively.

5.3.4 Properties of SCs

The presence of IMBHs may influence the evolution and the characteristics of the

host SCs. Finding possible signatures of the presence of an IMBH in SCs may help

us to understand whether observed SCs host or not an IMBH.
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Figure 5.10: Formation history of the binary IMBH found in our simulations. Main sequence
stars (with label MS) are represented as blue stars; core helium burning stars (label cHeB) are
visualized as red stars with a blue core; black holes (label BH) are shown as black circles. The
mass of each object is shown next to them. The time axis and the size of the objects are not to
scale.
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5.3.4.1 SC mass

Figure 5.11 shows the initial mass of the host SC as a function of the mass of the

IMBH. The most massive IMBHs form preferentially in massive SCs. From the

marginal histogram which shows the distribution of MSC, it may seem that IMBHs

are slightly more numerous in small SCs. However, we stress that we adopted a

mass function d N /d MSC ∝ M−2
SC (grey dashed line in the histogram), so that small

SCs are way more common. As confirmed by Table 5.2, IMBHs form more effi-

ciently in massive SCs where dynamics is more important. For example, IMBHs

form in ∼ 8% of SCs with 10000M¯ ≤ MSC ≤ 30000M¯ and in only . 1% of SCs with

1000M¯ ≤ MSC < 5000M¯. In our simulations, IMBHs at solar metallicity form only

in massive SCs.

5.3.4.2 Fractality and initial half mass radius

In Figure 5.12 we compare the IMBH mass distributions of different simulation sets.

Simulations with low fractality (D2019LF) produce more massive IMBHs than high

fractality ones (D2019HF). From Table 5.2, however, we see that the D2019HF set

is more efficient than D2019LF in producing IMBHs. This means that high frac-

tality helps to produce a larger number of IMBHs, but with lower mass. This is

explained by the fact that SCs with high fractality have smaller and denser clumps

where mergers are more likely to happen. This increases their efficiency in form-

ing IMBHs. On the other hand, however, the various clumps may merge together

on a timescale larger than the IMBH formation timescale. While it is easier to form

a small IMBHs in a single clump, stars from more clumps may be needed to form

higher mass IMBHs. In lower fractality SCs, clumps are larger and less dense and

they merge together earlier; collisions and mergers between stars are less likely, but

there are more available stars to form the IMBH.

A similar effect can be observed if we compare the sets D2020A and D2020B in Fig-

ure 5.12 and in Table 5.2. The SCs in D2020A have a much smaller initial half mass

radius than in D2020B, but they both have the same degree of fractality (D = 1.6).

This means that the clumps will have approximately the same number of stars, but

different densities. Set D2020A is indeed more efficient in forming IMBHs, but the

mass distributions are comparable.
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Figure 5.11: Mass of the host SC (MSC) versus the mass MBH of IMBHs. The marginal his-
tograms show the distribution of MSC (y−axis) and MBH (x−axis). The black filled symbols
refer to BHs in BBHs, while the open symbols show single BHs. The solid blue, dot-dashed
green and dashed red histograms refer to Z = 0.0002, 0.002 and 0.02, respectively. The grey
dashed line shows the SC mass function in our simulations (d N /d MSC ∝ M−2

SC ).

5.3.4.3 SC radii

We check if the presence of IMBHs affects the evolution of the Lagrangian radii of

the simulated SCs. Figure 5.13 shows the evolution of the 10%, 30%, 50% and 70%

Lagrangian radii of SCs with and without IMBHs. It is clear that SCs with IMBHs

rapidly expand in the first few Myr. Higher Lagrangian radii expand more, meaning

that the expansion is stronger in the outer region of the SCs. This effect is explained

by the fact that the IMBH heats the SC, scattering stars to less bound orbits and

making it rapidly expand (Baumgardt et al., 2004). After the initial expansion, the

radii of the SCs with IMBHs flatten out. After ∼ 65 Myr, the two rlagr,10 overlap and

start behaving the same way. At the end of the simulations, the values of the 10%
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Figure 5.12: Distributions of IMBH masses for the different simulation sets. Blue filled circles
mark the values of the masses, while the horizontal extent of each light blue region is propor-
tional to the number of IMBHs at a given mass value. We refer to Table 5.1 for details on the
different sets.

and 30% radii of SCs with and without IMBHs are almost the same. The presence

of the IMBH has a stronger impact on radii in the first stages of the evolution of the

SCs. We also check the behavior of radii calculated accounting only for "luminous"

objects (observative radii), i.e. radii calculated excluding BHs and NSs. Figure 5.14

shows the differences between the Lagrangian radii rlagr,10,rlagr,50 and the observa-

tive Lagrangian radii rlagr,10,obs,rlagr,50,obs. Observative radii tend to expand more.

Observative radii of SCs with IMBHs tend to expand more with respect to SCs with-

out IMBHs, if compared to non-observative radii, especially at later times.

5.4 Conclusions

Intermediate mass black holes (IMBHs) have mass in the range 102 −105 M¯ and

bridge the gap between stellar-sized black holes (see e.g. Spera et al., 2015) and
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Figure 5.13: Time evolution of the median of the Lagrangian radii rlagr,10, rlagr,30, rlagr,50 and
rlagr,70. Solid lines refer to SCs which contain at least one IMBH; dashed lines refer to SCs which
do not contain IMBHs. Each radius is normalized to its initial value. A simple moving average
over 5 timesteps has been performed on the values to remove statistical fluctuations.

super-massive BHs (e.g., Kormendy and Ho, 2013; Mezcua, 2017b). Currently, we

lack direct unambiguous evidence of IMBH’s existence from electromagnetic ob-

servation, but we have several strong candidates (Farrell et al., 2009; Kormendy and

Ho, 2013; Godet et al., 2014; Reines and Volonteri, 2015; Kızıltan et al., 2017b). Here,

we have investigated the formation of IMBHs in young SCs through BBH mergers

and the runaway collision mechanism.

In our simulations, 209 IMBHs form via the runaway collision mechanism, and 9

IMBHs form via BBH mergers. A maximum of 2 IMBHs per SC form in my simula-

tions. IMBHs form with mass up to ∼ 438M¯, but ∼ 78% of all the formed IMBHs

have a mass between 100M¯and 150M¯. Less massive IMBHs are more likely to

form.
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Figure 5.14: Time evolution of the median of the Lagrangian radii rlagr,10, rlagr,50 and of
the observative Lagrangian radii (i.e. Lagrangian radii calculated excluding compact objects)
rlagr,10,obs, rlagr,50,obs. Solid lines refer to SCs which contain at least one IMBH; dashed lines
refer to SCs which do not contain IMBHs. Each radius is normalized to its initial value. A sim-
ple moving average over 5 timesteps has been performed on the values to remove statistical
fluctuations.

As expected, IMBH formation is much less efficient at higher metallicities because

stellar winds are more powerful: only four IMBHs form at solar metallicity. The

percentage of the simulated SCs which form at least one IMBH, grows as metallicity

decreases, going from 0.15% at Z = 0.02 to 3.5% at Z = 0.0002. IMBHs form more

efficiently in massive SCs, where dynamics is more important. For example IMBHs

form in ∼ 8% of SCs with 10000M¯ ≤ MSC ≤ 30000M¯ and in only . 1% of SCs

with 1000M¯ ≤ MSC < 5000M¯. In our simulations, we find that ∼ 54.2% of all the

formed IMBHs are ejected from the SC, preferentially in the first ∼ 25 Myr from

the beginning of the simulations. Those IMBHs that are not ejected rapidly sink

towards the center the SC after their formation and stay there until the end of the

simulation. IMBHs are more likely to be ejected if their mass is low and if the mass
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of their host SC is larger.

Due to their high mass, IMBHs are very likely to dynamically interact with other

stars and form binary systems. In my simulations, IMBHs spend ∼ 85% of the time,

on average, being part of a binary or triple system. IMBHs tend to pair up with other

massive BHs in the SC, because dynamical exchanges favour the formation of more

massive binaries, which are more energetically stable (Hills and Fullerton, 1980).

We find no gravitational wave mergers of BBHs which host IMBHs, but we do not

exclude the possibility that in some cases, dynamical interactions in SCs may lead

to the GW merger of BBHs with IMBH members.

SCs with IMBHs tend to expand more than SCs without IMBHs. The expansion

happens in the first ∼ 20 Myr. Larger Lagrangian radii expand more, meaning that

the expansion is stronger in the outer regions of the SCs. This effect is stronger

for radii calculated accounting only for "luminous" objects, i.e. excluding BHs and

neutron stars.

124



C
H

A
P

T
E

R

6
CONCLUSIONS

In this Thesis, I have used numerical simulations to investigate the formation path-

ways and the characteristics of black holes (BHs) and binary black holes (BBHs) in

young star clusters (SCs), focusing on gravitational wave (GW) sources.

To perform the study, I used direct N-body simulations and population-synthesis

simulations. In particular, I have interfaced the widely used direct N-body code

NBODY6++GPU (Wang et al., 2015) with the population-synthesis code MOBSE

(Giacobbo et al., 2018), in order to perform state-of-the-art simulations with up-

to-date stellar evolution. I produced a vast set of ∼ 104 simulations of SCs with

different initial masses (103 M¯ ≤ MSC ≤ 3 ·104 M¯), metallicity and radius and an-

alyzed them to extrapolate my results. With respect to previous work, which in-

cluded no initial binaries or ≤ 20% initial binary fraction, I have integrated my SCs

with a 40% initial binary fraction, which rises to 100% if only massive stars are con-

sidered (Küpper et al., 2011). This is a fundamental choice, if we consider that ob-

servations suggest a ∼ 100% initial binary fraction among massive young stars in

SCs (e.g. Sana et al. 2012). Furthermore, we adopted fractal initial conditions to

mimic the clumpiness of star-forming regions.

First of all, my simulations show that BBHs are strongly affected by dynamics (Di

Carlo et al., 2019). Merging BBHs which evolve in SCs are significantly heavier than

the ones evolved in isolation: merging BBHs with total mass up to ∼ 140M¯ form in

young SCs, while the maximum total mass of merging BBHs in isolated binaries is

only ∼ 80M¯. Merging BBHs in SCs tend to have smaller mass ratios than BBHs in

isolated binaries. Exchanged BBHs reach higher total masses and lower mass ratios

than original BBHs (i.e. BBHs that form from stellar binaries already present in the

initial conditions). We find that metallicity strongly affects the mass spectrum: low

metallicity favours the formation of more massive BHs, BBHs and merging BBHs

because stars lose less mass by stellar winds (Di Carlo et al., 2020b).

Another important difference between isolated and dynamical binaries is the

merger efficiency (i.e. the number of mergers divided by the total simulated mass).

Even if at lower metallicities the differences are negligible, at solar metallicity the

merger efficiency is about two orders of magnitude higher for dynamical BBHs with

respect to isolated BBHs. Assuming that all the cosmic star formation rate takes

place in YSCs, we find a local merger rate ∼ 55−110) Gpc−3 yr−1. This shows that

most BBH mergers might have originated in young SCs.
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My simulations show that BHs with mass in the pair instability (PI) mass gap can

form via multiple stellar mergers in young SCs (Di Carlo et al., 2020a); the merger

between an evolved star (a giant with a well developed helium core) and a main

sequence star can give birth to a BH with mass in the gap, provided that the star

collapses before its helium core grows above ∼ 32M¯. At the end of my simula-

tions, ∼ 5.6%, ∼ 1.5% and ∼ 0.1% of all BHs have mass in the PI gap for metallicity

Z = 0.0002, 0.002 and 0.02, respectively. BHs in the gap can form via isolated bi-

nary evolution as well (Spera et al., 2019b), but when they form in a SC they can

acquire a new companion through dynamical exchanges and eventually merge via

GW emission. In my simulations, several BHs with masses in the gap end up form-

ing a BBH through dynamical exchanges. BBHs having at least one component in

the mass gap are ∼ 20.6 %, ∼ 9.8 % and ∼ 0.5 % of all BBHs in our simulations, for

metallicity Z = 0.0002, 0.002 and 0.02, respectively. Thanks to dynamical harden-

ing, such BBHs may also merge via GW emission: ∼ 2.1 % (∼ 2.2 %) of all BBHs

merging within a Hubble time have at least one component in the mass gap for

metallicity Z = 0.002 (Z = 0.0002). We find no merging BBHs in the mass gap at

solar metallicity. Merging BBHs in the mass gap form preferentially in the most

massive SCs we simulate (MSC ≥ 6000 M¯). We predict that ∼ 5% of all BBH merg-

ers detected by LIGO and Virgo at design sensitivity have at least one component in

the PI mass gap, under the assumption that all stars form in young SCs.

My models are in agreement with the detections of the LIGO and Virgo collabora-

tion (LVC). In particular, the most massive events reported by the LVC (GW170729

and GW190521, Abbott et al. 2019a; Abbott et al. 2020), can be explained only

with dynamical BBHs, and mostly by exchanged BBHs in metal-poor SCs. Even

GW190412, the first unequal-mass BBH merger, can be explained only by BBHs

born in SCs: according to our models, isolated binaries can hardly explain such ex-

treme mass ratios. Di Carlo et al., 2019 predicted the existence of merging BBHs in

the PI mass gap before GW190521 was detected (Abbott et al., 2020).

Finally, intermediate black black holes (IMBHs) with masses up to ∼ 440M¯ form in

my simulations via the runaway collision scenario (e.g. Portegies Zwart and McMil-

lan 2002; Mapelli 2016). IMBHs form preferentially in more massive SCs. The frac-

tion of IMBHs with respect to the total number of BHs is ∼ 0.4 %, ∼ 0.2 % and

∼ 0.02 % for metallicity Z = 0.0002, 0.002 and 0.02, respectively. IMBHs are ex-

tremely efficient in finding a companion BH: ∼ 70% of all IMBHs reside in a BBH

at the end of the simulations. We find no merging BBHs which host an IMBH. SCs

with IMBHs tend to expand more than SCs without IMBHs. The expansion is faster
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in the first ∼ 25 Myr. Larger Lagrangian radii expand more, meaning that the ex-

pansion is stronger in the outer regions of the SC.
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ACRONYMS

BH : black hole

BBH : binary black hole

CE : common envelope

ECSN : electron capture supernova

GC : globular cluster

GW : gravitational wave

IMF : initial mass function

OC : open cluster

PISN : pair-instability supernova

PPI : pulsational pair-instability

SC : star cluster

SN : supernova

WR : Wolf-Rayet

YSC : young star cluster

ZAMS : zero age main sequence
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